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Abstract
The High Energy Stereoscopic System (H.E.S.S.) – an array of four Imaging Atmospheric
Cherenkov Telescopes located in the Khomas highlands of Namibia – explores the non-
thermal universe by means of very-high-energy (VHE; >100GeV) γ-ray emission. Its high
sensitivity and large field-of-view make it the ideal instrument for a survey of the Milky
Way in VHE γ-rays. The H.E.S.S. Galactic Plane Scan resulted in the most complete
view of our Galaxy achieved so far in this energy regime. The results of this extensive
survey will be presented in this work. From the 45 VHE γ-ray sources detected so far
within the Galactic Plane, a short summary is given for the 19 sources detected within
the framework of this thesis and three representative sources were analyzed in even more
detail: HESS J1912+101 was detected in the vicinity of an energetic pulsar, suggesting
a pulsar wind nebula origin of the γ-ray emission. A clear signal of VHE γ-ray emission
was also detected from RCW 86, a well-known shell-type supernova remnant. And finally,
HESS J1708-441 was discovered in the vicinity of the well known pulsar PSR B1706-44,
but cannot be clearly associated with this strong counterpart. As the energy spectra of
these sources yield most valuable information about the processes at work in the underlying
astrophysical objects, extensive studies of the spectral extraction method were performed
to ensure their correct determination.
Kurzfassung
H.E.S.S. ist ein Experiment zur Erforschung des nicht-thermischen Universums duch die
Detektion sehr hochenergetischer Gamma-Strahlung. H.E.S.S. besteht aus vier abbilden-
den Cherenkov Teleskopen im Khomas Hochland von Namibia. Die hohe Sensitivita¨t und
das grosses Gesichtsfeld befa¨higen H.E.S.S. zu einer grossfla¨chigen Durchmusterung der
Galaktischen Ebene. Dieses Durchmusterung resultierte in der bisher vollsta¨ndigsten Kar-
tographierung unserer Galaxie in dem Energiebereich zwischen 100GeV und 100TeV. Die
Ergebnisse werden in dieser Abhandlung vorgestellt. Von der grossen Anzahl an Quellen
– 45 an der Zahl – werden die 19 Quellen, welche im Rahmen dieser Arbeit entdeckt wur-
den, naeher beschrieben und drei representative Quellen gesondert analysiert: Zum einen
HESS J1912+101, eine Quelle, die in der Na¨he eines hochenergetischen Pulsares entdeckt
wurde. Die positionelle Koinzidenz legt eine Assoziation mit einem Pulsar-Wind-Nebel
(PWN) nahe. Ebenfalls na¨her untersucht wird die Emission hochenergetischer Gamma-
Strahlung von dem bekannten Supernovau¨berrest RCW 86. Als letztes vorgestellt wird
HESS J1708-44, eine Quelle in der Umgebung des bekannten Pulsaren PSR B1706-44, die
trotz des suggestiven Gegenstu¨cks keine klare Zuordnung erlaubt. Da die Energiespektren
der obengenannten Quellen wertvolle Informationen u¨ber die zugrundeliegenden Prozesse
innerhalb der assoziierten Objekte liefern, werden zusa¨tzlich die Methoden der Spektrums-
bestimmung im Detail beschrieben und ausfu¨hrlichen Tests unterzogen.
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On a clear night, when we look at the Milky Way with our bare eyes, we see a tranquil
universe, consisting mainly of silently burning stars and hot gas. Beyond this “thermal”
universe, at wavelengths not observable by human eyes, a violent universe emerges. It
contains objects which accelerate particles to energies far beyond what is reachable by man-
made particle accelerators. These cosmic accelerators might not be numerous compared to
ordinary stars, but the energy contained in the particles they produce is comparable to the
total energy in the interstellar magnetic field and the kinetic energy of all the interstellar
gas in our Galaxy. Their effect on the evolution of our Galaxy is therefore considerable.
When a massive star ends its life in a supernova explosion, enormous energies are
released. Part of this energy is channeled into the acceleration of charged particles. For
many years now, supernova remnants have been considered the most likely origin of the
cosmic rays, a stream of energetic ions hitting the Earth’s atmosphere. But even a hundred
years after the discovery of these cosmic rays, this concept for their origin is still not
proven unambiguously. While with the detection of synchrotron radiation in the radio
and X-ray regime, the acceleration of electrons to GeV and TeV energies was established,
ion acceleration in these objects to even higher energies remains still to be proven. Very
high energy (VHE; >100GeV) gamma-ray astronomy is considered a promising approach
to tackle this problem by observing the gamma-rays produced in collisions of high energy
ions with the ambient medium.
Unlike the very high energy regime, detailed surveys carried out at radio/X-ray energies
(e.g. by the VLA or ROSAT) are available since a long time. They provide the grounds
to study high energy electrons in these and other accelerators through synchrotron radi-
ation. In the GeV range, satellite based gamma-ray observatories such as the Energetic
Gamma Ray Experiment Telescope (EGRET) have been used for the detection of gamma-
rays originating in protron-protron interactions or being inverse Compton radiation from
these objects. A survey of the galaxy at very high energies – an energy range where ob-
servations are less hampered by diffuse gamma-ray emission from the Galactic plane – was
not possible so far because of lack of sensitivity of ground-based instruments. With the
H.E.S.S. experiment, for the first time, a most complete view of the Milky Way in VHE
gamma-rays became available.
The High Energy Stereoscopic System (H.E.S.S.) is an array of four Cherenkov tele-
scopes, located in the Khomas Highlands of Namibia. Due to the possibility of detecting
the VHE gamma-rays with more than one telescope at a time (stereoscopic approach), it
is the most sensitive instrument for VHE gamma-ray astronomy at the moment. With its
large field of view and its high sensitivity, it is the ideal instrument for detailed morpho-
logical and spectral studies of extended sources. Furthermore, these properties together
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with its location in the southern hemisphere make it well suited for a systematic survey of
the Galactic plane to search for unknown VHE gamma-ray sources.
When H.E.S.S. started operation in the year 2003, only very few VHE gamma-
ray sources were known, which were discovered by the first generation of Cherenkov
telescopes. Since then, H.E.S.S. has played a major role to increase the number of
sources. It discovered VHE gamma-rays from well-known shell-type supernova remnants
like RX J1713.7-3946 (Aharonian et al. (H.E.S.S. collaboration), 2007d) and pulsar wind
nebulae like HESS J1825-137 (Aharonian et al. (H.E.S.S. collaboration), 2005b). Due to
its good angular resolution, H.E.S.S. was able to resolve the morphology of these sources
and perform detailed spectral studies, which added valuable information to the theoretical
models describing the underlying processes.
In the first phase of its Galactic plane survey, which mapped the inner 60◦ in Galactic
latitude, 14 additional, previously unknown, VHE gamma-ray sources were discovered
(Aharonian et al. (H.E.S.S. collaboration), 2006h). Recently, the Galactic Plane survey
has been extended to larger Galactic longitudes (l) and covers now the regions in between
l= 280◦ and l= 60◦. The result is the most complete view of the inner Galactic plane
achieved so far in VHE gamma-rays. In this work, a detailed analysis of the full survey is
presented which resulted in the discovery of additional 19 sources. The possible associations
range from pulsar wind nebulae through supernova remnants to more exotic sources like
open star clusters. Of these, three sources representative of the typical VHE gamma-
ray emitters were analyzed in detail: HESS J1912+101 was detected in the vicinity of
an energetic pulsar suggesting a pulsar wind nebula as possible origin of the gamma-ray
emission. Other associations were also investigated using additional multi-wavelength data.
For RCW 86, a well-known shell-type supernova remnant, the association of the VHE signal
is clearer. Detailed morphological studies were performed in an attempt to resolve the shell-
like structure also in VHE gamma-rays — ultimately, a task that will have to wait for more
data. And finally, HESS J1708-441 nicely illustrates the problems of identification even
when strong counterparts like the energetic pulsar PSR B1706-44 exist.
The outline of this thesis is as follows:
 In Chapter 1, the acceleration of charged particles and the different scenarios of pho-
ton production are briefly introduced. Furthermore, the properties of VHE gamma-
ray emitters identified to date are shortly described.
 An overview of the H.E.S.S. experiment and the underlying working principles of the
Imaging Atmospheric Cherenkov technique will be given in Chapter 2 together with
a short description of the H.E.S.S. data analysis scheme. The chapter concludes with
a short characterization of the H.E.S.S. performance.
 In Chapter 3 the extraction of energy spectra from the H.E.S.S. data is described.
As the energy distribution of the parent population is directly related to the energy
spectra of the observed gamma-rays, such spectra contain vital information for further
interpretation. Two different methods are introduced in detail and their systematics
differences are evaluated.
 In Chapter 4 the H.E.S.S. Galactic plane survey is presented. The available data set
is introduced together with an overview of all the VHE gamma-ray sources detected
along the Galactic plane.
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 Chapter 5 deals with the detailed analyses of the three VHE gamma-ray sources:
HESS J1912+101, RCW 86 and HESS J1708-441. The morphology and the energy
spectrum of each of these sources are measured. Extensive multi-wavelength studies
help to interpret the observations. Possible associations of the gamma-rays sources
are proposed, constraining the source parameters in the process.
 In Chapter 6 the findings of this thesis are discussed within the context of Galactic






After the detection of a VHE γ-ray source, a basic understanding of the physical processes
at work is essential for the interpretation of the observed characteristics. This chapter is
intended as a short summary of the relevant processes needed for the individual source
analysis presented in Chapter 5. Special emphasis will be placed on the chararctersitics
directly related to the observed VHE γ-ray emission, including the acceleration of charged
particles, the photon production processes, as well as the basic characteritics of the astro-
physical accelerators influencing the efficiency of the particle acceleration.
VHE γ-radiation cannot be produced in thermal processes, but has to be emitted
by particles accelerated to very high energies. Thus, VHE γ-ray sources are always re-
lated to particle acceleration. Shock fronts, which occur in many astrophysical objects,
like supernova remnants and pulsar wind nebulae, are proven to be sites of particle ac-
celeration with sufficiently high maximum energies to generate the VHE γ-ray emission
(see e.g. Koyama et al., 1995). The most successful theories to explain the acceleration
of charged particles in shock fronts are variations of the first order Fermi process (Fermi,
1949): Charged particles undergo pitch-angle scattering on magnetic inhomogenities in the
fluid rest frame on each side of the shock front, thereby cross and re-cross the shock front
and undergo acceleration in the process. As the energy gain is proportional to the particle’s
energy, the resultant energy distribution follows a power law N(E)dE ∝ E−αdE, the index
α being aproximately 2 for strong shocks. The exact shape of the energy spectrum and its
maximum energy depends strongly on the details of the acceleration process and therefore
on the type of accelerator. Supernova remnants shocks, for example, which move with non-
relativistic speeds, exhibit characteristics different from the relativistic shocks occurring in
pulsar wind nebulae. Especially in the case of non-relativistic shocks, the acceleration
can be so efficient – in particular at the highest energies – that the back-reaction of the
accelerated particles modifies the structure of the shock front. The process of Fermi-type
acceleration in shock fronts will be shortly summarized in the following section. As the
expected energy spectra of the accelerated particles differ slightly in shape and maximum
energy, the cases of non-relativistic and relativistic shocks will be distinguished.
The accelerated particles produce electromagnetic radiation through their interaction
with the ambient matter, with photon and magnetic fields. Protons scatter in-elastically
off the nuclei of the surrounding matter. In these interactions, π0 and η, are produced,
which, in turn, decay into photons (hadronic scenario). Electrons and positrons 1 emit
1From now on positrons will not be treated separately and simply referred to as electrons.
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synchrotron radiation in the presence of magnetic fields or up-scatter ambient photons in
an inverse Compton process (leptonic scenario). If the particle (either proton or electron)
was energetic enough, the energy of the emitted photons is in the VHE γ-ray regime and
therefore detectable by the H.E.S.S. experiment. Details of the hadronic and the leptonic
scenarios will be presented in Section 1.2, including a model for the resultant spectral
energy distribution (SED).
The efficiency and the maximum energy of the shock acceleration depends strongly on
the characteristics of the shock front and its surrounding and these are subject to change
following the evolution of the related astrophysical object. The velocity of the expanding
shock front in a SNR strongly influences the maximum energy reachable through shock
acceleration. This velocity decreases with time in a non-constant manner, while the SNR
is living through its different evolutionary stages. A model for the time dependence of the
SNR shock velocity and its influence on the maximum particle energy will be summarized,
aiding the interpretation of VHE γ-ray emission observed from SNRs.
Besides the shell-type supernova remnants, pulsar wind nebula as sources of VHE γ-
ray emission will be introduced, starting with a short summary of the necessary pulsar
characteristic. Emphasis, however, will be placed on the structure of the PWN, the particle
acceleration occuring within them and the PWN characteristics at VHE energies.
1.1 Shock Acceleration
In astrophysical objects, the occurrence of strong shocks is often accompanied by a popu-
lation of very energetic particles reaching far beyond the thermal energy domain. In the
supernova remnant SN1006 (Koyama et al., 1995), observations of X-ray synchrotron emis-
sion seem to provide proof for the presence of particles with energies of at least 100 TeV.
Diffusive shock acceleration (DSA) was proposed by many authors as the acceleration mech-
anism at work within non-relativistic shocks, found e.g. in the expanding shells of supernova
remnants (Krymskii, 1977; Axford et al., 1978; Bell, 1978a,b; Blandford & Ostriker, 1978).
DSA relies on repeated scattering off magnetic irregularities to confine charged particles
for some time close to the shock. The multiple scattering leads to an isotropic particle
velocity distribution in the rest frame of the fluid on either side of the shock. The resulting
adjustment of a particle’s net-momentum to the fluid bulk motion leads to an increase of
the particle’s energy whenever it crosses the shock, no matter in which direction (from
upstream to downstream or vice versa). Shock acceleration by relativistic shocks operates
by a similar principle; however, it cannot be called diffusive any more, as upstream parti-
cles are in general not isotropically scattered before they are overtaken by a shock which
moves at a relativistic speed. Even though the interest in this relativistic shock acceleration
(RSA) has been sparked by extragalactic sources (Peacock, 1981), it is equally applicable to
the standing termination shocks of pulsar driven winds giving rise to VHE γ-ray emitting
pulsar wind nebulae (e.g. Achterberg et al., 2001).
Both, DSA and RSA, produce energetic particle populations exhibiting approximately
power-law shaped energy distributions N(E)dE ∝ E−αdE, whereby the slope α is deter-
mined by the mean energy gain per shock crossing cycle β = EfEi (Ei,f = energy before
6
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(i) and after (f) a crossing cycle) and the mean probability Pret per cycle that a particle
returns to the shock (Achterberg et al., 2001):




Equation 1.1 illustrates the main difference between DSA and RSA. In the case of DSA,
the return probability is high, leading to many crossings per particle, while the energy gain
per crossing remains low. In the case of RSA the situation is inverted: the particles cross
the shock front only a few times, but gain more energy per crossing. Both acceleration
scenarios will be discussed in more detail below.
1.1.1 Diffusive Shock Acceleration
In the case of DSA, particles gain the same amount of energy in both crossing directions, as
their distribution becomes completely isotropic before the next crossing of the shock front.












where r = ρd/ρu =
γ+1
γ−1+2M−2 is the compression factor of the shock front, ρu,d the density
upstream and downstream of the shock, γ the ratio of the specific heats, M the Mach
number of the shock and Vs is the velocity of the shock front in the laboratory frame. In
case of a strong shock (M →∞ ) in a non-relativistic mono-atomic plasma (γ = 5/3) the
compression factor approaches r → 4. As the shock front moves at non-relativistic speeds
(Vs ≪ c), Equation 1.3 illustrates that the escape probability per cycle is very low, but




r − 1 (1.4)
for r → 4, α approaches 2.
The necessary isotropy for efficient particle acceleration is reached through elastic scat-
tering off magnetic inhomogeneities (Bell, 1978a). On the downstream side of the shock,
these inhomogeneities are created either by the advection of turbulence through the shock
front or by irregular gas flows in this region. Upstream of the shock they may arise from
self excited Alfve´n waves, which are created when the streaming velocity of the particles
exceeds the Alfve´n speed. Through the scattering, the particles’ streaming velocity is
reduced to the Alfve´n speed (∼10 km/s), which makes it inevitable that they are again
overtaken by the shock front (Bell, 1978a). The timescale of this acceleration process is
given by (Drury, 1983):
tacc =
3r






where Du,d are the upstream and downstream diffusion coefficients, respectively. Equa-
tion 1.5 illustrates the dependence of the acceleration efficiency on the randomization of
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the particle’s velocity distribution: the acceleration timescale is reduced with decreasing dif-
fusion coefficients, which relates to a faster randomization. The magnetic inhomogeneities
that are most efficient at scattering particles are those where the length scale is compa-
rable to the particle’s gyro-radius. The fastest kind of diffusion, i.e. the one with the
smallest diffusion coefficient, is therefore the Bohm diffusion, as it corresponds to a totally
random field on all scales. It is often used as a valid approximation due to the existence of
self-excited Alfve´n waves. The Bohm diffusion coefficient is given as (Parizot et al., 2006):







Its dependence on the magnetic field leads to a difference between Du and Dd even in the
Bohm limit. The downstream magnetic field Bd is given by the upstream magnetic field






It should be noted that only particles with high enough initial energy can be accelerated
in DSA. The initial energy of the particles injected into the acceleration process must be
high enough such that the particles can cross the shock front multiple times unhampered.
The necessity of such an initial population of energetic particles (injection problem) is
subjection of intensive theoretical research, for a review, see Malkov & O’C Drury (2001).
Non-linear Modifications
The previously mentioned treatment ingnored any back-reaction of the accelerated parti-
cles on the shock itself. However, particle acceleration at non-relativistic shocks can be so
efficient that the accelerated particle population modifies the shock structure (shock modi-
fication) and non-linearly amplifies the magnetic field in the vicinity of the shock (magnetic
field amplification). The standard linear treatment alone does not allow for acceleration





eV (see e.g. Lagage & Cesarsky, 1983a,b). To
explain particle acceleration to energies beyond ∼ 100TeV, non-linear effects must also be
taken into account.
Magnetic field amplification and streaming instabilities: Accelerated particles
traveling upstream of the shock can drive large-amplitude Alfve´n-waves with magnetic
fields that dominate the background field (McKenzie & Vo¨lk, 1982; Lucek & Bell, 2000).
The resulting magnetic field strength can be as high as 1mG, which leads to much faster
randomization (see Equation 1.6). In addition to the amplified background magnetic field,
the increased scattering may also decrease the diffusion coefficient down to the Bohm limit
(an assumption that was already used in the linear treatment, but here it is fully justified).
The hypothesis of magnetic field amplification is supported also by observations of thin X-
ray synchrotron filaments surrounding SNRs (Bamba et al., 2003b; Vink & Laming, 2003;
Vo¨lk et al., 2005).
Shock modification: The following description of shock modification follows closely
the intuitive explanations by Berezhko & Ellison (1999). The structure of a strongly modi-
fied shock is illustrated in Figure 1.1. A shock precursor, both in fluid velocity and magnetic
field strength, is formed in the upstream region of the shock. Energetic particles whose
8
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Figure 1.1: Structure of a strong, modified shock. The heavy solid line illustrates the gas
velocity u(x) as a function of the position x. The thin lines depict the spatial distribu-
tion f(p) of the accelerated particles for different momenta. The figure was taken from
Berezhko & Ellison (1999)
diffusion coefficient strongly increases with their momentum, diffuse in front of the shock,
and their pressure gradually slows down the upstream fluid. In addition to the precur-
sor, a discontinuous sub-shock forms where the upstream plasma speed is adjusted to the
downstream value.
Due to the existence of the precursor region, particles in the upstream region do not
experience an overall total compression factor rtot , but an effective compression factor
reff , depending on how far they diffuse ahead of the shock front. At low energies, the
particles do not penetrate far and feel only the low compression factor of the sub-shock
reff = rsub ≈ 3 (Berezhko & Ellison, 1999). Thus, the expected particle spectrum at lower
energies follows a power-law with index α = rsub+2rsub−1 ≈ 2.5 (Berezhko & Ellison, 1999). At
higher energies, the relativistic particles feel an effective velocity jump up − ud, where ud
is the downstream fluid bulk velocity and up the characteristic upstream flow speed where
particles of momentum p back-scatter and return downstream. The resultant power-law




d ln(p) . At the highest energies, the particle momentum spectrum
can again be approximated by a power-law with an momentum-independent index
α = 1.5 +
1.5 − 0.5rsub
2rtot − rsub − 1
(1.8)
where rtot ≈ 1.3M3/4 and M is the Mach number of the shock. The resultant particle
population no longer exhibits a pure power law energy spectrum, but is rather concave
with a particle concentration near the cutoff energy.
It should be noted that the total compression factor rtot can be much higher than 4, as
stated in the description of the linear DSA. The first reason is the lowering of the specific
heat ratio γ in the downstream region due to the relativistic particle population (γ: 5/3
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→ 4/3 ⇒ rtot: 4→ 7), the second is the enhancement of the escaping energy flux, as more
particles are concentrated at high energies (rtot → 10).
Temperature: In addition to the acceleration of particles, shocks traversing the in-
terstellar medium heat the overtaken gas to X-ray emitting temperatures. The efficient
energy transfer into accelerated particles, however, leads to cooler post-shock temperatures
(Ellison et al., 2004). As a consequence, thermal X-ray emission might be suppressed in
e.g. VHE γ-ray emitting SNRs.
1.1.2 Relativistic Shock Acceleration
When the velocity of the shock front approaches relativistic speeds, it becomes comparable
to the velocity of the accelerated particles and its motion can no longer be neglected.
Energetic particles in the downstream region can only outrun the shock and cross into the
upstream region if their momentum is almost parallel to the shock’s normal. Thus, all
particles crossing from downstream to upstream lie in the so-called loss cone which has an
opening angle of θ < Γ−1s in the rest frame of the upstream fluid, where Γs is the bulk
Lorentz factor of the shock (Achterberg et al., 2001). It may happen that these particles
get deflected outside the loss cone and are finally overtaken by the shock. Such small angle
deflections can easily be caused by a large scale magnetic field that is not parallel to the
shock normal or by the non-resonant sloshing motion of particles in a magnetic wave with
wavelength much larger than the particle’s gyro-radius (Achterberg et al., 2001). Gyro-
resonant scattering by Alfve´n waves, which is the dominant randomization mechanism in
DSA, is of little importance here as the particles spend less than a gyro-period in the
upstream region and the resonance can not be established. None of the mechanisms are
fast enough to randomize the particles’ direction after the initial deflections and before they
are overtaken by the shock front. Thus, the distribution of the accelerated particles near
the shock front exhibits a large anisotropy θ < Γ−1s , and the diffusion approximation used
in DSA is not applicable anymore. As the particles from the upstream region stay close to
the loss cone, and the downstream particles have to return to the loss cone to re-cross the
shock, strong magnetic fluctuations must be present in the downstream region to allow for
the necessary deflection (∼ 180◦). Due to the narrow loss cone, the escape probability per
crossing cycle is much larger than in the case of DSA. Achterberg et al. (2001) estimated
that about 50-60% of all particles escape downstream in each cycle.
The large anisotropy in the upstream angular distribution limits the energy gain per
shock crossing cycle to β ∼ 1.6 − 2.0 (Achterberg et al., 2001). Using Equation 1.1, the
resultant power-law energy distribution has a slope α = 2.2 − 2.3 as independently calcu-
lated by Achterberg et al. (2001); Kirk et al. (2000); Bednarz & Ostrowski (1998). Differ-
ent than in the case of DSA, the injection problem does not arise in RSA, because upstream
particles which cross and re-cross the shock for the first time get boosted by a factor Γ2s.
However, only about 10% of the particles will return to the upstream region after their
first scattering (Achterberg et al., 2001).
1.1.3 Maximum Energy
While a power-law energy spectrum is expected for the accelerated particles, a high en-
ergy cut-off within the spectrum is anticipated due to the necessary confinement of the
particles within the acceleration site. This cut-off is often approximated by an exponential
10
1.2. RADIATION PROCESSES
function (Aharonian et al., 1997). Therefore, for the following discussion the spectrum of
accelerated particles is assumed to have the following shape:









The actual position of the cut-off energy Ec strongly depends on the charactersitics of the
accelerator and will be discussed in detail in Chapter 1.3.1 and 1.3.2.
1.2 Radiation Processes
Charged particles accelerated to very high energies, e.g. by the diffusive or by the rela-
tivistic shock acceleration, produce energetic electromagnetic radiation. In the presence
of magnetic fields, the spiraling motion of electrons around the field lines give rise to
synchrotron radiation. Furthermore, when energetic electrons interact with surrounding
photon fields, e.g. with the omnipresent cosmic microwave background (CMB), they can
up-scatter these low energy photons to very high energies. When both synchrotron radi-
ation and inverse Compton radiation originate from the same electron population, direct
correspondence between the two arise. Furthermore, VHE γ-rays are produced through
the decay of π0s, originating from inelastic interactions of protons with the ambient nuclei.
The important characteristics of these three production mechanism of VHE γ-radiation will
be shortly summarized in the following. In the context of the aforementioned acceleration
mechanisms, emphasis is placed on the connection between an (approximate) power-law of
particle energies and the spectrum of the produced radiation.
Synchrotron Radiation
The synchrotron spectrum of a single electron spiraling in a magnetic field of strength B












where K5/3(ζ) is the modified Bessel function of the order
5
3 and νc is defined by:
νc = (3eBγ
2/4πmc) sinψ . (1.11)
The spectral shape of the synchrotron spectrum is strongly peaked with a tail to higher
energies. It suggests a δ-functional approximation (Ginzburg, 1979), where all energy is
emitted at the peak frequency νmax ≃ νc/3. Assuming further an isotropic distribution of
pitch angles (sinψ →
√
2/3), a population of mono-energetic electrons with energy Ee will










In the more realistic case where the electron population is not mono-energetic, but follows a
power-law shape with index αe: N(Ee)dEe ∝ E−αee dEe, the total synchrotron spectrum is a
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convolution of the mono-energetic synchrotron spectrum and the electron distribution. The
exact shape can be found in Blumenthal & Gould (1970), Equation 4.59. The differential





This analytical dependence allows one to infer the underlying energy spectrum of the
accelerated particles from the observed synchrotron spectrum.
Electrons lose energy while emitting synchrotron radiation depending on their original





















eV cm−3 is the
magnetic field energy density. It should be noted that the synchrotron lifetime is inversely
dependent on the particle energy, i.e. higher-energy particles cool faster.
In the case of continuous injection of accelerated electrons, with an injection spectrum
following a power-law with index αie, the energy dependent synchrotron loss, as given in
Equation 1.14, leads to a break in the observed accumulated electron spectrum. The
spectral break occurs roughly at the energy Ee,break where the synchrotron cooling time τs









Below Ee,break the electron spectrum still follows a power-law with index α
i
e, but above, the
index has changed to αce = α
i
e + 1. As a consequence, the synchrotron spectrum exhibits
a similar break from a photon index αs = (α
i
e + 1)/2 as given by Equation 1.13 to αs =
(αce+1)/2 = (α
i
e+2)/2. The energy Esy,break at which this break occurs in the synchrotron
spectrum can be obtained by inserting Ee,break into Equation 1.12. Figure 1.3 (left curves)
shows an exemplary synchrotron spectrum in case of an initial electron spectrum given by
Equation 1.9 setting αie = 2, Ec = 1000TeV, B = 100µG and tage = 10
4 yrs. Please note
that the exponential cut-off in the electron spectrum also causes a cut-off in the synchrotron
spectrum.
Inverse Compton Radiation
High energy electrons interacting with ambient photon fields up-scatter low frequency
photons to higher energies via the inverse Compton process. The process is governed by





1− 2(ξ + 1)
ξ2
]













is the classical electron radius, ξ =
EeEph
m2ec
4 and Eph the energy of the target
photon. In cases of ξ ≪ 1, the electron transfers only a small fraction of its energy in each
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Figure 1.2: Ratio between the full Klein-Nishina cross section σKN and the Thompson
cross section σT versus the electron energy Ee for three different photon target fields:
Cosmic Microwave Background (CMB), diffuse galactic dust background, and starlight
photons. The energy of the CMB photons has been approximated by the mean energy of
the Planck-distribution: ECMB = 2.7kT ≈ 6 ·10−4 eV. The energy of the dust and starlight
photons was set to the energy at which their intensity distributions reach their maxima:
Edust = 1.24 · 10−2eV (100 µm) and Edust = 1.24eV (1µm).
Compton scattering event and the cross section becomes roughly independent of energy and
equal to the Thompson cross section σT = 665mbarn. Figure 1.2 illustrates the ratio be-
tween the Klein-Nishina cross section and the Thompson limit as a function of the electron
energy for three different photon target fields: the Cosmic Microwave Background (CMB,
T≃2.7K), diffuse galactic dust background (far infrared, λFIR ≃ 100µm) and starlight
(near infrared/optical, λSL ≃ 1µm). For scattering off the CMB, the Thompson-limit is a
good approximation for electron energies up to 100TeV, with deviations of less than 30%.
For higher energy target photons the cross-sections are strongly suppressed relative to the
Thompson limit (Klein-Nishina effect). Given the comparable energy densities (with aver-
age value wFIR ∼ 0.05 eV cm−3, wSL ∼ 0.5 eV cm−3 Mathis et al., 1983) Aharonian et al.
(1997) conclude that inverse Compton scattering off the CMB (wCMB ∼ 0.25 eV cm−3) is
the dominant process for the production of VHE γ-rays.
In the Thompson limit, and using a similar δ-approximation as in the case of the
synchrotron radiation (Ginzburg, 1979), the relation between electron energy Ee, energy
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Figure 1.3: Spectral energy distribution (SED) for a tage = 10
4 yrs old system, with an
electron injection spectrum following a power-law with index αie = 2 and an exponential
cut of at Ec = 1000TeV, embedded within a magnetic field of B = 100µG. The spectral
indices of the resultant synchrotron (left) and IC (right) spectra before (blue) and after
(orange) the cooling break are given.
Considering only scattering off the CMB, with its narrow Planck distribution, the initial
photon energy can be approximated by the mean energy of the target photons Eph ≃
2.7 kT ≃ 6 · 10−4 eV.
Due to the strong similarities between the synchrotron and the inverse Compton process
– e.g. compare Equations 1.12 and 1.17 – both spectra exhibit the same shape. Indeed,
Equation 1.14 is equally valid for the IC cooling life time, if the magnetic energy density
wB is replaced by the energy density of the background photon field wph. In the case
of the CMB wph = wCMB = 0.25 eV cm
−3. Comparing magnetic field density wB and
energy density of the CMB wCMB, it becomes apparent that IC cooling by CMB can be
safely neglected for magnetic fields larger than 3µG. The energy of the cooling break
in the IC spectrum can therefore be obtained by inserting the electron break energy from
Equation 1.15 into Equation 1.17. Figure 1.3 (right curve) shows an exemplary IC spectrum
for αie = 2, Ec = 1000TeV, B = 100µG and tage = 10
4 yrs.
Relation between Synchrotron and IC
If both synchrotron and IC radiation are emitted by the same population of electrons,
their spectra exhibit strong correlations. Considering only the CMB as the dominant
target field for the IC process and combining Equation 1.12 and 1.17, the relation between










whereB is the strength of the ambient magnetic field. The ratio of the corresponding energy
fluxes f(E) at energies related by Equation 1.18 is equal to the ratio of the magnetic field












As apparent from Equation 1.19, synchrotron radiation exhibits a larger energy flux than
the IC radiation for all magnetic field strengths above the average interstellar value (B >
3µG). Figure 1.4(a) to 1.4(c) depict the synchrotron and IC spectra produced by an
electron population following a power-law shape with exponential cut-off as described in
Equation 1.9. Only in the case of a low magnetic field strengths, close to the average
interstellar value of B ≃ 2−5µG, both synchrotron and IC processes, contribute equally to
the total radiated power. For larger magnetic field strengths, however, synchrotron losses
clearly dominate over IC losses. Figure 1.4(b) depicts the influence of the exponential
cutoff in the electron spectrum. For cutoff-energies beyond 10TeV, the inverse Compton
spectrum peaks in the TeV range, while the synchrotron spectrum reaches its maximum
at keV energies. The age dependence of the radiation spectra can be seen in Figure 1.4(c).
With increasing age of the system, the synchrotron cooling break shifts to lower energies
until it can clearly be distinguished from the exponential cutoff (black curve).
1.2.1 Hadronic Scenario
The inelastic interaction of energetic protons with nuclei of the ambient medium results –
amongst others – in the production of π0- and η-mesons. While nearly 100% of π0s decay
into two photons, the branching ratio of η → γγ is only ∼40% . Due to subsequent decays,
however, on average 3.2 photons are produced per η-decay, which carry away approximately
80% of its energy. The total fraction of the energy of the incident proton converted into
γ-rays is approximately κ ∼ 0.17, of which the relative contribution of the η-decay chain
is ∼25%.
The total γ-ray production rate φγ(Eγ) ≡ dNγdEγ , due to the production and subsequent











where nH is the ambient density of target protons (mostly provided in form of hydrogen
and helium), σinel is the inelastic part of the total p-p interaction cross section, Jp(Ep)
the initial proton energy distribution function, Fγ(
Eγ
Ep
, Ep) the γ-ray emissivity and Ep the
proton energy.
In the following, approximate equations for all the necessary quantities needed to calcu-
late the resultant γ-ray spectrum will be given, as originally stated in Kelner et al. (2006):
 The inelastic part of the total p-p interaction cross section:
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Figure 1.4: a) Spectral energy distribution (SED) for a tage = 10
4 yrs old system, with an
electron injection spectrum following a power-law with index αie = 2 and an exponential
cut of at Ec = 1000TeV. Three different values for the magnetic field B were assumed; b)
Same as plot a but with B = 5µG for three different cutoff energies Ec; c) same as b but for
three different values for tage with a fixed position of the exponential cutoff Ec = 1000TeV.
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the threshold, the cross section rises rapidly to about 30mb at Ep ∼ 2GeV. Above
this energy it rises only logarithmically with energy.

















1 + kxβ(1− xβ)
]
, (1.23)
B = 1.3 + 0.14L+ 0.011L2 , (1.24)
β =
1




0.801 + 0.049L + 0.014L2
, (1.26)
where x = Eγ/Ep.











where A is a constant and Ec the cut-off energy. Note the similarity to the particle
spectrum given in Equation 1.9.
Figure 1.5(a) depicts a γ-ray energy spectrum, calculated using Equations 1.21 to 1.27
with α = 2, Ec = 1000TeV and nH = 1cm
−3. It becomes apparent that the shape of the
γ-ray energy spectrum away from the threshold and the cut-off regions follows the shape of
the parent proton spectrum (both exhibit a power-law with index∼2 in Figure 1.5(a)). This
is true for all indices. Figure 1.5(b) illustrates the same γ-ray spectrum, but for a variety of
proton indices α. The similarity is due to the nearly energy-independent scattering cross-
section in the relevant energy range. As both spectra exhibit a similar power-law shape,
the proton spectrum can be approximately infered from the γ-ray spectrum by a simple
scaling factor. Consequently, to obtain the energy content of the parent proton spectrum
Jp, the γ-ray spectrum is integrated:




Lγ(1− 10TeV) , (1.28)
for which the proton spectrum was assumed to follow a pure power-law with index α = 2.4.
In principle a relation similar to 1.28 holds for each combination of energy ranges (with a
different scaling factor), but these specific ranges were chosen because 10-100 TeV protrons
give rise to ∼1-10TeV γ-rays. To estimate the energy content within the whole proton
population W totp , the proton spectrum is then extrapolated down to 1GeV assuming the
same spectral shape as the γ-ray spectrum. The result, however, must be considered with
caution as possible changes of the spectral shape of the proton spectrum at lower energies
are completely neglected. Furthermore, the γ-ray spectrum shows a softer transition in the
cut-off region. (see Figure 1.5(a)). Naturally, this deviation cannot be accounted for in a
simple scaling of power-laws.
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Figure 1.5: a) SED of γ-ray emission (red curve) produced through inelastic scattering of
protons off the ambient medium and subsequent decay of π0 and η-mesons. The underlying
proton spectrum is illustrated by a black line (scaled for illustration purposes, the units
on the y-axis are not applicable to this curve). It follows a power-law with index α = 2
and exhibits an exponential cutoff at Ec = 1000TeV. The assumed density of the ambient
medium is nH = 1cm
−3. b) Same as a but with varying proton spectral indices.
1.3 Accelerators
Shock fronts as sites of efficient particle acceleration are expected in many different astro-
physical systems. Within our Galaxy, most of them are related to massive stars, e.g the
colliding winds within a close binary consisting of two Wolf-Rayet stars (Bednarek, 2005).
At very high energies, the best studied and probably most common of these Galactic objects
confirmed to emit VHE γ-rays are the remnants of supernova explosions. This encompasses
not only the supernova shock fronts, but also their compact remnants, in particular the
pulsars. A short overview of the underlying mechanisms at work within these two source
18
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classes will be given in the following, with emphasis on the source characteristics relevant
for VHE γ-ray emission.
1.3.1 Supernova Remnants
When a star ends its evolution in a supernova explosion, an enormous amount of energy is
released. These violent deaths of stars belong to the most energetic phenomena known to
occur in the universe. Part of the explosion energy is released in the kinetic energy of the
progenitor star’s ejecta. The expanding material, moving with supersonic speed, drives a
shock front into the interstellar medium (ISM). At these shock fronts, particle acceleration
is known to occur. Supernova explosions are – so far – the only known phenomena energetic
and frequent enough to power the population of (Galactic) cosmic rays up to an energy of
1015 eV (Fields et al., 2001).
Many different classes of supernovae can be distinguished. Their defining characteris-
tics are mainly based on the observability of certain line emission and the shape of their
light curves. Besides this observational-based taxonomy, only two fundamental classes of
supernovae are known: 1.) the thermonuclear disruption of a white dwarf (type Ia) and
2.) the gravitational collapse of the core of a massive star (type II, Ib and Ic). The total
supernova rate in our galaxy is about 1.9± 1.2 per century (Cappellaro, 2001) from which
roughly three-quarters are core-collapse supernovae.
Thermonuclear Supernovae
A white dwarf constitutes the final configuration in the evolution of less massive stars
(Minitial < 8M⊙). A further gravitational collapse to an even more compact configuration is
prevented by the Fermi pressure of the degenerate electron gas. Without further disruption,
a white dwarf would cool down on time scales of 1010 yr and might become a black dwarf3.
In a binary system, however, the white dwarf can accrete matter from the companion star.
The additional mass increases the gravitational pressure until the white dwarf crosses the
Chandrasekhar limit (Mcha ∼ 1.49M⊙), where the degeneracy pressure of the electrons
is overcome. The resultant further compression ignites the next fusion stage and the
energy suddenly released leads to the disruption of the white dwarf in a type Ia supernova.
The initial conditions of this kind of supernova are inherent to a white dwarf crossing the
Chandrasekhar limit and therefore show only little variations. The released energy is of the
order of 1051 erg, the released ejecta mass close to one solar mass, and the density profile of
the expanding ejecta is presumably described by an inner uniform core and an outer power-
law envelope region ρ ∝ r−n of index n ∼ 7 (Chevalier, 1982). The inherent similarities
result in analog observations from these objects and make them useful as standard candles,
e.g. as distance markers in cosmology.
Core-collapse Supernovae
If the progenitor star was more massive (Minitial > 8M⊙), the electron degeneracy pressure
is not high enough to stop the gravitational driven contraction, and nuclear fusion continues
up to iron. Due to the high density and temperature, endothermic processes such as
inverse β-decay and photo-disintegration occur. The resulting loss of energy and supporting
3No black dwarf has been detected so far.
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electron pressure speeds up the gravitational collapse even further. Matter falls nearly
freely towards the core and its density rises till the repulsive component of the nuclear
force sets in. The initial shock wave which results from outer material crushing onto the
higher-density core, however, does not cause the supernova explosion, but fades away due
to photo-disintegration and neutrino interactions. Instead, the dense core continues to
accrete mass at a high rate ( 0.1M⊙ per second). At this stage the core emits neutrinos
at a high luminosity which deposit part of their energy into the medium surrounding the
core. A large bubble of radiation and electron-positron pairs starts to swell from the inside
out, and an outgoing shock front is produced, which causes the explosive ejection of the
outer parts of the star (supernova type II, Ib, Ic).
The individual characteristics of such a supernova are by far not as uniform as in the
case of a type Ia supernova. The ejected mass can range from one to ten solar masses or
even beyond, depending on how massive the progenitor star was and how much mass it had
lost prior to the explosion. The kinetic energy of the ejecta covers a large range as well,
from about 1051 erg (SN1987a Nomoto et al., 1994) to 5 · 1052 erg in case of a hypernova
(Nomoto et al., 2007). The density profile of the ejecta for a type II supernova has been
suggested to resemble a combination of a shallow power-law core (index n < 3) and a steep
power-law envelope (index n > 5 - 14) (Truelove & McKee, 1999; Chevalier & Fransson,
1994).
Supernova Evolution
After the supernova explosion (independent from its type), the ejected stellar mass tra-
verses the ambient medium at supersonic speed and produces a shock front at which charged
particles can be accelerated to energies beyond 100TeV. Because the shock front moves
with non-relativistic speed, particles are accelerated by means of diffusive shock accelera-
tion. The efficiency and the maximum reachable energy within this DSA process depends
strongly on the radius of the shock front and on its speed. These crucial parameters in turn
depend on the evolutionary stage of the SNR, which will be briefly summarized below.
Four different stages are distinguished in the evolution of a shell-type supernova rem-
nant: ejecta-dominated phase, Sedov-Taylor phase, snowplow phase and dispersion phase.
A more general discussion of these different stages can be found in Woltjer (1972).
 Ejecta-dominated phase: In the very first stage of its evolution, the stellar ejecta
expands nearly freely into the ambient medium. This phase is also called the free-





E0 is the released kinetic energy and Mej is the mass of the ejecta. Typical shock
velocities are of the order of a few thousand kilometers per second. While the ejecta
expands further, it sweeps up the interstellar medium, which decelerates its expan-
sion. A reverse shock forms which travels backwards into the ejecta. The shock




























∗ are the radius of the shock front Rsh scaled by Rch, the velocity
of the shock front Vsh scaled by Vch and the time t since the SN scaled by tch. n is
the power-law index of the density profile of the ejecta and lED, φED are given in




























where Mej is the mass of the ejecta, n0 is the mean ambient medium number density
in units of cm−3 and E51 is the released kinetic energy in units of 1051 erg.
 Sedov-Taylor phase: After tST, the amount of material swept up by the outward
moving shock front becomes comparable to the original ejecta mass. Most of the en-
ergy is transferred to the swept-up material and as radiative losses are still negligible,
the result is an adiabatic blast wave. The evolution during this phase is determined
only by the originally released kinetic energy, the density of the ambient medium and

















∗ − t∗ST)]−3/5 , (1.35)
where η0 is a dimensionless constant determined by the specific heat ratio γ. The




and radius R∗ST =
RST
Rch
at which the remnant enters the Sedov-Talyor
phase is given in Table 1.1.
 Snowplow phase: When the temperature behind the shock front falls below 106K
and radiative cooling by line emission of heavy elements starts to be important,
the SNR has entered the snowplow phase of its evolution. At the time when the
ratio of effective heats approaches unity and the post-shock fluid velocity approaches
the shock velocity, the pressure-driven snowplow (PDS) stage begins. This stage is
characterized by a thin shell of radiatively cooled shocked ambient medium formed
behind the blast-wave shock. This thin shell “snowplows” trough the ISM, driven
by the hot and isobaric interior of the remnant in addition to its own momentum
(Cioffi et al., 1988, and references therein). The onset of this phase occurs roughly
at:




















m km/s . (1.38)
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6 1.39 0.39 1.04 1.07
7 1.26 0.47 0.732 0.881
8 1.21 0.52 0.605 0.788
9 1.19 0.55 0.523 0.725
10 1.17 0.57 0.481 0.687
12 1.15 0.60 0.424 0.636
14 1.14 0.62 0.389 0.603
Table 1.1: Values of the numerical parameters used in Equation 1.29, Equation 1.34 and
Equation 1.34. The values of lED and φED originate from Chevalier (1982). The values of
t∗ST and R
∗
ST are taken from Truelove & McKee (1999). n is the power law index of the
ejecta density profile.

























When even the interior of the remnants has cooled, the momentum-conserving snow-
plow phase has begun, where the swept-up material carries on, driven mainly by its
own momentum. Cioffi et al. (1988), however, argue that unless the ambient density
is unusually large, this stage does not occur in the ISM, as the remnant will directly
cross over to the next evolutionary stage.
 Dispersion phase: At an age tmerge the expansion velocity of the shock front be-
comes sub-sonic , the shock disappears and the SNR mixes with the ISM. Cioffi et al.
(1988) estimate tmerge to:
tmerge ∼ 57n10/490 tPDS (1.41)
Figure 1.6 illustrates the dependence of the velocity of the forward shock on the time
since the supernova explosion, for two different configurations. The first is thought to be
representative of a type Ia supernova; the released energy is estimated to E = 1051 erg, the
ejected mass to Mej = 1.4M⊙ and the density profile of the ejecta is approximated by a
power-law envelope of index n = 7. The second configuration, more likely to resemble a
type II supernova, consists of E = 1051 erg, Mej = 10M⊙ and n = 12. The mean ambient
medium number density is fixed in both cases to 1 cm−3. In the ejecta dominated phase,
a remnant of a type Ia SN expands faster than that of a type II SNR due to the lower
mass of its ejecta (given that the released energy is the same). It, however, enters earlier
into the Sedov-Taylor phase, as less mass has to be swept up before it dominates over the
ejecta mass. As the shock velocity decreases faster in the Sedov-Taylor phase, the two
velocities approach each other and are roughly equal when the remnants enter into the
pressure-driven snowplow phase. As can be seen from Equation 1.36, the time when the
remnants enter this phase is independent of the ejected mass and therefore roughly equal





























Figure 1.6: Radius and velocity of the SNR forward shock front for two different configura-
tions exemplary for a type Ia supernova (E = 1·1051erg,Mej = 1.4M⊙, n = 7) and a type II
SN (E = 1 · 1051erg, Mej = 10M⊙ and n = 12). The kinks in the curves mark the tran-
sition into the next evolutionary stage. They are artificially caused by the over-simplified
description which does not take the transition phases into account.
Maximum Energy and γ-Ray Luminosity
Besides the shape of the energy spectrum, the most interesting quantities that determine
the visibility of a SNR in VHE γ-rays are the maximum reachable particle energy and the
γ-ray luminosity.
The maximum energy particles can reach in the acceleration process at a given time is
determined by the energy dependence of the diffusion coefficient (see Section 1.1.1). It can
be estimated as (Berezhko et al., 1996):
D(Emax) = χVsh · Rsh , (1.42)
where χ ≈ 0.04. Assuming Bohm diffusion and using Equation 1.6, the resultant maximum









As apparent from Equation 1.43, the maximum reachable energy depends linearly on the
magnetic field strength in the vicinity of the shock. Using the normal interstellar value
of 2-5µG, however, would underestimate EBohmmax , since self-excited Alfve´n-waves generate
strong random magnetic fields with amplitudes on the order of a few hundred µG, especially
at high shock velocities. This magnetic field enhancement, however, is limited by wave-
wave interactions (non-linear effect) or by wave dissipation due to ion-neutral collisions
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(linear effect), which strongly damp the Alfve´n waves’ amplitudes at lower shock veloc-
ities (Kulsrud & Cesarsky, 1971; Bell, 1978a; O’C Drury et al., 1996; Voelk et al., 1988;
Fedorenko et al., 1990). Ptuskin & Zirakashvili (2003) estimated the maximum reachable
proton momentum in the presence of cosmic-ray streaming instabilities with Kolmogorov-
type non-linearities (non-linear wave damping) and with collisional wave dissipation (linear
wave damping). In the case of non-linear wave damping, the maximum proton momentum














for high shock velocities Vsh ≫ 800 km s−1. For low shock velocities Vsh ≪ 700 km s−1
(expansion into hot, ionized gas), Vsh ≪ 400 km s−1 (expansion into warm, partly ionized

















where ζcr is the ratio of the cosmic ray pressure at the shock and the upstream momentum
flux entering the shock front, n is the inter-cloud gas number density and B0 is the regular
(non-amplified) magnetic field.
In the case of collisional wave dissipation in partly ionized warm gas, the maximum












Note the strong dependence of the maximum energy on the velocity of the shock front,
especially in Equation 1.44 to 1.46, but also in Equation 1.43. A careful analysis of this
shock parameter is therefore of uttermost importance for the possible association of an
observed VHE γ-ray emission with a SNR.
Figure 1.7 illustrates the aforementioned equations in the case of a SNR in the Sedov-
Taylor phase (Ptuskin & Zirakashvili, 2003). The kinetic energy of the explosion is set to
1051 erg. The other parameters are set to ζcr=0.5, n = 0.1 · 10−3cm−3 and B0 = 5µG. At
lower shock velocities, equivalent to an older SNR, the linear and non-linear wave damping
effects reduce the maximum energy below the Bohm-limit. If these effects are important, no
proton acceleration beyond 1TeV occurs, if the shock velocity drops below a few hundred
km/s. Using Equation 1.35, this velocity is reached somewhere in the last third of the
Sedov-Taylor phase.
These aforementioned equations only hold in the absence of additional energy losses.
In the case of electrons, synchrotron losses are more likely to be the limiting factor for
the maximum reachable energy. Emax can be estimated by comparing the acceleration
timescale with the synchrotron colling timescale. Combining Equation 1.5 and 1.7 and
assuming Dd ≈ DB, the acceleration time scale reads as (Parizot et al., 2006):
τacc ≈ 1.83 DB
V 2sh
3r2















Figure 1.7: Maximum momentum of accelerated protons prm in units of mc as a function
of the shock velocity ush. The assumed SNR is in the Sedov-Taylor stage of its evolution
and expands into warm interstellar gas (T = 8 · 103K, n = 0.1cm−3, B0 = 5µG). The
parameter of the SNR are: E51 = 1, Mej = M⊙, ζcr = 0.5. The figure was adopted from
Ptuskin & Zirakashvili (2003)
The mean synchrotron cooling timescale (upstream and downstream) as described in Equa-
tion 1.14 is given by:








with < B2 >≈ 0.59B2d = 0.59B2B. Comparing Equation 1.47 with 1.48 gives the maximum
electron energy Ee,max (Parizot et al., 2006):











Besides the maximum energy, it is the evolution of the VHE γ-ray luminosity which
determines the visibility of a SNR in a certain evolutionary stage. Figure 1.8(a) illustrates
the fraction of the total explosion energy converted into the energy of the accelerated
particles (Drury et al., 1994). The assumed ejecta mass of the SNR is 1.4M⊙, the ambient
medium density is 0.3 cm−3. During the free-expansion phase the fraction is still low,
but it increases constantly and reaches a maximum of ∼0.5 in the late Sedov-phase. The
corresponding integral γ-ray flux above 1TeV is shown in Figure 1.8(b), increases quickly
in the free expansion phase, and becomes roughly constant during the Sedov-Taylor phase.
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Figure 1.8: a) Ratio of the explosion energy channeled into accelerated particles depending
on the time since the explosion; The explosion energy is set to 1051 erg, the ISM gas
number density is set to 0.3 cm−3. The ejecta mass is 1.4M⊙ and the power-law index
of the density profile is set to n = 7. The injection rate is 10−4. The figure was taken
from Berezhko & Vo¨lk (2004). The vertical line illustrates the time t0=368 yrs when the
SNR enters the Sedov-Taylor phase; b) Integral TeV γ-ray flux, normalized to a distance
of 1 kpc as a function of time. The same parameters as in a) were used. The figure was
taken from Berezhko & Vo¨lk (2000).
1.3.2 Pulsars and Pulsar Wind Nebulae
A large fraction of the Galactic VHE γ-ray sources are related to high-energy pulsars, the
compact remnants of core-collapse supernovae of very massive stars. The VHE γ-radiation,
however, normally does not originate directly from the pulsar. Only in the case of the Crab
nebula, pulsed VHE γ-ray emission was observed above 25GeV (Teshima, 2008). Instead,
the pulsar drives a wind of energetic particles into the surrounding SNR ejecta. At the
resulting shock front, particles are re-accelerated and form the pulsar wind nebula (PWN)
which expands into the surround medium. It is this inflating bubble filled with energetic
particles that emits the observed VHE γ-radiation. For a recent review on PWNe see
Gaensler & Slane (2006)
After a short introduction of the necessary pulsar characteristics, the main emphasis
will be placed on the description of pulsar wind nebulae, including their structure, their
evolutionary stages and the dominant γ-ray production mechanisms. The Section will
conclude with a short summary of the observational characteristic of these objects as seen
in VHE γ-rays.
Pulsars
Due to magnetic freeze-out and angular momentum conservation, a neutron star formed in
a core-collapse SN can be highly magnetized and rapidly rotating. Typical rotation periods
are of the order of 1-10ms. The magnetic field on the surface of the neutron star is of the
order of 1012G, while the mass ranges from 0.1M⊙ to 2M⊙ concentrated within a radius of
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∼10 km. When there is a misalignment of the magnetic and the rotation axis, the magnetic
axis precesses around the rotation axis, and with it a beam of highly energetic radiation
which is emitted near the magnetic poles. If this beam happens to sweep past the observer,
a periodic signal of energetic radiation is measured from the neutron star, which then is
called a pulsar. The first pulsars were detected in the radio waveband (Hewish et al., 1968)
and so far ∼1700 of them are known (Manchester et al., 2005).
Over time, the rotation of the pulsar slows down as rotational energy is converted into
other forms of energy. The typical spin-down rate is of the order of P˙P ∼ 10−15 s−1, where
P is the pulsar’s spin period. The converted energy per time (spin-down luminosity) can





where I ≈ 1045g cm2 is the moment of inertia of the pulsar and Ω its angular frequency.
The slow down of the rotation can be characterized by:
Ω˙ = kΩn (1.51)
where k is a constant and n is the braking index, the value of which depends on the energy
loss mechanism. In the case where all energy is lost due to magnetic dipole radiation,
i.e. pure magnetic braking, n = 3. If the second derivative of the rotational period is
known, Ω¨ = nkΩ˙n−1, the braking index can be directly inferred. In the four cases in
which the braking index could be confidently measured, it falls in the range 2 < n < 3
(Gaensler & Slane, 2006, and references therein), indicating that magnetic dipole braking
is not the only energy loss mechanism at work.











where P0 is the pulsar’s period at birth (Manchester & Taylor, 1977). Assuming n = 3




where τc is called the characteristic age. τc often overestimates the true age of the system
(e.g. Migliazzo et al., 2002), indicating that P0 is not negligible compared to P .
Pulsar Wind Nebulae
Pulsars are known to drive powerful winds consisting of electromagnetic energy and highly
relativistic particles. The interaction of this pulsar wind with the ambient medium gives
rise to a complex structure known as pulsar wind nebula. Kennel & Coroniti (1984), in
their pioneering spherically symmetric MHD4 model for the Crab nebula, subdivided the
structure of the pulsar/PWN/SNR complex into six parts. Their original structure is
illustrated in Figure 1.9. Even though alterations to the model were necessary to account
for e.g. the observed anisotropy of the Crab nebula, the original six-fold structure is still
valid and will be used in the following.
4Magnetohydrodynamic
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Figure 1.9: Idealized sketch of the Crab nebula and the parent SNR. Region I: pulsar and
magnetosphere, outer boundary is the light cylinder; Region II: un-shocked ultra-relativisitc
wind terminated by a standing MHD shock; Region III: actual PWN; RegionIV: Region
outside the PWN, but still within the parent SNR, region (A) has been shock heated in its
interaction with the pulsar flow, region (B) contains a cooler hydrogenic envelop; Region
V: Contains the material, swept up by the SNR forward shock front; Region VI: The
interstellar medium. The figure was taken from Kennel & Coroniti (1984).
Region I: The first region is called the pulsar’s magnetosphere. The magnetic field
lines at its boundary surface, which originate from the pulsar and co-rotate with it, are
torn as their track speed reaches the speed of light. The radius of the light cylinder is of
the order of 108 cm. The region is indicated in by the small spot at the center of Figure 1.9
and 1.10. The pulsar wind consisting of electromagnetic energy and highly relativistic
particles originates from this region. However, how (and especially where) these particles
are accelerated is still not settled. The currently best guess is that the particle acceleration
occurs in the collapse of charge-separated gaps, either close to the pulsar at the polar caps
(polar cap model), in gaps further out and close to the light cylinder (outer gap model) or
somewhere in between (sliding gap model). For more details on acceleration models within
pulsar magneto-spheres, see Harding (2001).
Region II: The pulsar wind leaves the light cylinder and traverses outward at highly
relativistic speed, with a bulk Lorentz factor of the order of 104 to 106. Where the wind
is decelerated to match the velocity of the more slowly-expanding ambient material, a
standing termination shock is formed — visible as an inner ring structure in Figure 1.10
(right). In the Crab nebula case, the radius of the termination shock is estimated to ∼0.1 pc
(Kennel & Coroniti, 1984).
The nature of the pulsar wind changes somewhere in this region. Close to the pulsar it
is dominated by the energy flux of the magnetic dipole radiation, thus the magnetization σ
(ratio between electromagnetic and particle energy density) is very large (σ ≫ 1). At the
shock front, the situation has changed and the pulsar wind is highly particle dominated (σ <
1). Thus, the energy has been transferred from electro-magnetic fields to the bulk of the
particle population, by which mechanism is still unknown. The problem is directly related
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Figure 1.10: Image of the Crab nebula. left: Composite image of radio (red), optical (green)
and X-ray emission (blue). right: X-ray synchrotron emission showing the termination
shock (inner ring), the wind downstream of the shock and the jets. The Figure was taken
from Gaensler & Slane (2006).
to the nature of the wind’s particle content. Models of pair-creation in the magnetosphere
fail to produce the necessary number of leptons to explain all the nebula’s emission. An
additional contribution of ions would soften the requirement on the lepton production, but
ions are even harder to extract from the pulsar (Kirk et al., 2007).
The particle-dominated wind from the pulsar is not isotropic, but most of its energy is
concentrated into an equatorial belt. As the plasma flows between the light cylinder and
the termination shock is along the magnetic field lines, this region appears under-luminous
in synchrotron radiation, see region within the inner ring in Figure 1.10 (right).
Region III: This region constitutes the actual pulsar wind nebula. At the shock front,
the particles of the pulsar wind are thermalized and re-accelerated. As the wind’s energy
is concentrated into an equatorial belt, a torus, visible through its synchrotron radiation
at X-ray energies (Weisskopf et al., 2000), is formed perpendicular to the pulsar’s rotation
axis, see Figure 1.10 (right). In addition, jets and counter-jets are visible, but these – most
likely – do not originate directly from the pulsar, but consist of shocked plasma collimated
by azimuthal magnetic fields (Kirk et al., 2007).
Further out – far beyond the torus – the re-accelerated particles form an expanding bub-
ble, which often exhibits slight elongation along the pulsar spin axis, see Figure 1.10 (left).
Despite the elongation of the bubble, the bulk particle flow has still a large radial compo-
nent, which is orthogonal to the toroidal field lines. Diffusion is therefore suppressed and the
PWN expands convectively (de Jager & Djannati-Ata¨ı, 2008). Thus, the expansion veloc-
ity and thereby the size of the PWN is determined by the bulk flow velocity of the energetic
particles. Together with the magnetic field within the PWN, the flow velocity depends on
the distance to the pulsar and the magnetization parameter σ. Figure 1.11 illustrates the
radial dependence of both quantities. Note that the magnetization is very low for the Crab
nebula (σ ∼ 0.03 Kennel & Coroniti, 1984). The average flow speed within the Crab neb-
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Figure 1.11: left: Post-shock flow velocity within the Crab PWN in units of c against
z = r/rs where r is the distance to the pulsar and rs ∼ 0.1 pc is the radius of the termination
shock front. right: Magnetic field within the Crab PWN relative to its upstream value.
The figure was taken from Kennel & Coroniti (1984).
ula is therefore estimated to ∼ 2000 km/s, the maximum magnetic field strength is of the
order of 200− 300µG. The Crab nebula magnetic field strength is particularly high. More
evolved and consequently more extended nebula show much lower magnetic field strength
of B ∼ 10µG, as in the case of PSR B1823-13 (Aharonian et al. (H.E.S.S. collaboration),
2005b, 2006e).
Region IV, V and VI: These regions are located outside the PWN. Region IV (A)
in Figure 1.9 constitutes the interaction zone of the inflating PWN and the SNR ejecta.
The PWN expands supersonically into the ejecta and thus produces a termination shock.
Region IV (B) hosts a cooler hydrogenic envelope (McKee, 1974). Region V contains the
material swept up by the SNR forward shock front and Region VI is the ambient interstellar
medium.
PWN Evolution
Since a PWN is typically embedded into a SNR, its early evolution is strongly coupled to
the SNR evolution. Four evolutionary stages can be distinguished (van der Swaluw et al.,
2004):
 Supersonic expansion stage: The PWN bubble, inflated by the wind particles ther-
malized and re-accelerated at the termination shock, expands supersonically and
thereby drives a shock into the ejecta of the SNR.
 Reverse shock interaction phase: When – typically after a few thousand years –
the reverse shock of the SNR arrives at the boundaries of the inflating bubble, the
PWN is crushed by the shock front. This initial interaction leads to an oscillation
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of the PWN extension, which last typically for a time span of few thousand years.
Due to the crushing, Rayleigh-Taylor instabilities form, which lead to a mixing of
thermal and non-thermal material and a strengthening of the magnetic field within
the PWN. If the reverse shock did not arrive simultaneous at the PWN from all
sides, the resulting PWN may exhibit a strong asymmetry after the oscillation have
faded and might even be offset from the actual pulsar position. Reasons discussed
to explain a deferred arrival of the reverse shock are a high kick velocity of the
pulsar and a density gradient in the surrounding of the SNR (van der Swaluw et al.,
2004; Blondin et al., 2001). A high velocity of the pulsar might offset the PWN from
the SNR center before the reverse shock arrives. A density gradient in the ambient
medium would lead to a deferred creation of the reverse shock in the low density
region compared to the region of higher density.
 Subsonic expansion stage: After the oscillations have faded the pulsar will steadily
inflate its nebula around its current position. The expansion of the PWN is now
subsonic because the surrounding SNR ejecta has been heated by the reverse shock.
If the original PWN, created before the interaction with the reverse shock, is far
offset from the current pulsar position, it is not energized anymore by the pulsar and
becomes a relic PWN.
 Bow shock stage: This stage only occurs if the pulsar was born with a high kick
velocity. As it approaches the edge of the SNR, the sound speed in the shocked
ejecta decreases and the pulsar starts to drive a cometary bow shock. At some point
it might leave its SNR and traverse the interstellar medium, still creating the bow
shock PWN until its power-output decreases to a point where it can no longer power
a PWN.
γ-Radiation from PWN
The regions of a pulsar/PWN complex (Region I, II and III in Figure 1.9) differ substan-
tially in their astrophysical properties, and thus, in their dominant production mechanisms
for γ-radiation. Their characteristics are illustrated in Figure 1.12, and are summarized in
the following:
Region I: Pulsed γ-radiation is expected in the GeV energy range dominantly created
by the curvature radiation of the ultra-relativistic electrons within the pulsar magneto-
sphere. Both, the polar cap and the outer gap model, predict an exponential cut-off of
the curvature radiation spectrum around 10GeV. However, the model predictions differ
in the TeV energy range: The outer gap model predicts an additional multi-TeV com-
ponent due to IC scattering of the energetic electrons on the ambient photon fields, like
the thermal emission from the pulsar. The polar gap model, however, predicts no such
component, because the TeV γ-rays do not leave the magnetosphere. They are absorbed
in pair-production processes within the strong magnetic field at their production site close
to the pulsar.
Region II: The bulk Lorentz-factor of the un-shocked wind is of the order of 104-
107. Even though the wind is magnetized, it does not emit synchrotron radiation, because
the electrons move with the magnetic field lines frozen into the wind. Therefore the re-
gion appears under-luminous in Figure 1.9. However, Aharonian & Bogovalov (2003) sug-
gested that the un-shocked ultra-relativistic wind can produce non-negligible high energy
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Figure 1.12: Sketch of the sites and radiation mechanisms of non-thermal emission within
a pulsar/PWN complex: The three regions correspond to Region I, II and III in Figure 1.9.
R, O, X and γ stand for radio, optical, X-ray and γ-rays. CR, IC and Sy are abbreviations
for curvature, inverse Compton and synchrotron radiation. The orientation of the magnetic
field lines is also shown. The figure was taken from Aharonian & Bogovalov (2003).
γ-radiation via IC scattering. Suitable target photon field would be e.g. the thermal emis-
sion from the pulsar or non-thermal radiation from the magnetosphere. Depending on the
Lorentz factor of the wind, the IC γ-radiation is expected in the energy range from 10GeV
to 10TeV.
Region III: At the termination shock front, the particles of the pulsar wind are ther-
malized and re-accelerated. The energetic electrons then emit synchrotron and IC radia-
tion. It is this particle population which contributes most to the VHE γ-radiation observed
by H.E.S.S.. Therefore, its characteristics will be addressed in a bit more detail below:
The nature of the acceleration process, occurring at the termination shock front, is still
under debate. It seems that at least two different processes are necessary. The first domi-
nates at low energies (100MeV-1TeV). Possible candidates are the resonant absorption of
coherently emitted ion cyclotron waves and the annihilation of magnetic flux in the shock
front (Hoshino et al., 1992; Amato & Arons, 2006). The second process, believed to be re-
sponsible for the high energy particles (>1TeV), is most likely Fermi-type relativistic shock
acceleration (Kirk et al., 2007). The spectrum expected from RSA, as shortly described in
Section 1.1.2, is a power-law N(E) ∝ E−s with an index of s = 2.2−2.3 (Achterberg et al.,
2001).
Equivalent to the case of SNR shock acceleration, the maximum reachable energy of the
accelerated particles is of great interest also for PWNe, as it determines the detectability
of an individual object at very high energies. Originally proposed by Harding & Gaisser
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(1990), the maximum energy is limited by the requirement that the highest energy particles
must still be contained in the shock to participate in the acceleration process. The necessary
requirement writes as:
Emax = ZeǫBsRs , (1.54)
where Z is the charge number of the accelerated particles, Bs is the post-shock magnetic
field strength, Rs the radius of the shock front and ǫ < 1 is the fractional size of Rs required
for containment (de Jager & Djannati-Ata¨ı, 2008). Relating Bs to the pulsar spin-down
power E˙ and to the characteristics of the termination shock, de Jager & Djannati-Ata¨ı










where 1 < κ < 3 (Kennel & Coroniti, 1984) is the magnetic compression ratio and σ is
the wind magnetization parameter. This relation only holds in the case where additional
losses, such as synchrotron cooling, can be neglected. Thus Equation 1.55 is applicable to
ion acceleration or electron acceleration in a low ambient magnetic field.
In the case of electron acceleration in strong magnetic fields, the maximum energy
can be approximated by balancing the acceleration rate with the synchrotron loss rate.
de Jager et al. (1996) estimate the acceleration rate t−1acc to be close to the particle’s gyro-
frequency νg: t
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where θ is the electron’s pitch angle.
Observational Characteristics
A significant fraction of all Galactic VHE γ-ray sources are likely associated with PWNe
of very energetic pulsars. Two classes seem to emerge within this important popula-
tion. On the one hand, there area the young plerions, like G 21.05-0.9 or Kes 75
(Djannati-Atai et al., 2007a), which are still at the beginning of their evolution and appear
point-like to IACTs like H.E.S.S.. The other class consists of middle-aged and more evolved
PWNe like HESS J1825-137 (Aharonian et al. (H.E.S.S. collaboration), 2005b, 2006e) or
VelaX (Aharonian et al. (H.E.S.S. collaboration), 2006f). As two of the VHE γ-ray sources
analyzed in this work might belong to the class of evolved PWNs, a few observational char-
acteristics of this class will be summarized below. A more detailed discussion will be given
in the individual analysis in Section 5.
 The VHE PWNe of middle aged pulsars (older than a few thousand years) are often
largely extended. The necessarily long cooling time of the parent electron population
hints at a low magnetic field strength within the VHE PWN, with values not much
higher than the Galactic average of 2-5µG.
 The center of gravity of the VHE emission region is often offset from the current
pulsar position. As described in the Section PWN Evolution 1.3.2 such asymmetries
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Figure 1.13: Smoothed VHE γ-ray excess map of HESS J1825-
137(Aharonian et al. (H.E.S.S. collaboration), 2006e). The position of the pulsar is
marked by a white triangle, as well as the best-fit position (black rectangle) and the
extension (black ellipse) after accounting for the point-spread function of the instrument.
can be attributed either to a high kick velocity of the pulsar or to an inhomogeneity
in the ambient interstellar medium.
 The energy content within the large VHE PWNe can be rather high and might
account for a large fraction of the pulsar’s spin-down power. Due to the low magnetic
field, relic electrons accelerated since the birth of the pulsar might be stored in
the PWN reservoir. The observed VHE γ-ray flux would then be relative to the
time integrated spin-down power, including the epochs of much higher power output.
Naturally, this is only possible if the strong magnetic field, as expected at the pulsar’s
birth, drops fast due to a rapid expansion of the PWN in the supersonic expansion
phase.
 The VHE PWN are often much larger than their synchrotron counterparts visible
at X-ray energies. The radially decreasing magnetic field limits the size of the syn-
chrotron emission region. Additionally, the electrons emitting synchrotron radiation
in the X-ray regime are, in magnetic fields of 2-5µG, more energetic than the VHE
γ-ray producing electrons, see Equation 1.18. The result is a longer synchrotron life-
time of the later electron population, which, assuming energy independent convection
speeds, leads to a larger size of the VHE PWN as well. Furthermore, an energy de-
pendent morphology was observed even within the PWN regime. It becomes manifest
in the spectral steepening of the VHE γ-ray spectrum with increasing distance to the
pulsar.
 X-ray counterparts have not been detected for all VHE PWN candidates. If the
magnetic field strength is low enough, the X-ray synchrotron radiation might be
below detectable levels. Not even the pulsar might be detectable through its
thermal X-ray component, since the lifetime of the VHE γ-ray emitting electrons
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may even exceed the neutron star’s cooling and non-thermal radiation time scales
(de Jager & Djannati-Ata¨ı, 2008). The result would be a VHE PWN without X-ray
counterpart.
Figure 1.13 depicts the VHE γ-ray excess of HESS J1825-137, which is securely
associated with the PWN of the high spin-down luminosity pulsar PSR B1823-13
(Aharonian et al. (H.E.S.S. collaboration), 2005b, 2006e). It is one of the prime exam-
ples of a VHE PWN and exhibits all of the aforementioned characteristics.
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Chapter 2
H.E.S.S. and its Data Analysis
Scheme
When high-energy γ-rays enter the earth’s atmosphere they interact with atmospheric
nuclei and induce large cascades of secondary particles – known as air showers – in the
process. Thus, their direct detection is only possible above the atmosphere and satellite-
based experiments such as EGRET (Hartman et al., 1999), INTEGRAL (Winkler et al.,
2003) and FGST 1 (Ritz et al., 2007) dominate the field of γ-ray astronomy up to energies
of ∼100GeV. At even higher energies, the detection area of these satellite experiments
(on the order of m2) is not sufficient to measure the strongly declining particle flux. At
these energies, only the indirect detection of the primary γ-rays by means of their induced
air showers can provide the necessary instrumented volume. The Imaging Atmospheric
Cherenkov Technique is currently the most successful approach for the detection of VHE
γ-rays at energies between 100GeV and 100TeV. It uses the Cherenkov light emitted by
the secondary particles to image the air shower and deduce from it the properties of the
primary γ-ray. The characteristics of air showers and their emitted Cherenkov light will
be shortly summarized in Section 2.1. The general principle of the Imaging Atmospheric
Cherenkov Technique will be explained in Section 2.2. The chapter will conclude with a
description of the H.E.S.S. (High Energy Stereoscopic System) experiment, an array of four
IACTs, which currently dominates the field of VHE γ-ray astronomy. The telescope array
itself is presented in Section 2.3. The standard analysis scheme applied to the H.E.S.S. data
is summarized in Section 2.4. Finally, some basic performance properties of the H.E.S.S.
experiment will be given in Section 2.5.
2.1 Air Showers
The stream of cosmic rays impinging onto the earth atmosphere consists mainly of protons
(87%), α-particles (12%) and a small fraction of heavier atomic nuclei. Electrons, γ-rays
and high energy neutrinos constitute only a minor fraction (0.2%). When these particles
enter the atmosphere, the first interaction with an air molecule initiates a cascade of
secondary particle production and further interactions. The air shower propagates through
the atmosphere until the initial energy of its primary particle is exhausted by particle
1Fermi Gamma-ray Space Telescope, originally named GLAST
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creation and ionization. The characteristics of the air shower depend strongly on the
nature of the primary particle. In case of a γ-ray or an electron, the shower is purely
electromagnetic. If the incident particle was a nucleus – most likely a proton – a hadronic
component will emerge, further producing electromagnetic sub-showers. If the incident
particle’s energy is high enough, the secondary particles within the shower traverse the
atmosphere at velocities higher than the local speed-of-light. The consequently emitted
Cherenkov light can be used for their detection.
Electromagnetic Air Showers
If the incident particle interacts purely via the electromagnetic interaction, the resulting air
shower will be of electromagnetic nature as well. Successive bremsstrahlung and pair pro-
duction processes sustain the electromagnetic cascade: a high energy γ-ray converts into an
electron-positron pair when traversing the Coulomb-field of an atmospheric nucleus (pair
production); the leptons created in turn are deflected by close-by nuclei and thereby emit
high energy photons (bremsstrahlung). These two processes dominate the propagation of
the air shower mainly along the primary particle’s initial course as the secondary parti-
cles are emitted with minimal transverse momentum. Some lateral spread, however, arises
from multiple Coulomb scattering of the e±-pairs in the atmosphere. The total number of
secondary particles rises exponentially at first. Its increase, however, recedes when the av-
erage particle energy falls below ∼80MeV as the shower particles start to lose their energy
mainly through ionization of air molecules instead of photon creation via bremsstrahlung.
The maximum number of particles is directly proportional to the energy of the primary
particle. The height at which this maximum is reached, however, depends only logarith-
mically on the primary particle energy. The evolution of such an electromagnetic shower
from the first interaction to its extinction occurs on a timescale microseconds. For a 1TeV
γ-ray the full shower cascade develops within ∼50µs, the first interaction occurs at about
25 km and the maximum shower height is ∼10 km. Figure 2.1(a) illustrates the geometry
of an electromagnetic air shower.
Hadronic Air Showers
In the case where the energetic primary particle is a hadron, it scatters in-elastically off
the air nuclei and gives rise not only to secondary mesons like pions and kaons but also
hyperons and nucleons. As these particles interact via the strong interaction, a hadronic
particle cascade develops. At each interaction, however, about one sixth of the shower’s
energy is channeled into electromagnetic sub-showers via the decay of neutral and charged
mesons. Furthermore, additional energy loss occurs in the form of penetrating muons and
high energy neutrinos generated in the decay of the charged π±. The shower geometry of
a hadron-induced air shower is illustrated in Figure 2.1(b).
Due to the distinct interaction processes, hadronic showers exhibit different character-
istics than their electromagnetic counterparts:
 Due to the large transverse momentum of secondary particles produced in strong in-
teractions, hadronic showers exhibit a far greater lateral spread than electromagnetic
showers.
 While complex multi-particle processes occur in hadronic shower, electromagnetic
showers are dominated mainly by simple three-particle processes. As a result,
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hadronic showers are less regular and exhibit larger fluctuations than electromag-
netic showers.
 The mean free path within the atmosphere is far greater for protons than for γ-rays
(about a factor of 2). Consequently, hadronic showers penetrate deeper into the
atmosphere.
 A large fraction of the primary hadron energy is lost from the hadronic shower through
the production of long-lived muons and neutrinos as well as from dissipation in nu-
clear interactions. Despite the efficient energy transfer from the hadronic to the
electromagnetic component, a hadronic shower contains three times less particles in
the electromagnetic component than a γ-ray induced one, given the same primary
particle energy.
Cherenkov Light from Air Showers
When the primary particle is energetic enough, the velocity of the secondary particles
within the induced air shower may exceed the local speed-of-light. Under these circum-
stances, the charged particles will emit Cherenkov radiation. The peak of the Cherenkov
emission lies in the UV region. Strong absorption in the atmosphere, however, shifts it to
a wavelength of ∼330 nm. The Cherenkov photons are emitted into a narrow cone along
the particle course. The opening angle is of the order of 1◦-2◦ , depending on the refraction
index of the surrounding medium and the particle velocity.
In the case of an electromagnetic shower, which itself shows only a small lateral spread,
the Cherenkov light is emitted into a narrow cone. Figure 2.1(a) depicts the lateral pro-
jections of the Cherenkov light pool emitted from a simulated, γ-ray-induced air shower.
The initial energy is 300GeV. The narrow and homogeneous distribution of the Cherenkov-
light emitting particles is clearly visible. Additionally, the increasing refraction index with
decreasing height, leads to a slight focusing of the Cherenkov light onto the outer rim of
the cone, which is merely smeared out by further scattering processes. The resulting light
distribution on the ground is a rather homogeneous circle of radius 80 to 120m around the
shower axis, which is slightly fainter towards the center, see Figure 2.1(c). Even though
the whole development of an electromagnetic shower takes about ∼50µs, the front of the
Cherenkov light is only visible for ∼10 ns at the ground as the cascade develops nearly
along the light path. The Cherenkov light intensity on the ground is low. Due to fur-
ther scattering (Mie and Rayleigh scattering) and additional absorption by ozone, only
100 ph/m2 reach the ground in the case of a 1TeV γ-ray primary particle.
In the case of a hadron-induced shower, the distribution of particles is more widely
spread and exhibist stronger fluctuations, and the same is true for the emitted Cherenkov
light. As the energy necessary to produce Cherenkov photons depends linearly on the mass
of the particle, low mass particles, such as electrons, dominate the Cherenkov emission.
It is, therefore, mostly the electromagnetic component within the hadron-induced showers
that gives rise to the observed Cherenkov radiation. As a consequence, the Cherenkov
emission from a hadron-induced shower is even more irregular than the shower itself. Due
to the smaller number of particles in the electromagentic component, it is also three times
fainter than that observed from a γ-ray induced shower, given the same primary particle
energy. Figure 2.1(b) depicts the lateral projection of the Cherenkov light emitted by a
hadronic air shower initiated by a proton with an energy of 1TeV. The irregularity of
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Figure 2.1: Cherenkov emission of a simulated air shower initiated by a 300GeV γ-ray
(a+c) or by a proton with an initial energy of 1TeV (b+d); depicted are the projection on
the (x,z)-plane (a+b) and the (x,y)-plane (c+d), where the x-axis and y-axis are parallel
to the ground and the z-axis is orthogonal to both. The images were kindly provided by
Konrad Bernlo¨hr.
the distribution compared to a γ-induced air shower (shown on the left) is clearly visible.
The multiple sub-showers are also apparent in the light distribution on the ground, shown
in Figure 2.1(d). An additional component of the hadron-induced air showers are the
penetrating muons, which are – even close to the ground – still energetic enough to emit
Cherenkov light in a narrow cone around their path.
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2.2 Imaging Atmospheric Cherenkov Technique
Imaging atmospheric Cherenkov telescopes (IACTs) are currently the most sensitive in-
struments for VHE γ-ray astronomy in the energy range above 50-100GeV. The technique
was pioneered by the Whipple collaboration which operated a single 10m diameter IACT
and achieved an energy threshold of ∼350GeV. They detected the Crab nebula, the first
VHE γ-ray source, in 1989 (Weekes et al., 1989). In the successive generation of IACTs,
significant improvements in sensitivity were achieved through the integration of multi-
ple telescopes into arrays to allow for stereoscopic imaging. Prominent examples are the
HEGRA (Fonseca, 1998) and the Cangaroo (e.g. Kubo et al., 2000) experiments. As the
stereoscopic approach proved to be very successful, it was adopted in all instruments of the
consequent third generation: H.E.S.S. (Hinton, 2004), Veritas (Weekes, 2005), Cangaroo-
III (Kubo et al., 2004). As an exception, the MAGIC instrument (Cortina, 2005) employs
only one IACT so far, but will take a second telescope into operation at the beginning
of 2009 (Goebel, 2007). Compared with the previous generation instruments, the energy
threshold was significantly lowered towards ∼100GeV through the use of larger mirror
areas.
Working Principle
VHE γ-rays incident on the earth’s atmosphere, generate air showers of secondary particles
which in turn emit Cherenkov radiation. A telescope located in the light pool, can collect
the Cherenkov radiation using a large mirror and image the shower onto a sensitive camera.
In this way the atmosphere acts as an integral part of the instrument and large detection
areas of up 50,000m2 can be achieved surpassing by far the instrumented area of satellite-
based experiments. As the Cherenkov flashes from air showers last only for a few ns, fast
cameras are needed, suggesting the use of photo-multiplier arrays. The resulting image
constitutes a two-dimensional projection of the shower into the camera plane. Figure 2.2(a)
and 2.2(b) illustrates schematically the imaging geometry. The distance on the ground
between the reflector mirror and shower influences the position of the shower image. The
angle under which the shower is observed determines the length of the image, while the
shower’s lateral extent corresponds to the image’s width. For the narrow γ-ray induced
showers, the image’s width is usually much smaller than its length, such that the shower
image resembles an ellipse. Most hadron-induced showers exhibit a larger lateral spread
and can thereby be distinguished from the γ-ray induced showers by the larger width
of their images. The major axis of the elliptical images points on one side towards the
direction of the primary γ-ray, and on the other side towards the shower impact point
on the ground. Even though both parameters can be determined from a single shower
image, the angular resolution is greatly improved if multiple images of the shower have
been recorded from different viewing angles. This stereoscopic approach also improves the
hadron rejection since the inconsistency between reconstructed shower directions can be
utilized. The energy of the primary particle can be estimated from the intensity of the
shower image and the distance between the telescope and the shower impact point on the
ground.
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Figure 2.2: Sketch of the imaging geometry to illustrate the dependencies between shower
morphology and the resultant image in the camera. a.) View on the plane spanned by
the shower axis and the telescope position. The position of the image is determined by
the distance of the shower from the telescope, its length additionally depends also on
the longitudinal extend of the shower. b.) View from the telescope towards the shower,
distance to the telescope and the lateral spread of the shower determines the width of the
image.
Data Taking
Imaging atmospheric Cherenkov telescopes are normally operated only during astronomical
darkness, when the moon is below the horizon, as the detection of the faint Cherenkov
flashes is otherwise hampered by the additional light source. In H.E.S.S. data taking,
the available time is sub-divided into observations of 28minutes duration. During these
observation runs a single astronomical object or a certain position in the sky is tracked and
the data are taken continuously. The original observation strategy consists of consecutive
on-off observations, in which data are taken first on the actual target (on-run) and then on
an empty part of the sky (off-run), which serves to estimate the background. To keep the
conditions for the two runs as constant as possible, both are taken at the same elevation.
Since modern IACTs are built with a larger field-of-view, wobble-mode observations are
now more common. In this observation mode, the telescopes are aimed at a point slightly
offset from the actual target (0.5◦ to 1.0◦) which allows the simultaneous taking of on-
and off-data. The background estimate is then obtained from the same field-of-view as the
on-data, e.g. from a region with a similar offset from the camera center. The advantage
of this observation scheme is, beside the doubling of the on-source time, that the off-data
is taken under the exact same conditions.
2.3 The H.E.S.S. Experiment
The High Energy Stereoscopic System (H.E.S.S.) is an array of Imaging Atmospheric
Cherenkov telescopes, dedicated to the observation of VHE γ-rays in the energy range
between ∼100GeV and a few tens of TeV. It started observation in summer 2002, when
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the first telescope went into operation. The other telescopes were then gradually com-
pleted and the whole array is routinely operated since December 2003. The H.E.S.S. array
is shown in Figure 2.3.
The Site
The H.E.S.S. array is located at 1800m above sea level in the Khomas Highlands of Namibia
(23◦16’17”S, 16◦29’58”E). A site chosen for its good observation conditions (Wiedner,
1998). In about 60% of all moonless nights, the sky above the H.E.S.S. array is completely
cloud-less, allowing for unhampered imaging of the air showers. Furthermore, in almost
all of these nights the relative humidity is below 90%, conditions easing the operation
of the H.E.S.S. cameras. Finally, the location in the southern hemisphere permits the
observation of the inner part of the Galactic Plane at low zenith angles, resulting in a
maximum sensitivity coverage of this interesting region.
The Telescopes
The H.E.S.S. array consists of four identical telescopes placed on a square of 120m side
length to allow for stereoscopic imaging of the air showers. The spacing was chosen as
a compromise between a maximum baseline for stereoscopic imaging and the number of
telescopes able to observe the same shower. Each telescope consists of a camera, a reflector
dish and a support structure. The reflector dish has a diameter of 13m. It is equipped with
382 round mirrors each having a diameter of ∼60 cm. They are arranged in a Davies-Cotton
design with a focal length of ∼15m. The total mirror area is ∼107m2. The reflectivity
of the mirrors at a wavelength of 330 nm is about 80%. After alignment of the individual
mirrors, the optical point spread function lies between 0.25mrad on-axis and 2.8mrad off-
axis at the edge of the field-of-view. The reflector dish is placed in an altitude mount on a
supportive steel structure which itself can be rotated on a circular steel track to allow for
movement in the azimuth direction. The slewing speed in both directions is about 100◦ per
minute. Both mount and dish, are built for maximum rigidity and weigh together 60 tons.
Nevertheless, the pointing accuracy of about ∼20” is limited by the bending of the camera
Figure 2.3: The H.E.S.S. telescope array.
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Figure 2.4: One of the H.E.S.S. telescopes.
arm and deformation within the supportive frame. One of the H.E.S.S. telescopes is shown
in Figure 2.4.
The Camera
The camera of a H.E.S.S. telescope is positioned in the focal plane of the reflector dish.
It weights about 800 kg and is comprised of a hexagonal array of 960 photo multiplier
tubes (PMT). The quantum efficiency of the PMTs is ∼25%. They were nevertheless
favored above their alternatives like CCD cameras due to their fast response time, as the
Cherenkov flashes from air shower last only a few ns. The camera is built in a modular
design: each group of 16 PMTs is integrated into one of 60 drawers; each drawer houses the
necessary trigger and readout electronics as well as the high voltage supply for its PMTs.
The dynamical range of the data acquisition ranges from 1 to 1600 photo electrons. The
front of the camera is equipped with a layer of Winston cones to funnel the incident light
into the closest PMT, which reduces the area insensitive to light to less than 5%. Each
PMT corresponds to an area of 0.16◦, a pixelation small enough to resolve the details of
the shower images. The total field-of-view of the camera in the sky is ∼5◦ in diameter.
The Trigger
The H.E.S.S. experiment employs a two-level trigger. While the first-level trigger is based
on the single telescopes only, the second level requires a coincidence of at least two tele-
scopes to provide the desired stereoscopic imaging. For the first-level trigger decision, the
camera is subdivided into 64 overlapping trigger sectors each containing 8×8 pixels. A
single telescope is triggered when 5 pixels within such a sector detect a signal of more than
∼4 photo-electrons within a time window of 1.5 ns. In a typical observation run, such single
telescope triggers occur at a rate of approximately 250Hz. Once an individual telescope
is triggered, a signal is sent via optical cable to the central trigger located in the control
building near the telescope array. A trigger for the whole system is generated only if at
least two of the four telescopes are coincidentally triggered within a time window of 50 ns.
It is only in this case that the data of the individually triggered telescopes are read out and
stored. The central trigger thereby drastically reduces the random triggers due to night
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sky background as well as single telescope triggers by muons. In a normal observation run,
the central trigger rate is approximately 200-250 Hz.
2.4 The Standard Data Analysis Scheme
In this section the standard analysis scheme as applied to the H.E.S.S. data is briefly
summarized. The different stages are introduced in the order they occur in the real data
processing, from the calibration of the raw data, via the event reconstruction and gamma-
hadron separation to the estimation of the remaining background. At the end, a short
description is given of the statistical tools employed to quantify the extracted γ-ray signal.
Preparatory Steps
In the first step the raw data of each observation run, which is distributed into multiple
files, has to be merged. In the process, the stereoscopic events are time-ordered. The raw
data is then calibrated. A detailed description of the individual calibration steps is given
in (Aharonian et al. (H.E.S.S. collaboration), 2004a). As the atmosphere is used as an
integral part of the detector, only observation runs taken with properly working hardware
during good and stable weather conditions can be used in the analysis. Requirements on the
absolute value and the RMS of the trigger rate are used to reject observations with clouds
in the field-of-view. Furthermore, the number of photo multipliers turned-off due to bright
stars, technical problems and meteorites needs to be less than 10%. Beside the assurance of
stable conditions, the time varying characteristics of the array must be taken into account.
The optical response of each telescope, which is slowly decreasing on timescales of years
due to diminishing mirror reflectivity, is extracted from the data. No additional calibration
runs are necessary for this task, as the optical efficiency can be extracted from muon images
found in the recorded data. Isolated muons normally trigger only one telescope and are
therefore rejected by the central trigger. However, they are regularly recorded as part of
hadron-induced air showers. They produce ring-shaped images, which greatly differ from
the rest of the air shower image and are therefore easily identified. The expected light yield
from these muons assuming 100% optical efficiency can be estimated from the geometrical
parameters of their images. In comparison with the measured light yield, the actual optical
efficiency can be extracted. For a detailed description see Bolz (2004).
Event Reconstruction
After the calibration, the individual shower images are cleaned to remove noisy pixels,
whose intensities are unrelated to the Cherenkov image and are likely caused by night sky
background and/or photomultiplier noise. Only pixels which contain more then 10 (5)
photo electrons (p.e.) and have a neighboring pixel with at least 5 (10) p.e. are kept.
The procedure results in a selection of extended features consisting of multiple, spatially
connected pixels. Additionally, a varying threshold is applied to exclude pixels suffering
from bright star light: the pixel intensity in the image must exceed 3σ of its pedestal RMS
from the rest of the observation run. For each of the cleaned images, the Hillas parameters
are calculated to characterize the image’s intensity distribution. They constitute the first
and second moments of the distribution and represent a parametrization of an ellipse, a
shape motivated by the larger longitudinal then lateral extend of the air showers. They
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Figure 2.5: Hillas parametrization of the γ-ray induced shower images. The distance of the
center-of-gravity to the camera center, the width and the length of the Hillas ellipses are
used in the event selection. The intersection of the major axes in the correct coordinate
system determines the origin of the primary particle and the impact position of the shower
core on the ground. For simulated showers: The distance between the simulated and the
reconstructed shower direction is called θ and determines the angular resolution of the
instrument. Image taken from Aharonian et al. (H.E.S.S. collaboration) (2006g).
consist of the center-of-gravity, the length of the major axis, the length of the minor axis,
the orientation and the image size, i.e. the total number of p.e. in the cleaned image. An
illustration of the parameters is shown in Figure 2.5.
The Hillas parameters contain all the necessary information of the shower geometry
to reconstruct the arrival direction, the impact point of the shower axis on the ground
and the energy of the primary particle. As the H.E.S.S. array is operated with a two
telescope multiplicity requirement, each shower is observed with at least two cameras.
Using a simple stereoscopic approach, the origin of the primary particle is inferred from
the intersection point of the major axis of the Hillas ellipses, superimposed in a common
coordinate system. A sketch of the method is shown in Figure 2.5. The accuracy of the
direction reconstruction, which determines the angular resolution of the instrument, is
better than 0.1◦ for an individual event. A more detail description of the resulting point-
spread function of the H.E.S.S. instrument will be given later in this chapter. The impact
point on the ground is obtained in a similar way, intersecting the major axis in an array-
wide coordinate system, starting from the telescope locations. Its reconstruction accuracy
is better than 10m for the showers which impact within 200m from the center of the array.
The impact distance is an important parameter for the reconstruction of the primary
particle energy. It determines how many Cherenkov photons from the shower arrive at the
telescopes. Unlike the direction reconstruction, which could be performed on the basis of
the shower images only, the energy reconstruction needs further input from Monte Carlo
simulations. Look-up tables, generated from γ-ray Monte Carlo simulations, are used to
determine the primary particle energy according to the integrated image amplitude and
the reconstructed impact parameter. As the Monte Carlo simulations were produced for
a fixed optical efficiency, the energy read from the look-up tables has to be corrected to
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account for the difference between simulated and actual optical efficiency of the telescopes
during the data taking. The correction is applied in the form of a simple scaling of the
energy by the ratio of the optical efficiencies. The average energy resolution estimated
using the same Monte Carlo simulations is ∼15%.
Event Selection
Various selection cuts are applied on the image parameters to reject badly reconstructed
images and enrich γ-ray induced air showers. First, a minimum requirement on the image
amplitude after cleaning ensures a meaningful Hillas parametrization (size cut). To avoid
images merely partly contained in the camera, only ellipses with a center-of-gravity within
2◦ of the camera center are used for reconstruction (nominal-distance cut). For stereo-
scopic reconstruction, at least two of the camera images have to fulfill the aforementioned
requirements. As the numerically dominant hadron-induced air showers are less elliptical
than the γ-ray induced showers, their difference in shape can be exploited to suppress the
hadronic background. The width and length of the shower images are compared to the
mean values expected from γ-ray Monte Carlo simulations, given their image amplitude,
impact distance, zenith angle and offset from the system pointing direction. The difference
is then scaled by the spread of the simulated distribution and averaged over all participating
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and similarly the MRSL. Figure 2.6(a) and 2.6(b) depict the distributions of MRSW and
MRSL for simulated γ-ray induced shower and hadron-induced shower from simulations
and real data. Selecting a certain range for the values of MRSL and MRSW leads to
an enrichment of γ-ray induced air showers. Furthermore, since the hadronic background
arrives isotropically, a restriction on the angular distance θ between reconstructed shower
direction and the source position can be used to further suppress the residual hadronic
background.
The optimum values of the aforementioned selection requirements were simultaneously
optimized to the yield the maximum significance per hour of observations for two different
source classes. First, the hard-cuts were optimized for faint point-sources, with a flux of
1% of the Crab nebula flux and a hard power-law spectrum with index Γ = 2. They
are mostly used for source detections and morphology studies, as they provide a superior
sensitivity and angular resolution. The standard-cuts were optimized for more luminous
sources with a flux of 10% of the Crab nebula flux and a similar energy spectrum (Γ=2.6).
They are mostly used for spectral analysis, as they feature a lower energy threshold than
the hard-cuts. Table 2.1 summarizes the different cut values. It should be noted that the
sizes of the on-source regions stated in Table 2.1 were optimized for point-sources. In case
the VHE γ-ray source to be analysed is extended beyond the point-spread-function of the
instrument, larger on-source regions can be used to fully incorporate the source.
Background Estimation
After the application of the image shape selection cuts, the remaining events appear γ-ray
like, in the sense that they can not easily be distinguished from the signal events by means of
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(a) (b)
Figure 2.6: Distribution of a.) mean reduced scaled width (MRSW) and b.) mean re-
duced scaled length (MRSL) for Monte Carlo γ-ray simulations, Monte Carlo proton
simulations and real off-data. The simulated energy spectrum of γ-rays and protons
follows a pure power-law with an index of Γ=2.59 and Γ=2.70, respectively. All dis-
tributions were produced for a zenith angle of 20◦. The cut-values for γ-ray selection
used in the standard-cuts are illustrated by the vertical lines. The figure was taken from
Benbow, W. (for the H.E.S.S. Collaboration) (2005).
MRSW MRSL θ size
set min max min max min
degr.2 p.e.
standard -2.0 0.9 -2.0 2.0 0.0125 80
hard -2.0 0.7 -2.0 2.0 0.01 200
Table 2.1: Optimized values for the γ-ray selection cuts, for two different configurations.
Additionally, a minimum of two camera images passing the size and nominal distance cuts
are required.
the aforementioned parameters. Even though the signal events are enriched in this sample,
hadron-induced γ-ray-like events are still present. To extract a signal of γ-ray induced
events (Nγ) from a certain position in the sky, it is necessary to estimate the underlying
background component of non-γ-ray events (NBg). The signal is then determined by Nγ =
NOn − NBg, where NOn is the total number of γ-ray-like events within the signal region,
commonly defined as a circular region of radius θ around the source position. Three
different methods of background modeling are used in this work. They all determine the
background level from control regions hosting no γ-ray signals: NBg = αNOff . Here, NOff
is the number of events within the control regions and α is a normalization factor to
account for differences in area and acceptance between signal and control regions. The
three methods will be briefly described in the following, emphasizing their strengths and
weaknesses that determine their different fields of application.
In the ring-background method, the control region is a ring which is centered on the
signal region. Its inner radius is chosen far greater than the extent of the On-region to avoid
a contamination with signal-events. Its area is much larger then the area of the On-region
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Figure 2.7: Sketch of the on- and off- region for the different background estimation meth-
ods. The on-region is cross hatched, the off-regions for the reflected region method is filled
by diagonal lines and the ring-background region is filled by horizontal lines. The image
was taken from Aharonian et al. (H.E.S.S. collaboration) (2006g).
(by a factor of ∼7), to minimize the statistical fluctuations in the background estimate.
Figure 2.7 illustrates the ring-shaped Off-region. As the On- and Off-regions have vastly
different offsets from the camera center, the normalization factor α has not only to account
for the different areas but also for the different background acceptances within the camera.
As the model uses an energy-averaged model for the camera acceptance, it cannot easily
be used for spectral extraction. However, as the background can be derived for each point
in the field of view, the method is well suited for 2D image generation and morphology
studies. It should be noted, that the method inherently generates a correlation of the
background estimates even for spatially separated sky positions.
To avoid the strong dependence on the camera acceptance model, the reflected-region
background method uses control regions with the same size and offset from the camera
center as the signal region. The background regions are illustrated in Figure 2.7. As the
camera acceptance is roughly radially symmetric with respect to the camera center, all
regions have the same background acceptance. Consequently, the normalization factor α is
then merely the ratio of the number of On- and Off-regions. The method is ideally suited
for the analysis of data taken in wobble-mode observations, and is the default method for
spectral analysis.
Inherently, the reflected-region background method requires the On-region to be offset
from the camera center. Consequently it can not be used if the observation position is
within the emission region. In this case, the On-Off background method is applied, which
determines the background level from off-observations which do not have a γ-ray signal
in the field-of-view and are taken at the same elevation as the on-source observations.
Only one Off-region is used. It is placed at the same position relative to the camera
center as the On-region. Therefore, no assumptions have to be made on the shape of the
camera acceptance, aside from it being the same for both observations. Nevertheless, the
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background estimate extracted from the off-observation has to be normalized to account
for different durations of the observations and different trigger rates. The total number of
γ-ray like events outside the emission region is used for that purpose.
Signal Evaluation
Having extracted the number of On- and Off-events, as well as the corresponding normal-
ization factor α, the number of excess events is given by:




NOn + α2NOff . (2.3)

















Due to some false detections claimed in the early years of the field as well as the large
number of trials anticipated in the search for VHE γ-ray sources, it became common
practice in γ-ray astronomy to require a significance of at least 5 standard deviations
for the reliable detection of a source. The probability for such a signal to be caused by
statistical fluctuations is merely ∼6·10−5.
2.5 Basic Performance of H.E.S.S.
The basic parameters of the H.E.S.S. instrument that are essential for the observation of
extended sources and the survey of the Galactic Plane are its large field-of-view, its good
angular resolution and its superior sensitivity compared to other third generation IACTs.
These key characteristics will be summarized in the following.
Angular Resolution
The angular resolution of the instrument is of uttermost importance for the sensitivity
for point-sources as well as for morphology studies of extended VHE γ-ray sources and
their association with astrophysical objects known from other wavebands (especially in
the crowded region along the Galactic Plane). It can be derived from point-source γ-ray
Monte Carlo simulations by means of the point-spread function (PSF) of the instrument.
The PSF is given by the distribution of squared angular distances between the simulated
and the reconstructed arrival directions. The angular resolution is then defined as the
68% containment radius of this distribution. Figure 2.8(a) depicts the PSFs for the two
different sets of cuts described in Section 2.4 for observations taken at a zenith angle of
20◦ and 0.5◦ offset from the camera center. For these parameters, the angular resolution
using hard-cuts is 0.07◦, while it degrades to 0.1◦, when standard-cuts are used. Due to
the superior angular resolution hard cuts are usually used for morphology studies.
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Field-of-view
When the object of interest is extended far beyond the PSF or, even more in the case of large
area surveys, the off-axis performance is of great importance. Figure 2.8(b) depicts the
detection efficiency for γ-ray like events against the angular offset of their arrival directions
from the observation position. The curve was generated from Off-observations taken at a
zenith angle of ∼25◦. The radial acceptance curve is relatively flat for the inner 1◦ and then
drops quickly mostly due to the nominal distance cut presented in Section 2.4. It reaches
50% of its maximum at ∼2◦. It should be noted that the acceptance is strongly energy
dependent. It becomes much flatter for higher energies, e.g. above 5TeV the acceptance
curve reaches beyond 3◦ without any significant drop at larger offsets.
Sensitivity
Together with the angular resolution and the field-of-view, it is the sensitivity of the instru-
ment which is most important for its performance. Figure 2.8(c) shows the observation
time necessary for a 5σ detection of a point-source at a zenith angle of 20◦ versus the
source flux expressed as fraction of the Crab nebula flux. The assumed underlying source
spectrum follows a pure power-law with a photon index of 2.5, the background was taken
from Off-observations with zenith angles ranging from 15◦ to 25◦. The curves illustrate
the different optimizations for hard- and standard-cuts.: hard-cuts provide the better sen-
sitivity for the detection of weak sources with flux levels of less than 10% of the Crab
nebula flux and standard-cuts are optimized for the more luminous sources. In summary,
the H.E.S.S. array can detect point sources at flux levels of about 1% of the Crab Nebula
flux near zenith with a statistical significance of 5σ in 25 hours of observations.
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Figure 2.8: Basic performance parameters of the H.E.S.S. experiment: a.) Point-spread-
function of the instrument, shown are the distributions of squared angular distance between
the simulated and the reconstructed arrival directions for the two sets of selection cuts.
The curves were obtained from point-source MC simulations assuming a zenith angle of 20◦
and an offset of the source from the pointing direction of 0.5◦. b.) Energy-averaged radial
acceptance curve for the two sets of selection cuts, shown is the detection efficiency for
γ-ray like events against the angular offset of their arrival direction from the observation
position. c.)Sensitivity curve: observation time necessary for a 5σ detection versus the
source flux expressed in units of the Crab nebula flux. Again a zenith angle of 20◦ and





Along with the morphology of a VHE γ-ray source, it is the energy distribution of it’s emit-
ted γ-rays which adds the most valuable information to the theoretical models describing
the underlying processes at work in these accelerators. Thus, one of the key quantities in
the study of a VHE γ-ray source is its differential energy spectrum, F (E), conventionally





The quantity measured by H.E.S.S., which is directly related to the source’s γ-ray spectrum







P (E,Er, θz, ψ, νaz)A˜eff (E, θz, ψ, νaz)ǫ(E, θz, ψ, νaz)F (E)dE , (3.2)
where P (E,Er, θz, ψ, νaz) is the probability density function (PDF), which expresses
the probability of a γ-ray with energy E to be reconstructed to have an energy Er.
A˜eff(E, θz, ψ, νaz) =
∫
2π r drPγ is the effective collection area of the instrument and Pγ the
γ-ray detection probability. ǫ(E, θz, ψ, νaz) represents the efficiency of the γ-ray selection.
θz is the zenith angle of the observation, νaz its azimuth angle and ψ the offset of the γ-ray
source from the pointing direction of the instrument. The PDF, the effective collection
area and the cut efficiencies have to be determined using Monte Carlo simulations. In the
process, A˜eff and ǫ are usually derived in a combined manner as Aeff = A˜eff · ǫ.
Equation 3.2 can not be inverted analytically to obtain the underlying source spectrum.
In this chapter two different approaches will be presented to circumvent this problem and
determine the source spectrum from the measured differential γ-ray rate. In the first
method – from now on referred to as ’Method A’ – the energy smearing and the energy bias,
described by the PDF P (E,Er), are combined with the effective area Aeff(E). The resulting
quantity is again an effective areaAeff (Er), but is expressed in terms of reconstructed energy
Er. Similar to Aeff(E), it is determined using MC simulations. However, to correctly
describe the migration in energy caused by the reconstruction bias (see Section 3.2), the
MC γ-rays have to be produced following a typical source spectrum (commonly used is
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The source spectrum assumed in the production of the effective areas can then be adjusted
to the reconstructed source spectrum and the procedure repeated iteratively. As will be
shown later-on such an iteration is only necessary for large deviations between reconstructed
and assumed source spectrum and is normally ommited.
The second method – Method B – is based on a forward folding technique. The ex-
pected distribution of reconstructed energies is calculated for a given spectral shape using
Equation 3.2. The actual source spectrum is then measured by comparison of the expected
and the measured energy distribution.
3.1 Effective Gamma-Ray Collection Area
The effective γ-ray collection area Aeff is a product of the the energy-dependent γ−ray
selection efficiency ǫ and the effective area A˜eff =
∫
2π r drPγ , where Pγ the γ-ray detec-
tion probability of the intrument. Aeff therefore depends on the details of the γ-hadron
separation, the characteristics of the instrument, e.g. the trigger conditions, as well as the
zenith θz, offset ψ and azimuth νaz angles of the actual observation. Well above the trigger
threshold, the effective area is of the same order as the Cherenkov light pool on the ground.
Effective areas are determined using Monte Carlo simulations for distinct sets of zenith
angles (θz = 0
◦, 20◦, 30◦, 40◦, 45◦, 50◦, 55◦, 60◦, 63◦, 65◦), offset angles (ψ = 0◦, 0.5◦, 1◦,
1.5◦, 2◦, 2.5◦), azimuth angles (νaz = 0◦, 180◦) and γ-ray selection cuts. NMCγ events are
thrown homogeneously on an area AMC. The effective areas are then determined as:




where N selγ is the number of events which trigger the array and pass the γ-ray selection
cuts. The detailed procedure is as follows:
 A γ-ray point source is simulated at a fixed zenith and azimuth angle
– The development of the electromagnetic shower within the atmosphere induced
by the incident γ-ray is simulated using the CORSIKA package (Heck et al.,
1998). The atmospheric model used is optimized for a desert-like atmosphere
without aerosol pollution (Anderson et al., 1996).
– The detector response is modeled using the simulation package “SimHESSAr-
ray” [designed by Konrad Bernlo¨hr for the H.E.S.S. array]. The detector re-
sponse depends strongly on the optical efficiency of the telescopes which in turn
depend on the mirror reflectivity. As the reflectivity degrades on the timescale
of years, the simulations have to be repeated on the same timescale with up-to-
date values for the mirror reflectivity. The effective areas used in this work were
produced with a reflectivity of 70% for all telescopes.
– The source offset within the simulation is determined by the pointing direction
of the instrument. Thus, effective areas with different offsets ψ can be obtained
with the same simulated showers.
– The most calculation-intensive part of the simulation is the shower development.
Simulated showers are therefore used more than once (∼10 times on average)
by shifting the H.E.S.S. array relative to the nominal core position.
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– The incident events are generated with a power law of photon index Γ=2. It
should be noted that the weighting with a typical source spectrum is only nec-
essary to determine the effective areas depending on the reconstructed energy
Aeff (Er) as used in Method A.
 The generated Monte Carlos are processed by the same analysis chain as used for the
data (see Section 2.4). The effective areas are therefore valid only for the analysis
configuration used in this step, including the γ-ray selection cuts and the size of the
On-source region.
 The Monte Carlo events are binned in true and reconstructed energies and the effec-
tive areas A(E) and A(Er) are calculated using Equation 3.4.
 The histograms are fitted with high-order polynomial functions to overcome step-like
behavior at bin edges caused by limited event statistics, especially at higher energies.
– A(E) is fitted with a sixth-order polynomial.
– A(Er) is fitted with a seventh-order polynomial plus an exponential, necessary
to describe the more irregular shape of the A(Er) close to the threshold which
is caused by the energy reconstruction bias, described in Section 3.2.
 The effective areas are created for distinct sets of zenith, offset and azimuth angles.
To obtain an effective area for an arbitrary set (θz, ψ and νaz), a bilinear interpolation
in cos(θz) and ψ is performed. No interpolation is done for the (rather weak) azimuth
dependence.
It should be noted that the effective areas are only valid for the analysis configuration
they have been produced with. This is especially important for the size of the on-source
region (a circle with the radius θ). Two different kinds of effective areas are used: the
point-source effective areas and the full-enclosure effective areas. The point-source effective
areas are produced with a value of θ optimized for the analysis of point sources. The
corresponding values for hard- and standard-cuts are stated in Table 2.1. As can be seen
in Figure 2.8(b), the size of the on-source region is then smaller than the extend of a
point-source which is caused by the limited angular resolution of the instrument. The
point-source effective areas correct for this leakage of source flux outside of the on-source
region. Thus, a flux calculated using these effective areas corresponds to the point-source
and not just to the emission within the on-source region. Full-enclosure effective areas,
on the other hand, are produced with an infinitely large on-source region and therefore do
not include this correction factor. Therefore, a flux calculated with these effective areas
corresponds only to the emission within the on-source region chosen for the source analysis.
Figure 3.1 to 3.3 show some representative effective areas to illustrate their basic de-
pendencies. Figure 3.1(a) depicts the effective areas for a medium zenith angle of 20◦ and
an offset angle of 0.5◦ versus reconstructed (blue) and true MC energy (red). Both the
histograms and the fitted analytic functions are drawn. As the fit functions describe the
histograms reasonably well, they will be solely used in the following. The two effective
areas appear very similar. Both rise steeply above the trigger threshold. With increasing
energy the rise levels off, until the effective area starts to drop again at even higher energies,
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Figure 3.1: a.) top: Effective areas versus reconstructed (blue) and true MC (red) energy
for a medium zenith angle θz of 20
◦, an offset angle ψ of 0.5◦and standard-cuts for γ-
hadron separation. The histograms directly obtained from MC simulations are illustrated
by the markers, the analytic functions fitted to the histograms are shown as solid lines. a.)
bottom: Residuals between the effective areas versus true MC and reconstructed energy.
b.) Effective areas versus reconstructed energies for various zenith angles. The offset and
azimuth angle is fixed to ψ = 0.5◦ and νaz = 180◦, respectively.
where the decrease in cut-efficiency starts to dominate1. Only at very low and very high
energies, where the energy bias becomes dominant over the energy resolution, the effective
areas versus true and reconstructed energy deviate, visible in the residuals shown at the
bottom of the figure.
Figure 3.1(b) illustrates the zenith angle dependence of the effective areas. The first
effect apparent is the increase of the energy threshold with increasing zenith angles. Larger
zenith angles result in larger distances between the shower maximum and the telescopes,
which on the one hand decreases the photon density on the ground and on the other hand
increases the optical column depth the Cherenkov light has to traverse before detection.
Thus, the larger zenith angle results in a dimmer Cherenkov light pool on the ground,
increasing the energy threshold of the instrument. The second effect visible in Figure 3.1(b)
is the increase of the effective areas for fixed energies (well above the energy threshold)
and increasing zenith angles. The inclined impact of the Cherenkov cone leads to a larger
footprint of the shower on the ground (Cherenkov cone radius: Rc ∼ 1cos(θz)) which directly
translates into an increase of the collection areas.
Figure 3.2(a) illustrates the dependence of the effective areas from the offset angle
between pointing direction and source position (ψ). At a medium zenith angle of 20◦,
the effective areas for a fixed set of reconstructed energies (0.6, 1, 10, 30TeV) are shown
for offset angles ranging from 0◦ to 2.5◦ in steps of 0.5◦. For these distinct offset values
Monte Carlo simulations exist. The effective areas for all other offset angles are obtained
by linear interpolation. Naturally, the curves resemble the radial acceptance curves shown
1The drop in cut-efficiency at larger energies is mainly caused by the nominal distance cut, because at
these energies distant events produce images far away from the camera center.
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Figure 3.2: a.) Effective areas for four different reconstructed energies versus the offset of
the simulated γ-ray source from the pointing direction of the instrument. The effective areas
are obtained at a zenith angle of θz=20
◦, an azimuth angle of νaz=180◦ and standard γ-ray
selection cuts. b.) top: Effective areas for two different zenith angles versus reconstructed
energy for azimuth angles of νaz = 0
◦ (North) and νaz = 180◦(South).
in Figure 2.8(b). They are reasonable flat up to 1◦ and then start to deteriorate at larger
offset angles, an effect which is less pronounced at higher energies (see Section 2.5).
So far, all effective areas shown were calculated for an azimuth angle of 180◦, e.g. for the
H.E.S.S. instrument pointing South. However, the development of an air shower depends
on its orientation relative to the Earth’s magnetic field, and so does the effective area. The
electron and positron pairs created during pair production spiral diametrically in opposite
directions in a plane perpendicular to the Earth’s magnetic field. At the H.E.S.S. site,
the angle between the magnetic field lines and the shower axis is larger when pointing
South. The resulting larger angular spread leads to a shift of the effective areas to higher
energies. Figure 3.2(b) compares the effective areas for azimuth angles of 0◦ and 180◦ for
two different zenith angles (θz=20
◦, 60◦). The effective areas are larger for ψ=0◦ than for
ψ=180◦. For energies well above the energy threshold, the difference can reach up to 20%.
The effect becomes more pronounced for larger zenith angles, due to the longer distance
that the shower particles travel through the magnetic field.
Figure 3.3(a) depicts two further dependencies of the effective areas: telescope mul-
tiplicity and γ-ray selection cuts. In the case where one of the H.E.S.S. telescopes has
a technical problem, the array is operated with only 3 telescopes. This results in a de-
crease of the effective area of ∼20% for energies well above the trigger threshold. Because
the γ-ray cut-efficiency was folded into the effective area, the decrease depends on the
set of selection cuts used for γ-hadron separation (including the size of the On-source re-
gion). Figure 3.3(a) shows the effective areas for hard- and standard-cuts as introduced
in Section 2.4. As the γ-ray selection efficiency of the standard-cuts is 35% and 13% for
hard-cuts (for point sources, see Benbow, W. (for the H.E.S.S. Collaboration), 2005), the
effective areas for standard-cuts are ∼5-10% above those for hard-cuts at energies far above
the trigger thresholds. Also visible is the increase of the energy threshold caused mainly
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Figure 3.3: a.) Effective areas obtained at θz = 20
◦ and ψ = 0.5◦ for hard and standard
γ-ray selection cuts using the full H.E.S.S. array (4 tel) and excluding one telescope (3
tel). b.) PDF to reconstruct an event with true MC energy E to have an energy Er. The
depicted PDF was obtained with θz = 20
◦, ψ = 0.5◦ and standard-cuts.
by 200 photo electrons per shower image required by the hard-cuts (in comparison to 80
p.e. for standard-cuts, see Section 2.4).
3.2 Probability Density Function
The probability density function P (E,Er, θz, ψ, νaz) (see Equation 3.2) determines the prob-
ability for an event with true MC energy E to be reconstructed with an energy Er. The
PDF is directly related to the energy resolution and the energy reconstruction bias, which
are defined as the spread and the mean value of the PDF for each MC energy, see Fig-
ure 3.4(b). For energies close to the threshold there is an inevitable bias in the energy
reconstruction due to the sharp requirement on the minimum image amplitude. Due to
this cut, only upwards fluctuations are considered and events with a too high reconstructed
energy are preferentially selected. The PDF displays the same dependencies as the effective
areas, such as the zenith angle, the azimuth angle, the offset angle, as well as the γ-ray
selection cuts.
Analogous to the effective area, the PDF is determined from Monte Carlo simulations,
following a similar procedure:
 The same γ-ray simulations used for the effective area production are used to derive
the PDF. It should be noted that the PDF does not depend on the simulated γ-ray
spectrum.
 The MC events are binned in a 2D histogram: Er−EE vs. log(E)












































































Figure 3.4: a.) Differential γ-ray rate in units of TeV−1s−1. The red curve was obtained
at a zenith angle of θz=20
◦, an offset angle of ψ=0.5◦, an azimuth angle of 180◦ using
standard-cuts for γ-hadron separation. The underlying source spectrum follows a power
law with photon index Γ=2. All other curves were obtained with similar configurations,
only variations are stated in the corresponding legend. b.) Energy reconstruction bias
versus true MC energy. The energy bias of 10% as used in the definition of the spectrum
energy threshold is illustrated by a black dotted line.






 The resulting 2D histograms are directly used as PDF look-ups. No further smoothing
or fitting is applied.
 Such PDFs are created for the same sets of zenith, offset and azimuth angles as the
effective areas. To obtain a PDF for an arbitrary set of these input variables, the
same interpolation as introduced for the effective area is applied.
As an example, Figure 3.3(b) shows the 2D histogram used as a PDF look-up for a zenith
angle of 20◦, an offset of 0.5◦ and an azimuth angle of νaz of 0◦.
3.3 Energy Threshold
Two different kind of energy thresholds occur in the analysis of the H.E.S.S. data: The
first is the analysis threshold, defined as the energy at which the differential γ-ray rate
(after selection cuts) reaches its maximum. The differential rates are calculated by folding
the effective area (obtained from simulations) with a power law source spectrum with a
photon index of Γ=2. The analysis threshold exhibits thereby the same dependencies
as the effective area (vs. Er): zenith and offset angle, analysis cuts and the assumed
γ-ray spectrum. Figure 3.4 depicts the differential γ-ray rate for various sets of input
parameters. Even though the differential rate decreases with increasing offset angle, its
maximum remains at roughly the same energy, which results in the analysis threshold to
be only weakly dependent on the offset. The dependence on the zenith angle, however,
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Figure 3.5: Zenith dependence of the analysis threshold and the spectrum energy threshold
for hard and standard γ-ray selection cuts. The thresholds were obtained for a zenith angle
of θz=20
◦, an offset angle of ψ=0.5◦, an azimuth angle of 180◦ and an underlying source
spectrum following a power law with photon index Γ=2.
is much stronger (see Figure 3.5): the trigger threshold increases (for standard-cuts) from
∼200GeV at a zenith angle of 0◦ to ∼3TeV at 65◦. Which analysis cuts are applied to
the data makes a big difference as well. At a zenith angle of 20◦ the analysis threshold
for standard-cuts is ∼ 260GeV, but it increases to 480GeV for hard-cuts. From the γ-ray
selection cuts, it is dominantly the requirement on the image amplitude (see Section 2.4)
that determines the trigger threshold. It should be noted that the analysis threshold is the
relevant energy threshold for image generation in the H.E.S.S. analysis framework.
The second threshold is the spectrum energy threshold, applied to the data for spectral
extraction. It is defined as the minimum energy for which the energy bias is less than 10%.
There are two reasons for such an additional energy cut. The first is to avoid the strongly
rising part of the effective areas just above the analysis threshold, which is easily affected
by a non-perfect MC description. The second reason is the large reconstruction bias at
these energies, which leads to systematic errors if the measured source spectrum deviates
significantly from the spectral shape (∼ E2) used in the simulations. Figure 3.5 illustrates
the zenith angle dependence of the spectrum energy threshold. A second spectrum energy
threshold is applied at the highest energies. This threshold accommodates for the high-
energy end of the derived effective areas. As the energy distribution of the simulated events
follows a power-law, the event statistics at energies beyond this threshold is not sufficient
to derive a meaningful value for the effective area. For the common data set, the available
statistics drops below a useful level long before the upper spectrum energy threshold.
3.4 Differential Gamma-Ray Spectrum: Method A
The aim of the spectral analysis is to calculate the differential γ-ray flux (in units of
TeV−1cm−2s−1). In Method A, the energy smearing and the energy migration caused by
the reconstruction bias are absorbed into the effective areas and the differential γ-ray rate
is calculated using Equation 3.3. The detailed procedure is as follows:
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 For each observation run, the ON-events and the OFF-events are filled into finely
binned histograms (24 bins per decade (bpd)) with log(Er) on the abscissa.
 The mean effective area curve (vs. Er) is calculated on the basis of the zenith and
offset angle distribution of the ON-events, for each run individually, taking the num-
ber of participating telescopes into account. The run-wise effective area curve is
then multiplied by the dead-time corrected duration (livetime) of the corresponding
observation. The resulting curve has the units m2s and is referred to as (TAeff)run
from now on. It should be noted that the same effective areas are used for the ON-
and OFF events, assuming that both share the same system acceptance. The OFF
effective areas are merely multiplied by the background normalization factor 1/α (see
Section 2.4).
 The upper and lower spectrum energy threshold for each individual run is determined
on the basis of the zenith and offset angle of the pointing position. The energy
thresholds are applied by zeroing all bins within the 3 previously filled histograms
(ON-events, OFF-events and (TAeff)run), that are not fully included in the range
between the energy thresholds.
 The run-wise histograms are summed to obtain the combined histograms valid for
the whole data set. In this step, observations with 3- and 4-telescopes are natu-
rally combined. As an example, the resulting histograms in the spectral analysis of
HESS J1745-290 – located at the Galactic Center – are depicted in Figure 3.6(a) and
3.6(b).
 Usually the initial binning of 24 bins per decade is too fine for the available statistics.
A merging of the fine bins is therefore necessary. Two different methods are used to
determine a suitable bin size:
– Adaptive Binning: An initial coarser binning is chosen on the basis of the sta-
tistical significance σ of the whole source (>30 σ: 12 bpd, >12 σ: 6 bpd, <12 σ:
4 bpd). The smallest bin size (12bpd) is chosen such that it is larger than the
energy resolution of ∼ 15% (see Section 2.4). Then, starting from the smallest
energies, proceeding to higher energies, the initial binning is kept till the sig-
nificance of a bin is less then 2σ, then the bin width of this and all consequent
bins is doubled. The procedure continues till the minimum requirement of 2σ
can not be fulfilled anymore.
– Fixed binning: A fixed size for all bins is chosen as a compromise between
the total number of bins and the significance of the highest energy bins. This
procedure is not automated but is adjusted to the individual data set by hand.
The fine bins are then merged into the coarser bins: The numbers of ON- and OFF-
events are merely added while the life time weighted effective areas are averaged
using an arithmetic mean. It should be noted that the simple arithmetic mean is an
approximation. For very large bins a weighting with the expected event distribution
within the bin would be more appropriate.
 The ON- and OFF-event numbers (Non, Noff) are divided by (TAeff ) and the width of
the energy bin (dE) to obtain the corresponding differential fluxes (see Figure 3.6(c),
with the initial fine binning of 24 bpd).
61






































Eff. area x Live time (ON)























































Figure 3.6: Illustration of the various steps in Method A to calculate the differential energy
spectrum, taken from the spectral analysis of HESS J1745-290, the VHE γ-ray source at
the Galactic Center. a) Reconstructed energy distribution of the ON- and OFF-events
finely binned with 24 bins per decade. b) Livetime weighted effective area curve versus
reconstructed energy, the same effective area curve is used for ON- and OFF-events. The
OFF-events effective area is merely multiplied by the background normalization factor
1/α. c) ON- and OFF- differential flux. d) Source differential flux in fine bins and after
the adaptive re-binning procedure was applied. The re-positioned final flux points are
depicted.























i (θz, ψ) . (3.6)
The result is a differential flux point for each of the coarse energy bins (see Fig-
ure 3.6(d), with the initial fine binning of 24 bpd).
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3.5. DIFFERENTIAL GAMMA-RAY SPECTRUM: METHOD B
 The error on each differential flux point is determined assuming that its fractional
error equals the fractional error on the corresponding excess. The error on the energy
is not taken into account.
 Similar to the re-binning procedure, two different approaches exist to decide which
flux points are used in the determination of the source spectrum:
– When the adaptive binning is used, only flux points which fulfill the minimal
requirement of 2σ on the statistical significance and which have a fractional
error of less than 100% are used.
– When “fixed binning” is applied, all flux points within the spectrum energy
thresholds are used, regardless of their significance. Only flux points with less
than 4 On(Off)-region events are rejected to avoid extreme deviations from
Gaussian statistics. Flux points with a significance of less than 1σ are plotted
as 2σ upper limits (see Section 2.4).
 To extract the characteristics of the source spectrum, the spectral points are fitted
with analytical functions using a minimum χ2 procedure. Among others, the following
spectral shapes are used:





, where φ0 is the flux normalization at the
reference energy E0, and Γ the photon index.





· exp(−EEC ), where EC is
the cut-off energy.
 After the first iteration, the flux points are repositioned within their corresponding
bins. So far, they were placed at the arithmetic bin center, a position which results in
a systematic shift of the fit results (Lafferty & Wyatt, 1995). Following the approach
by Lafferty & Wyatt (1995), the flux points are now placed at the energy E˜ where






(TAeff )(Ei+1 − Ei)
(3.7)
After the repositioning, the flux points are re-fitted. This is an iterative procedure,
but one iteration is normally sufficient. The resulting flux points are shown in Fig-
ure 3.6(d).
3.5 Differential Gamma-Ray Spectrum: Method B
Method B follows a completely different approach: The expected number of ON- and
OFF-events in each bin of reconstructed energy is derived assuming an underlying source
spectrum and taking the system performance into account. In comparison with the mea-
sured event numbers the most likely spectrum of the source at hand is derived. The detailed
procedure is as follows:
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 For each observation run, the reconstructed energies of the ON- and OFF- events
are filled into finely binned histograms (24 bpd) with log(Er) on the abscissa. The
number of ON- and OFF-events within each bin is given by Non and Noff
 The spectrum energy thresholds are applied by setting all bins in the 2 previously
filled histograms to zero, if they are not fully contained in the region between the
energy thresholds.
 The run wise histograms are then summed.
 The number of expected excess events nγ within each bin of reconstructed energy is










dE · φfit(E)Aeff (E, θ, ψ)P (Er, E, θ, ψ) (3.8)
where Er,i and Er,i+1 are the bin edges of the corresponding energy bin, tθ,ψ the
livetime of the observation spent at a zenith angle θz and an offset angle ψ
2. The
underlying source spectrum is given by φfit. Aeff(E, θ, ψ) and P (Er, E, θ, ψ) have been
introduced in Section 3.1 and 3.2. In the sum, only runs are considered in which the
corresponding energy bin was within the spectrum energy thresholds.
Observation runs with only 3 operating telescopes can easily be incorporated in the
above summation, when the corresponding effective areas and probability density
functions are used.
 The probability of observing a certain number of ON-events (Non) and OFF-events
(Noff ), when nγ excess events and nh background events are expected, is given –
according to Poisson statistics – by:









where α is the background normalization factor.



























3.5. DIFFERENTIAL GAMMA-RAY SPECTRUM: METHOD B
 The best background estimate in the energy bin (Er,i, Er,i+1,), nh, given Non, Noff
and nγ is obtained by maximizing the probability P . The analytical solution is given
by:
C = α(Non +Noff )− (1 + α)nγ (3.10)





The number of expected excess and background events, together with the actually
measured numbers are depicted in Figure 3.7(a) and 3.7(b).
 The underlying source spectrum φfit(E) (for the different spectral shapes see Sec-
tion 3.4) is then varied to minimize the negative log-likelihood (-L):
− L = −log(P ) ∼ Non · log(nγ + αnh) +Noff · log(nh)
−((1 + α)nh + nγ) (3.13)
The terms independent of nγ and nh have been omitted. The minimization is per-
formed using MIGRAT, which is a part of the MINUIT package3. Figure 3.8(c)
illustrates the log-likelihood plane spaned by the two fit parameters phi0 and Γ of a
pure power-law fit function.
 In contrast to the approach followed in Method A, the underlying source spectrum
is determined directly from the ON- and OFF-counts. Thus, no calculation of flux
points is necessary for the actual derivation of the fit function. The flux points can,
therefore, be determined subsequently:
– To obtain the size and position of the flux bins in reconstructed energy, the same
procedure as described in Section 3.4 is applied.
– For each broad bin in reconstructed energy, the flux points are positioned at the
mean energy E derived from the previously obtained fit function and Aeff(Et)
4.
– The flux in each bin of reconstructed energy is calculated from the ratio of excess
events to the expected number of signal events:
F (E) =
(Non − αNoff ) · φ(E)
nγ
(3.14)
– The error on the flux in each bin is calculated in the same way as described in
Section 3.4.
It should be noted that this approach takes the energy reconstruction bias correctly into
account, even for a source spectrum different from the one used in the simulations (see
3Part of of PACKLIB: http://cernlib.web.cern.ch/cernlib/packlib.html











dEt · φfit(E) · E · Aeff (E, θ, ψ)PDF (Er, E, θ, ψ)
nγ
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Figure 3.7: Illustration of the various steps in Method B to calculate the differential energy
spectrum. The data was taken from the analysis of HESS J1745-290, the VHE γ-ray source
at the Galactic Center. a) Reconstructed energy distribution of the excess events (blue) in
comparison to the expected number of signal events (red) after the Log-Likelihood mini-
mization assuming a pure power-law spectral shape. b) Reconstructed energy distribution
of the OFF-events, measured (Noff) and expected (nh). c) Log-likelihood plane – as given
by Equation 3.13 – spanned by the fit parameters φ0 and Γ for a pure power law fit. Con-
tours are given at Min+0.5, Min+1 and Min+1.5, where Min is the Log-Likelihood at the
best fit position in parameter space.
Section 3.1 and 3.2). Therefore, it is in principle possible to increase the acceptable energy
reconstruction bias and thereby lower the spectrum energy threshold. The possibly non-
perfect description of the system response in the region close to the analysis threshold,




To test the two methods for spectral reconstruction and evaluate their inherent systematic
uncertainties, a Toy Model Monte Carlo simulation is deployed. Such simulations have the
advantage that multiple data sets for varying input parameters can be produced with little
computational time. The production of simulated data sets in great quantities is necessary
to study systematic biases and test the error calculation on a statistical basis. As such a
Toy Model does not test the whole analysis chain, a consistency check of the two models
using real data is performed at the end.
3.6.1 Toy Model MC
The Toy Model Monte Carlo (MC) simulation is used to produce data sets for a fixed
zenith angle of 45◦ and an offset angle of 0.5◦ following the data set characteristics of
the Crab nebula, as published in Aharonian et al. (H.E.S.S. collaboration) (2006g). Input
parameters are the underlying source spectrum, the live time of the observations and the
signal to noise ratio. The total number of signal events to be simulated is determined from
the integral of the corresponding effective area Aeff(E) convolved with the source spectrum
and multiplied by the live time. The true MC energy of each signal event is extracted from
the same curve (Aeff (E)×φ(E)). The reconstructed energy for each event is then extracted
following the probability density function introduced in Section 3.2. The total number of
background events is obtained from the number of signal events above the spectrum energy
threshold, the signal to noise ratio and the background normalization factor (here α = 0.2).
Their reconstructed energy is directly sampled from the energy distribution of real OFF-
events obtained from a spectral analysis of the Crab Nebula, restricted to observations
taken at a zenith angle of ∼45◦ and an offset ∼0.5◦.
For 6 different sets of input parameters, 10,000 Toy Model MC data sets are produced
and their underlying source spectra reconstructed using Method A and Method B. Apart
from Set 4 and 5, all sets have been reconstructed with an allowed energy reconstruction
bias of 0.1, which directly determines the spectrum energy threshold. Due to the necessary
automation, both methods have been applied with the adaptive binning procedure. Ta-
ble 3.1 summarizes the different input parameters, while Figure 3.8(a) - 3.9(c) depict the
mean deviations of the reconstructed spectral parameters from the simulated values. The
corresponding error bars illustrate the mean reconstruction uncertainties. A deviation of
the reconstructed parameters beyond the error bars therefore indicates systematic shifts
dominating over the statistical uncertainty.
Set 1 is designed to investigate the index dependence of the spectral reconstruction for
a very high statistics data set, similar to the one available for the Crab Nebula. A source
spectrum following a pure power law was simulated with a reasonable livetime of ∼23 h, a
flux normalization at 1TeV of φ0 = 3·10−11 cm−2s−1TeV−1 and a signal to noise ratio of 8.
Figure 3.8(a) shows the mean absolute deviation of the reconstructed spectral index Γ from
the simulated value, while Figure 3.8(b) depicts the mean relative reconstruction deviation
of the flux normalization φ0(1TeV). For a photon index of Γ = 2.0 the reconstruction of
both parameters is close to perfect, but with increasing indices Method A tends to recon-
struct the photon index too low and the flux normalization too high. The reconstruction
performance of Method B, however, is almost unaffected by the simulated spectral index.
The increasing deviations of Method A arise from the effective areas Aeff(Er), which implic-
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Set Γ φ0(1TeV) EC livetime S/N bias
[cm−2s−1TeV−1] [TeV] [h]
1 2 . . . 4 3·10−11 – 22.8 8 0.1
2 2 . . . 4 5·10−13 – 34 0.3 0.1
3 2 3·10−11 3-15 22.8 8 0.1
4 2 . . . 3 3·10−11 – 22.8 8 0.1-0.25
5 2 . . . 3 5·10−13 – 34 0.3 0.1-0.25
6 2 . . . 3 3.2·10−11/2i (i=0,..,6) – 34 19.2/2i 0.1
Table 3.1: Summary of the different source spectra and data sets simulated with the Toy
Model Monte Carlo simulation. The source spectra are characterized by the photon index
Γ, the flux normalization φ0 at 1TeV and, in case an exponential cut-off is simulated,
by the cut-off energy EC . The livetime of the simulated data set is given together with
the signal to noise ratio S/N and the maximally allowed energy reconstruction bias which
determines the position of the spectrum energy threshold.
itly include the energy migration caused by the energy reconstruction bias and therefore
depend on the spectral shape of the observed γ-ray source. The effective areas used are
produced with a pure power law and a photon index of 2.0. If the source spectrum to be
analyzed is much softer (i.e. has a larger photon index), the energy migration is not taken
into account properly, which causes a reconstruction bias to smaller photon indices. It
should be noted that for photon indices between 2 and 3, a range which includes all energy
spectra observed from Galactic γ-ray sources, both methods show equally good agreement
between simulated and reconstructed spectra. Only for softer photon indices, Γ > 3, does
Method A show a reconstruction bias, which can be as large as ∆Γ = −0.15 and ∆φ0=
4% for Γ=4.
Set 2 was designed to investigate the same index dependence as Set 1 but with
a much weaker source. The characteristics of the simulated γ-ray source (φ0 = 5 ·
10−13cm−2s−1TeV−1) and the data set (livetime = 34 h, signal to noise ratio of 0.3) follow
the data set of Kes 75, a weak point source presented in Section 4.5. The reconstruction
bias of Method A for very soft spectra is also apparent in this set, see Figure 3.8(c) and
3.8(d). However, as the bias seems to be independent of the statistics of the data set,
it is much smaller than the mean statistical reconstruction error and is therefore of no
consequence.
Set 3 is designed to study the reconstruction performance of Method A and B for a









Only a high statistics data set similar to Set 1 is simulated. A fit of 3 free parameters
(one more than for a pure power law fit), out of which 2 are strongly correlated (EC
and Γ) is not reasonable for a low statistics data set. A low statistics case similar to
Set 2 is therefore omitted. The simulated photon index is 2.0. Figures 3.9(a) to 3.9(c)
illustrate the reconstruction performance of Method A and B for the photon index Γ, the




















































































Figure 3.8: Spectral reconstruction performance of Method A and Method B for Set 1 (a+b)
and 2 (c+d). Shown are the mean absolute deviation of the reconstructed photon index
from the simulated value (a+c) and the mean relative deviation of the flux normalizations
at 1TeV (b+d) for varying values of the simulated photon index. The error bars depict the
mean statistical reconstruction error of the corresponding parameter. Note that the scale
on the y-axis differs between the plots.
however for the flux normalization, Method B shows a smaller reconstruction bias then
Method A, which itself is only ∼2%. The bias for the photon index is always below
0.03 and for the cut-off energy below 0.5 TeV even for EC=15TeV. Figure 3.10 depicts
the pull5-distributions obtained for Set 3 with a cut-off energy of EC=7TeV. Shown is
the distribution of the absolute deviations between reconstructed and simulated spectral
parameter (φ0, Γ and EC) divided by the statistical error for all 10,000 MC simulated data
sets. The mean of these distributions are already shown in Figure 3.9(a) to 3.9(c). All three
distributions follow a Gaussian shape with width σ ∼1, meaning that the statistical errors
are correct and represent the statistical spread of the fit results. The pull-distributions for
5Difference between reconstructed and simulated parameter in units of the 1σ error of the reconstructed
parameter.
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Figure 3.9: Spectral reconstruction performance of Method A and Method B for Set 3.
Shown are the mean absolute deviation of the reconstructed photon index from the simu-
lated value (a), the mean relative deviation of the flux normalizations at 1TeV (b) and the
mean absolute deviation of the cut-off energy for varying values of the simulated cut-off
energy. The error bars depict the mean statistical reconstruction error of the corresponding
parameter.
all other sets and spectral parameters are checked as well and their width are also found
to be correct.
Set 4 and 5 are equal to Set 1 and Set 2, but the Toy Model data sets were re-
constructed with increasingly smaller spectrum energy thresholds (452GeV, 422GeV,
393GeV, 367GeV for a zenith angle of 45◦, an offset angle of 0.5◦ and standard γ-ray
selection cuts), corresponding to an allowed energy reconstruction bias of 0.1, 0.15, 0.2
and 0.25. Figures 3.11 to 3.11(d) depict the corresponding construction performance of
Method A and B for 2 different photon indices (Γ = 2, 3). As Method B takes the energy
reconstruction bias correctly into account, its performance is largely independent of the
spectrum energy threshold. Method A, however, which correctly accounts for the energy























































Figure 3.10: Pull distributions of the spectral parameters: photon index Γ (a), flux normal-
ization at 1TeV φ0(1TeV) (b) and exponential cut-off energy EC (c) obtained from Set 3
with a simulated cut-off energy of 7TeV. Depicted are the distributions of the deviations
between simulated and reconstructed parameter values, divided by the corresponding sta-
tistical error obtained from the spectral fit. The results for Method A (black) and Method
B (red) are shown.
spectra (Γ > 3) when the allowed energy bias reaches 0.25. As apparent in Figure 3.11(c)
and 3.11(d), these biases carry no importance for low statistics sources. For a photon index
of 2.0, or smaller energy reconstruction biases, the performance of Method A is equivalent
to Method B.
Finally, Set 6 is designed to verify the impression that potential systematic biases
in the spectral reconstruction are independent of the source statistics. Seven different
source strengths have been simulated, starting with a flux normalization of φ0 = 3.2 ·
10−11cm−2s−1TeV−1 and a signal to noise ratio of 19.2, consequently dividing both by a
factor of 2 from one source strength to the next, keeping the background rate constant. As
visible in Figures 3.12(a) to 3.12(b), the reconstruction performance is largely independent
of the statistics of the data set. The reconstruction bias of Method A for indices much larger
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Figure 3.11: Spectral reconstruction performance of Method A and B for Set 4 (a+b) and
Set 5 (c+d). Shown are the mean absolute deviation of the reconstructed photon index
from the simulated value (a+c) and the mean relative deviation of the flux normalizations
at 1TeV (b+d) for varying values of the allowed energy reconstruction bias. The error
bars depict the mean statistical reconstruction error of the corresponding parameter.
than 2 becomes of the same order as the statistical uncertainties for a flux normalization
of φ0 = 8 · 10−12cm−2s−1TeV−1, a signal to noise ratio of ∼ 5 and a lifetime of 34 h. This
corresponds roughly to a statistical significance of 88 standard deviations for a source with
a photon index of Γ=3.
In summary, the systematic studies performed using a Toy Model Monte Carlo have
led to the following conclusions:
 The statistical error bars on the spectral shape parameters extracted with Method
A and B represent correctly the statistical spread of the fit parameters.
 Spectra with indices ranging from Γ = 2-3 are correctly reconstructed with a potential
reconstruction bias smaller than the statistical uncertainties (with the exception of
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Figure 3.12: Spectral reconstruction performance of Method A and B for Set 6. Shown are
the mean absolute deviation of the reconstructed photon index from the simulated value
(a) and the mean relative deviation of the flux normalizations at 1TeV (b) for decreasing
source strength. With each set number, the sources strength decreases by a factor of 2,
starting with φ0(1TeV) = 3.2 · 10−11 cm−2s−1TeV−1. The error bars depict the mean
statistical reconstruction error of the corresponding parameter.
 For softer spectra, Method A shows a systematic bias towards steeper spectra and
larger flux normalizations. But the reconstruction biases are small – with the excep-
tion of Γ=4 – and can be neglected for all but the highest statistic sources. Method
B shows no reconstruction biases independent of the photon index.
 Source spectra with exponential cut-offs are reconstructed correctly, with reconstruc-
tion biases smaller than the statistical uncertainties, even for high statistics data
sets.
 The observed reconstruction biases are independent of the source statistics.
It should be noted that the Toy Model MC simulation is far from describing the full analysis
chain. Important aspects like the background identification are not tested. The above
statements about the performances of the spectral reconstruction is therefore limited to
the aspects testable by the Toy Model, i.e. usage of the effective areas, integration accuracy
(Method B), binning (Method A), fit procedure etc..
3.6.2 Real Data
The final test the two spectral reconstruction methods (A+B) have to pass is how they
perform with real data. Contrary to the previous systematic tests, the “true” source
spectrum is not known. Consequently, a correct reconstruction of the underlying source
spectrum can not be confirmed with 100% certainty. But the agreement of both methods
serves as a last consistency check. For this purpose spectra of two different sources within
the Galactic Plane are measured using Method A and B. The first source, chosen as a
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Figure 3.13: Differential energy spectra of HESS J1745-290 (a) and HESS J1846-029 (b),
obtained with Method A (red) and Method B (black). The red curve has been scaled with
a factor 0.2 for illustrational purposes.
prime example for a strong source with good observational coverage, is the Galactic Cen-
ter source HESS J1745-290 located at l=359.94◦ Galactic longitude and b=-0.04◦ Galactic
latitude. The full available data set of 113 hours of dedicated observations was used in
the analysis. The zenith angles of the observations range from 5◦ to 60◦, with a mean
of 19◦, the mean offset from the pointing direction to the source is 0.7◦. The fraction of
3-telescope observations is negligible (3%) and is not used here. The standard H.E.S.S.
analysis scheme as described in Section 2.4 was applied to the data. Due to their lower
energy threshold, standard-cuts are used for gamma-hadron separation. The background
is estimated using the reflected-region background method. Even though there is a hint for
curvature in the spectrum, the spectrum was fitted with a pure power law. Both spectral
reconstruction methods give consistent results. Using Method A the reconstructed spectral
parameters are φ0=(2.44± 0.06)·10−12 cm−2s−1TeV−1 and Γ=2.23± 0.02. For Method B
the corresponding values are: φ0=(2.46± 0.06)·10−12 cm−2s−1TeV−1 and Γ=2.24± 0.02.
Both spectra with their spectral flux points and the corresponding fits are shown in Fig-
ure 3.13(a). For visibility, the spectrum obtained with Method B was scaled by a factor of
0.2.
The same consistency check was performed with another source, Kes 75, which serves
as an example of a weak source, also with sufficiently good H.E.S.S. coverage. The
source is – like the Galactic Center – a point-like source, and is located at l =29.70◦
and b=-0.24◦. The data set consists of 33 hours of good quality observations, with a
mean zenith angle of 27◦ and mean offset of 1◦. The same analysis procedure as de-
scribed above is applied to the data. The source spectra measured by Method A and
B are again found to be consistent. Using Method A the reconstructed parameters are
φ0=(6.2± 0.7)·10−13 cm−2s−1TeV−1 and Γ=2.46± 0.13. For Method B the correspond-
ing values are φ0=(6.3± 0.7)·10−13 cm−2s−1TeV−1 and Γ=2.52± 0.12. The two spectra
are also shown in Figure 3.13(b).
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3.6. SYSTEMATIC STUDIES
The good agreement of the two methods in genuine data analysis supports the impres-
sion received from the Toy Model MC tests. Both methods give consistent results in all
tested cases. For simplicity, only the results obtained with Method A will be shown in the
following chapters, eventhough all results have been confirmed using Method B.
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Chapter 4
The H.E.S.S. Galactic Plane
Survey
Most of the Galactic objects expected to emit VHE γ-rays are related to the evolution of
massive stars, either to their wind outflows or to PWNs and SNR shells formed after their
collapse. These potential γ-ray sources are therefore expected to cluster along the Galactic
plane. A systematic survey of this region is thereby the best means of investigating the
properties of these source classes and of searching for yet unknown types of Galactic VHE
γ-ray emitters.
At very high energies, the HEGRA instrument was the first system of Imaging Atmo-
spheric Cherenkov telescopes that surveyed at least parts of the Galactic plane, reaching
from l=-2◦ to 85◦(Aharonian et al. (HEGRA collaboration), 2002). Due to its location in
the northern hemisphere, HEGRA could observe the inner part of the Galactic plane only
at large zenith angles and therefore with reduced sensitivity. Consequently, no VHE γ-ray
sources were discovered in the survey. Upper limits on the VHE γ-ray flux were derived,
ranging from 15% of the Crab nebula flux for l > 30◦ to more than 30% for -2◦ < l < 30◦.
The more southern part of the Galactic plane l > 0◦ remained effectively unobserved.
The H.E.S.S. experiment, with its improved sensitivity, its larger field-of-view (5◦) and
its location in the southern hemisphere is better equipped for a survey of the Galactic
plane. The first stage of the H.E.S.S. survey started in the year 2004 and was conducted in
the Galactic longitude band l = ±30◦ around l = 0◦. It resulted in the discovery of 14 new
sources with a statistical significance of more than 4σ, increasing the number of Galactic
VHE γ-ray sources from 3 to 17 (Aharonian et al. (H.E.S.S. collaboration), 2006h). The
region was observed with varying sensitivity, reaching down as far as 3% of the Crab nebula
flux at the Galactic Center. In the years 2005/2006, the survey region was extended further
along the Galactic plane and now reaches from l = 280◦ to 60◦.
This Chapter is devoted to the H.E.S.S. Galactic plane survey to date the most sensitive
view of the Galactic plane in VHE γ-rays. The data analysis, the detection procedure of
new γ-ray sources, as well as the details of the data set are described. The results of the
Galactic plane survey are presented, including the detection of 45 VHE γ-ray sources as
well as flux and sensitivity maps of the whole survey region. The Chapter concludes with a
brief description of 19 new Galactic VHE γ-ray sources discovered in the years 2006/2007.
Three more will be described in more detail in Chapter 5.
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Figure 4.1: Illustration of the observation pointings within the region l=270◦ - 330◦. Each
observation of 28 minutes duration is represented by a circle of 4◦ diameter with the array
pointing at their centers. Raster scan observation are depicted in black, the two strips along
b=±0.7◦ are apparent. The red circles correspond to re-observations of promising source
candidates discovered in the survey data. The blue circles illustrate dedicated observations
of predicted γ-ray emitters known from other wavelengths.
4.1 The General Principle
The H.E.S.S. telescope array is usually operated by taking pointed observation runs in
which it tracks a single astrophysical object in the sky. Given the effective field-of-view of
the instrument of 4◦, such observation runs cover around 12(◦)2 on the sky. To search for
unknown VHE γ-ray sources within such a large region as the Galactic plane, many such
observation runs targeted on a grid pattern are necessary to cover the whole survey region.
The observation scheme applied is shown in Figure 4.1, where the survey observations are
depicted in black. Each observation run is analyzed individually following the standard
analysis chain as presented in Chapter 2.4, and the results obtained from all runs are
combined to form a continuous map of the whole survey region. Consequently, the resulting
map is then used to search for statistically significant signals of VHE γ-ray emission along
the Galactic plane. If a VHE γ-ray source was detected, a dedicated and more detailed
analysis, including spectral and morphological studies, is performed on the much smaller
data set.
4.2 The Data Set
4.2.1 Observation Scheme
The H.E.S.S. Galactic plane survey started in April 2004. The survey of the inner 60◦ was
completed in the years 2004/2005. In the years 2005/6, the survey region was extended
further along the plane and now reaches from l=280◦ to 60◦. In addition to further follow-
up observations, the region l=1◦-4◦ was re-observed in a deep coverage program in the year
2007. Table 4.1 summarizes the amount of data taken in the different years.
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Year T [h] ǫ
Scan Re-Obs. Ded. Obs. %
2004 92 45 179 87
2005 82 73 184 86
2006 81 51 120 76
2007 23 110 174 75
Table 4.1: Description of the survey data set. The observation time T in hours is given for
the years 2004-2007, scan raster observations, re-observations of putative sources found in
the survey data and dedicated observations of predicted γ-ray sources are differentiated.
The efficiency ǫ of data taking, defined the ratio of observation time passing the quality
selection and total observation time is stated as well.
To cover the large area of the Galactic plane, a raster scan was performed, consisting
of individual observations of 28 minute duration. The observations were taken at pointings
with a spacing of 0.7◦ in Galactic longitude and varied latitude spacing along the Galactic
plane. The resulting overlap leads to a continuous coverage. Within the inner 60◦, the
survey was conducted in three strips in Galactic latitude centered on b = -1◦, b = 0◦
and b = +1◦. Based on the experience that most sources were found very close to the
Galactic plane, only two strips were used in the following years, centered at b=±0.7◦ for
best sensitivity at b=0◦. Consequently, the area covered along the Galactic plane has an
approximate width of 6◦. Figure 4.1 illustrates the applied observation scheme. In total
277 hours of quality selected data were taken in scan mode. Promising source candidates
were re-observed in dedicated observations which yield the same amount of good-quality
data. In addition, pointed observations of predicted γ-ray emitters located within the
Galactic plane were also conducted. The total data set including all observations within
the survey region accounts for 1219 hours of quality-selected data. Most of the observations
were taken with the full H.E.S.S. array. Only 58 hours, which comprises merely 5 % of the
whole data set, were taken with only 3 or 2 telescopes.
Due to the large number of dedicated observations, the exposure within the survey
region is very non-uniform. Figure 4.4 (top) illustrates the exposure along b=0◦ as equiv-
alent observation time taken at the center of the camera. The large peaks arise from
accumulation of dedicated observations of known γ-ray sources, e.g. the Galactic Center
at l=0◦.
4.2.2 Zenith Angle of Observations
To conduct observations with the best instrumental performance, the observations have
to be carried out close to zenith. However, depending on the declination of the region of
interest, the culmination of the Galactic plane occurs at the H.E.S.S. site at larger zenith
angles. The black line in Figure 4.2(b) illustrates the zenith angle at culmination for b=0◦
as a function of Galactic longitude. This position-dependent minimum zenith angle leads
to a non-uniform sensitivity and energy threshold even in case of a homogeneous coverage.
In the worst case, regions can not be observed at all, e.g. l > 80◦.
Figure 4.2(a) shows the time period within one year at which the Galactic plane can
be observed at reasonable zenith angles. The red line illustrates the time of year when the
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Figure 4.2: a.) Observability of the Galactic plane for the H.E.S.S. site. The red curve
shows the time of the year when the Galactic plane (b=0◦) culminated at midnight. No
statement is made about the zenith angle at which the culmination occurs. The green and
blue curves delimit the ranges in position and season at which observations at zenith angles
smaller than 40◦ and 60◦ respectively can be taken. b.) Zenith angle distributions of the
observations taken within the survey region. The black line illustrates the minimum zenith
angle at which the corresponding position along the Galactic plane can be observed from
the H.E.S.S. site.
corresponding part of the Galactic plane culminates at midnight, maximizing the time when
the region can be observed close to culmination. At which zenith angle this culmination
occurs can be read from the black line in Figure 4.2(b). The black, green and blue curves
in Figure 4.2(a) border the time of year in which the Galactic plane can be observed at
zenith angles smaller than 20◦, 40◦ and 60◦ respectively. Note that the amount of time,
the corresponding region can be observed at these zenith angles is not stated and can be
as small as a few minutes per night. The shaded regions in Figure 4.2(a) depict the rainy
season in Namibia, especially the data taking in the region l<300◦ is hampered by bad
weather conditions.
Figure 4.2(b) shows the zenith angles at which the observations within the survey region
were taken. As can be seen, the correlation between Galactic longitude and zenith angle is
not very strong apart from the restiction imposed by the minimum possible zenith angle.
However, it is the strongest for scan-mode observations, not counting the deep survey
around l=2◦. The dedicated observations were taken at all zenith angles — ranging up to
65◦ — accepting for the resulting decline of sensitivity and energy threshold.
Energy Threshold
The energy threshold is strongly dependent on the zenith angle at which the observation was
taken. The details are described in Chapter 3.3. Figure 4.4 (middle) shows the average
energy threshold at b=0◦ along the Galactic plane for the standard survey analysis as
described in Section 4.3. The energy thresholds of all observations pointed within 2◦ were
averaged using a simple arithmetic mean. The average threshold ranges from 600 GeV to
almost 2 TeV. The maximum is reached at l=340◦ where very large zenith angle (>55◦)
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observations were taken (see Figure 4.2). Due to the strong dependence on the zenith
angle, the general trend of the energy threshold follows the culmination curve as seen in
Figure 4.2. The biggest deviation from the trend occurs again at l=340◦.
Sensitivity
The sensitivity reached at each point of the survey region depends predominantly on the
amount of time the position has been observed and the zenith angles of the observations. In
the following, the sensitivity is defined as the flux necessary to detect a point source with a
pre-trials significance of 5σ. The gamma-ray spectrum of the putative source is expected to
follow a power law with index 2.5. Figure 4.3 shows the resultant point-source sensitivity
in units of the flux of the Crab Nebula (Aharonian et al. (H.E.S.S. collaboration), 2006g)
within the survey region. Figure 4.4 (bottom) depicts a slice through the sensitivity map at
b=0◦ and b=1.5◦. The sensitivity reached at b=0◦ ranges from 0.5% of the Crab Nebula
flux at the position of the Galactic Center to 3.5% of the Crab Nebula flux at higher
longitudes. As the observation pointings were optimized for b=0◦ and the sensitivity is
strongly dependent on the distance to the camera center, the off-plane sensitivity is almost
everywhere lower than the on-plane sensitivity. The dependence on the zenith angle of
the observations is washed out in these curves by the much stronger dependence on the
observation time.
Figure 4.3: Sensitivity map of the survey region in percent of the flux of the Crab nebula
(Aharonian et al. (H.E.S.S. collaboration), 2006g). The sensitivity depicted here is defined
as the flux necessary to detect a point source with a pre-trial significance 5σ. The gamma-
ray spectrum of the putative source is assumed to follow a power law with photon index
2.5. The best sensitivity is reached at the Galactic Center with ∼ 5mCrab flux equivalent.
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Figure 4.4: Top: Acceptance corrected exposure along the Galactic plane expressed as
equivalent observation time at the center of the field-of-view. The black curve was extracted
at b=0◦, the red curve at b=1.5◦. The strong contribution of dedicated observations results
in a very inhomogeneous exposure. Middle: Analysis energy threshold using hard-cuts for
γ-ray selection as described in Section 2.4. The threshold is averaged over all observations
with exposure at the corresponding position. The increase in threshold with the offset from
the camera center is taken into account. The same color coding as in the top figure is used.
Due to the strong dependence of the energy threshold on the zenith angle, the curves show
general agreement with the minimum reachable zenith angle depicted in Figure 4.2(a).
The peak at l=340◦ arises from dedicated observations taken at very large zenith angles.
Bottom: Sensitivity for the detection of a point source in units of the flux of the Crab nebula
(Aharonian et al. (H.E.S.S. collaboration), 2006g) for b=0◦ (black) and b=1.5◦ (red). For
the definition of sensitivity see caption of Figure 4.3.
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4.3 The Survey Analysis
The analysis of the survey data is almost identical to the data analysis chain described
in Chapter 2.4. However, the large number of observation runs to be considered (2665),
necessitates a splitting between run-wise operations and the combination of their results
later on. The survey analysis can be subdivided into 3 distinct steps.
 Pre-processing of the individual observation runs.
 Combination of the run-wise results to large overview maps spanning the whole survey
region.
 Search for statistically significant signals of VHE γ-ray emission within the combined
data set.
4.3.1 Processing the Individual Observations
Each individual observation run is pre-processed using the analysis procedure described in
Chapter 2.4. Two maps centered on the pointing position are created for each run.
 A raw count map containing all events passing the event-selection with a bin size of
0.04◦. The map is centered on the observation position. For gamma-hadron sepa-
ration, hard-cuts (see Section 2.4) are usually used due to their superior separation
power. To avoid systematic effects related to the acceptance curve at larger distances
from the camera center, only events detected within 3.0◦ of the pointing direction of
the instrument are considered.
 An acceptance map, filled by rotating a one-dimensional acceptance template around
the observation position. The acceptance template was obtained from off-runs which
were taken at a similar zenith angle as the observation run. The acceptance map, as
well, is truncated at a distance of 3◦ from the observation position.
After the raw count map is filled, the event-wise information is lost and the subsequent
analysis is based on the maps only.
4.3.2 Combination of Run-wise Information
In the next step, the maps of all observations are added up to large maps encompassing the
whole survey region in Galactic Longitude and Latitude. To minimize binning effects during
the adding process, the bin size of the overview maps is adjusted to the binning of the run-
wise maps (0.04◦). As the center positions of the small maps are chosen independently of
each other and independently of the large map, the bins of the small maps have to be shifted
within the coordinate frame to coincide with the bins of the large map. The maximum
shift in each coordinate is 0.02◦, which is much less than the PSF of the instrument and
has a negligible effect on the subsequent signal determination. The raw count maps are
merely added. The acceptance maps, however, need to be scaled relative to each other to
account for different observation times and weather conditions during data taking. The
total number of background events not originating from the position of known VHE γ-ray
sources are used for this scaling. A third large map is produced indicating the position
and extension of the known VHE γ-ray sources within the survey region. This “exclusion
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Set θ[◦] R[◦] ∆R[◦] ζ
1 0.1 0.9 0.2 1/32
2 0.22 0.9 0.2 1/7
3 0.4 1.2 0.46 1/7
Table 4.2: Different parameters for the significance maps used to search for new VHE γ-ray
sources. θ is the radius of the on-source region, R and ∆R denote the mean radius and the
width of the ring from which the background was estimated, ζ is the area factor between
on-source and off-source region. The area factor for Set 1 is made much smaller than for
the other sets to avoid binning effects from a too thin ring.
map” is used as a mask and no background estimate is taken from a region marked within
this map.
4.3.3 Detection of Sources
Significances
The three resulting large maps, the raw count map, the acceptance map and the exclusion
map, are fed back into the standard analysis chain. To search for statistical significant
signals from various sized VHE γ-ray sources, three large significance maps are produced
with varying correlation radii. For all maps, the ring background method (Section 2.4) is
used to estimate the background at each sky position. Table 4.2 summarizes the different
parameters used to create the significance maps.
Trials
The pre-trials significance Spre stated within the maps denotes the probability P that
the signal within the corresponding bin is not to an upward fluctuation in the cosmic-ray
background. Because the significance follows a Normal Distribution in the absence of a













However, the blind-search for a possible γ-ray signal within the three significance maps
introduces a large number of statistical trials. The important point is therefore to evaluate
the probability PN of finding a fake source with a pre-trials significance Spre anywhere
within the maps. This probability increases with the total number of independently tested
sky positions, or, more generally, with the total number of statistical trials N , and is given
by
1− PN = (1− P )N → PN = 1− (1− P )N , (4.2)
while 1 − PN is the probability of not having reached the pre-trials significance corre-
sponding to P even once in N trials. The probability PN can then be translated back
into a post-trials significance using Equation 4.1. It is this post-trials significance which












Table 4.3: Detection significances before and after accounting for 1.575·106 trials.
the total number of bins tested within the three significance maps is used to estimate the
number of trials. Each map spans the whole survey region with ∆l ∼ 140◦ and ∆b ∼ 60◦.
The bin sizes are 0.04◦×0.04◦. The total number of bins in each map is then 525,000. As
three different maps have been used in the search, the total number of statistical trials is
assumed to be 1.575·106. This number is surely an overestimate, as the summation within
the on- and the off-regions which span across many bins, has lead to a strong correlation
of neighboring bins. Furthermore, the three significance maps are obtained from the same
events and only differ in the sizes of the on- and off-regions. This results in a correlation of
the bins at the same sky position in the different maps. Table 4.3 summarizes the mapping
of pre- and post-trials significances assuming 1.575·106 trials.
Detection Thresholds
Two different thresholds on the post-trials significance are set a-priori. If an agglomeration
of bins exceeds 3σ, but is below 5σ, it is considered a hint for a new source and proposed
for re-observation. If the peak significance within such an agglomeration is beyond 5σ, the
detection of a new VHE γ-ray source is regarded as solid.
4.4 Results
4.4.1 Source Detection
One of the three significance maps used within the search is shown in Figure 4.5. The
depicted map is produced with parameter set 2 from Table 4.2. The color scale was
saturated at 15 σ for visibility. The transition from blue to red occurs at ∼ 7 σ pre-trials
which corresponds to ∼ 5 σ post-trials, the threshold set for a solid source detection.
The other two maps can be found in Appendix A.1. In total, 45 VHE γ-ray sources are
detected by H.E.S.S. within the survey region, their characteristics are summarized in
Table 4.4 and 4.5. All but HESS J1507-622, which is at slightly larger latitude, are visible
in Figure 4.5. Some are better visible with smaller (e.g. HESS J1833-105) or larger (e.g.
HESS J1908+062) correlation radii due to their intrinsic angular sizes. Twenty of these 45
sources were discovered within the framework of this work and are individually introduced
in Chapter 4.5.
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Figure 4.5: Significance map of the H.E.S.S. Galactic plane survey region. The on-source
counts are summed from a circle of radius 0.22◦ around each bin. The background is
estimated from a ring with mean radius of 0.9◦ and an area 7 times as large as the on-
source region. The γ-hadron separation was done using hard-cuts. The mean energy
threshold and the sensitivity varies strongly throughout this map. A slices along b=0◦ can
be found in Figure 4.4. All VHE γ-ray source from Table 4.4 and 4.5 are labeled. The
color scale is truncated at 15 σ for visibility. The other two maps used in the search for




The significance maps are merely used to gage the authenticity of a potential source. The
significance itself strongly depends on observation time and performance of the instrument
and therefore does not constitute a physical measurement of the sources’ characteristics.
The most meaningful way to represent the Galactic plane as seen in VHE γ-rays is with
the number of photons detected per second per unit detection area from each point within
the survey region. These flux maps depict the actual brightness of the detected sources in
VHE γ-rays.
In the following, the procedure to calculate flux maps is introduced. Figure 4.7 then
depicts the flux measured from all the detected sources within the survey region using the
parameter set 2 from Table 4.2.
The Calculation of Flux Maps
The calculation of the flux maps is directly incorporated into the survey analysis and
therefore shares its general design as descibed in Section 4.3:
 During the processing of the individal observations, an additional exposure map is
calculated:
– The zenith angle (θz) distribution of all events after γ-ray selection is stored in
a histogram of 20 bins ranging from 0◦ to 60◦. The histrogram is normalized
such that its integral is equal to the livetime of the observation. The result is an
event-weighted distribution of livetime tθz effectively spent at a certain zenith
angle.
– Given the zenith distribution, the exposure for the observation at hand
is calculated for six different offsets from the camera center ψ =
0◦, 0.5◦, 1.0◦, 1.5◦, 2.0◦, 2.5◦. Assuming the differential source spectrum follows











Aeff(E˜/µ, θz, ψ)dE˜ (4.3)
where E˜0 is the reference energy for the differential power-law spectrum, E˜min
and E˜max are the minimum and maximum energies between which events were
filled into the survey maps, µ is the muon energy correction factor for the ob-
servation and Aeff(E˜/µ, θz, ψ) is the effective area.
– The value for each bin within the run-wise exposure map is then determined by
linear interpolation from the offset of the bin to the camera center.
 The run-wise exposure maps are added up to produce large overview maps in the
same way as the raw count maps within the survey analysis. Figure 4.6(a) depcits
the exposure map for the 1.6◦×1.6◦ region surrounding the Crab Nebula.
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 From the exposure map and the correlated excess map, which is obtained in the
same way as the significance maps shown in Figure 4.5, the flux F |E2E1 within an











It should be noted that E1 and E2 can be chosen independently of E˜min and E˜max,
the necessary extrapolation, however, makes the result dependent on the assumed
source spectrum. For the following maps, E1 is set to 200GeV and E2 = ∞. Fig-
ure 4.6(b) depicts the flux map of the 1.6◦×1.6◦ region surrounding the Crab Nebula.
Figure 4.6(c) shows the corresponding close-up of the Crab Nebula, only the signal
exceeding a statistical significance of 5σ is shown.
 When the statistical significance of the VHE γ-ray signal is below a pre-determined
threshold (typical value is 5σ), flux upper-limits can be calculated in the same manner
using Equation 4.4. The measured number of excess events is then replaced by its
upper limit value, determined using e.g. the unified approach by Feldman & Cousins
(1998).
A few choices have to be made when calculating the flux maps, concerning the effective
areas Aeff(E˜/µ, θz, ψ) and the energy range [E˜min, E˜max] used in Equation 4.3. The different
possibilities will be shortly addressed as well as the consequences for the interpretation of
the obtained flux values.
Effective Areas
The first choice concerns the effective areas used in Equation 4.3. If point-source effective
areas are used, the calculated flux value is corrected for the leackage of a point-source’s
signal outside of the on-source region, see Section 3.1. The obtained flux value then has to
be interpreted as the flux of a putative point-source located at the bin center. It should
be noted that, in this case, the excess map has to be correlated with the same radius as
the on-source region used to produce the effective areas. Point-source effective areas have
been used to produce the flux maps of the Crab nebula shown in Figure 4.6
In the case where a larger size of the on-source region is chosen for the correlation of the
excess map, full-enclosure effective areas (as described in Section 3.1) must be used. The
effective areas then do not account for a possible leackage of source flux outside the on-
source region and the obtained flux value corresponds to a celestial region (the On-source
region) rather than to a putative point-source. The flux maps of the Galactic plane shown
in Figure 4.7 were produced using full-enclosure effective areas.
Energy Range
Similarly, two choices arise for the energy range [E˜min, E˜max, ] used in Equation 4.3. The
first possibility is to use no energy cuts (E˜min = 0 and E˜max =∞) and to fill all events into
the survey maps. The effective areas Aeff versus the true MC energy E˜ = E can then be
used. In the second approach, the minimum and maximum energies are set to the spectrum
energy thresholds described in Section 3.3. In this case, the effective areas generated using
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the reconstructed energy E˜ = Er must be used, since the event selection then depends
this quantity. The first approach has the advantage that all event statistics are preserved;
thus the flux maps are consistent with the significance maps. In the second approach,
the underlying event statistics are the same as used in the spectrum determination. Both
approaches give similar results, as will be shown below.
Testing of the Flux Maps
The flux maps are tested unsing the Crab nebula. Three flux measurements have been
performed:
1. As a reference measurement, the VHE γ-ray flux above 200GeV is derived using
the standard analysis chain with the reflected region background method and the
spectral reconstruction Method A as described in Section 3.4. The size of the on-
source region is set to θ = 0.1◦, which is suitable for a point source. Hard-cuts
are used for gamma-hadron separation. The spectrum obtained together with the
fit of a pure power-law function is shown in Figure 4.6(d). The measured flux is
F (> 200GeV) = (3.46 ± 0.22) · 10−10 cm−2s−1.
2. A corresponding flux map is produced without additional energy cuts (E˜min = 0 and
E˜max =∞) and point-source effective areas. The assumed source spectrum was set to
be the same as the differential energy spectrum obtained with the standard analysis
chain, described in 1.). The map is shown in Figure 4.6(c). The maximum flux value
at the position of the Crab nebula is F (> 200GeV) = (3.38± 0.22) · 10−10 cm−2s−1.
3. A second flux map was produced applying the spectrum energy thresholds described
in Equation 4.3. The maximum flux value at the position of the Crab nebula is
F (> 200GeV) = (3.48 ± 0.22) · 10−10 cm−2s−1
The difference of 1.) and 2.) to 3.) is merely 2% and 5, respectively.
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Figure 4.6: Flux map and spectral analysis of the Crab nebula: a.) Exposure map for the
1.6◦×1.6◦ region surrounding the Crab nebula. The exposure is calculated using Equa-
tion 4.3 with point-source effective areas and no additional energy cuts (E˜min = 0 and
E˜max =∞). The effective areas versus the true MC energy are used. b.) Map of the inte-
gral VHE γ-ray flux above 200GeV. The flux was calculated using Equation 4.4 and the
exposure map shown in a.). c.) Same flux map as shown in b.) but zoomed onto the Crab
nebula. Only the signal exceeding a statistical significance of 5σ is shown. d.) Differential
spectrum of the Crab nebula as obtained with the standard analysis chain, hard-cuts for
gamma-hadron separation and the reflected region background method. The fit with a pure























































































Figure 4.7: Flux map of the H.E.S.S. Galactic plane survey region in units of cm−2 s−1.
The signal and background estimation was performed equivalent to Figure 4.5. For the flux
calculation full enclosure effective areas as described in Chapter 3 were used. The assumed
source spectrum follows a power law with a photon index 2.5. The flux is calculated above
an energy of 200 GeV. Only the flux values are shown which correspond to a VHE γ-ray
signal with a statistical significance of more than 5σ.
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Figure 4.8: Position parameters of all sources within the survey region. The parameters
were extracted using a Gaussian brightness fit to the source morphology. a) Galactic
latitude coordinate of the center of gravity of the VHE γ-ray source; the distribution has a
mean of -0.41◦and a rms of 0.65◦. b) Galactic longitude coordinate of the center of gravity
of the VHE emission.
4.4.3 Source Characteristics
After the detection of a new VHE γ-ray source within the survey analysis, a detailed anal-
ysis of the source using the full analysis chain presented in Chapter 2.4 must be performed.
The following source characteristics, summarized in Table 4.4, have been determined within
such an individual analysis and most of them were already published by the H.E.S.S. col-
laboration:
Morphology
The latitude distribution of all sources within the survey region is shown in Figure 4.8(a).
Most of the sources cluster closely to the Galactic plane (b = 0◦), only HESS J1356-645
(b = −2.5◦), RCW 86 (b = −2.3◦) , HESS J1507-622 (b = −3.5◦) and HESS J1708-442
(b = −2.35◦) are located at slightly lower latitude. The mean of the latitude distribution
is -0.41◦with a rms of 0.65◦. The longitude distribution is shown in Figure 4.8(b). The
distribution does not seem uniform, however a statement about accumulation points seem
premature.
From the 45 detected sources, only 61 are point-like; all others extend beyond the
point-spread function of the H.E.S.S. instrument. Figure 4.10(b) shows the distribution of
intrinsic sizes resulting from a Gaussian fit to the source morphology. The mean intrinsic
size is 0.13◦ and the spread of the distribution is 0.09◦.













































Figure 4.9: Key parameters of the γ-ray spectra measured from all sources within the
survey region. The energy spectra were extracted from a region individually selected to
fully enclose the source. a) Index of a power law fit to the γ-ray energy spectrum of the
source; the mean of the distribution is 2.3, its rms is 0.2; b) Flux between 1 and 10 TeV
(in units of cm−2 s−1).
Spectrum
The VHE γ-ray spectrum of all the sources can be fitted reasonably well with a power
law. The resulting photon indices range from 1.9 to 2.8 with a mean of 2.3 and a rms
of 0.2; see Figure 4.9(a). The range of fluxes between 1-10 TeV measured from these
sources spans almost two orders of magnitude from the faintest sources: HESS 1713-381
with a flux of (3.85± 0.77)·10−13 cm−2s−1 to the brightest RX J1713.7-3946 with a flux of
(1.48± 0.03)·10−11 cm−2s−1, see Figure 4.9(b). As shown in Figure 4.10(a), no correlation
between source strength and photon index is observed, not even at the lowest fluxes.
In Figure 4.10(c), however, a correlation between intrinsic source size and source flux is
apparent. The observed correlation illustrates the decrease of sensitivity with increasing
source size which results in a detection bias. The sensitivity decrease originates in the still
limited field-of-view of the H.E.S.S. experiment and the standard background subtraction
procedure which estimates the background level from within the same field-of-view.
Figure 4.10(d) shows the number of sources with fluxes above a certain value as a
function of that value. The plot illustrates that an improvement in sensitivity from 50%
of the Crab Nebula flux to 5% Crab resulted in a detection of 33 sources. The flattening
below ∼ 3% of the flux of the Crab Nebula is not due to a thinning out of the source
population, but due to the decreasing area observed with the necessary sensitivity.
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Figure 4.10: Key parameters of the γ-ray spectra and the source size measured from
all sources within the survey region. The energy spectra were extracted from a region
individually selected to fully enclose the source. a.) Photon index vs. flux between 1 and
10 TeV; no correlation is visible. b.) Intrinsic source size σ: For elongated sources, the
arithmetic mean of the major and minor axis was used; for the shell type SNR RX J1713.7-
3946, the intrinsic size of a Gaussian with the same rms was used. The distribution has a
mean of 0.13◦ and a rms of 0.09◦. c.) Intrinsic source size like in b vs. flux between 1 and
10 TeV; a hint for a detection bias is visible. d.) Number of sources with fluxes (1-10 TeV)
above a certain value as a function of that value (in units of the flux of the Crab Nebula












Table 4.4: Key parameters of all VHE γ-ray sources detected in the H.E.S.S. Galactic plane survey region. The best fit positions
assuming a Gaussian brightness profile are given in degrees of Galactic Longitude, l, and Latitude, b. The width of the underlying
Gaussian σ and σ′ and its orientation counterclockwise relative to the Galactic Latitude axis are given in degrees. The photon
index Γ of a power law fit to the source spectrum is given together with the inferred flux F between 1-10 TeV (in units of 10−14
cm−2 s−1). T denotes the acceptance corrected exposure at the source position in hours. S denotes the peak significance of the
source having accounted for ∼ 1.5 million trials. The number of stars denotes the on-source correlation radius with which the
significance was calculated: † 0.1◦ , ‡ 0.22◦ and ≀ 0.4◦. Only the largest peak significance is given. In case a well known astronomical
object is identified as a likely counterpart its name is stated. The last column gives the reference to the publication from which the
morphological and spectral information stated in this table was taken. The errors on the last relevant digits are given in brackets.
Name Source Position Extension Γ F(1-10 TeV) T S Counterpart
l[◦] b[◦] σ◦ σ′◦ w [◦] [·10−14cm−2s−1] [h] [σ]
HESS J1023-575 284.19(3) -0.38(3) 0.18(2) 2.53(16) 285(44) 18.7 8.0‡ Westerlund 2
HESS J1303-638 304.180(5) -0.980(5) 0 2.7(2) 75(10) 105.7 14.9† PSR B1259
HESS J1303-631 304.230(9) -0.3(3) 0.16(2) 2.44(5) 288(21) 104.9 48.1≀
HESS J1356-645 309.79(3) -2.48(3) 0.20(2) 2.2(2) 211(76) 10.6 9.7≀ PSR J1357-6429
HESS J1418-609 313.24(1) 0.15(1) 0.06(1) 2.22(8) 204(14) 25.1 23.5≀ Rabbit
HESS J1420-607 313.550(9) 0.260(9) 0.06(1) 2.17(6) 277(14) 26.0 24.8‡ Kookaburra
HESS J1427-608 314.40(5) -0.14(5) 0.04(2) 0.08(3) 11(17) 2.16(14) 104(34) 34.3 7.4‡
HESS J1442-623 315.40(2) -2.30(2) 0.41(3)1 2.54(12) 235(36) 44.9 13.5≀ RCW 86
HESS J1507-622 317.96(3) -3.49(3) 0.13(2) 2.49(21) 215(64) 18.6 8.4‡
HESS J1514-591 320.330(3) -1.19 0.11(1) 0.040(8) -18(13) 2.27(3) 425(17) 46.3 48.4‡ MSH 15-5 2
HESS J1614-518 331.52(3) -0.58(3) 0.23(2) 0.15(2) 49(10) 2.46(2) 532(71) 13.8 22.8≀
HESS J1616-508 332.39(2) -0.13(1) 0.136(8) 2.35(6) 471(22) 14.6 26.5≀
HESS J1626-491 334.77(5) 0.04(5) 0.07(2) 0.10(5) -40(40) 2.18(12) 388(78) 14.6 5.0‡
HESS J1632-478 336.38(3) 0.19(3) 0.21(5) 0.06(4) 21(13) 2.12(20) 437(81) 15.4 17.8≀
HESS J1634-472 337.11(5) 0.21(4) 0.11(3) 2.38(27) 139(27) 17.2 15.4≀
HESS J1640-465 338.310(7) -0.020(7) 0.045(9) 2.42(15) 1416(198) 20.6 20.6†
HESS J1708-442 343.12(5) -2.35(5) 0.26(3) 2.20(10) 445(69) 18.4 8.4≀
HESS J1702-420 344.30(5) -0.18(5) 0.30(2) 0.15(1) 30(07) 2.07(8) 778(104) 24.7 19.2≀
HESS J1708-410 345.68(5) -0.46(5) 0.06(1) 0.08(1) -57(23) 2.46(8) 179(21) 57.7 10.5†





































Table 4.5: Continuation of Table 4.4
Name Source Position Extension Γ F(1-10 TeV) T S Counterpart
l[◦] b[◦] σ◦ σ′◦ w [◦] [·10−14cm−2s−1] [h] [σ]
HESS J1713-397 347.33 -0.472 ∼0.41 2.32(1) 1479(30) 81.2 70.3≀ RX J1713.7-3946
HESS J1714-385 348.38(2) 0.107(2) 0.07(2) 2.30(13) 64(09) 68.5 10.9≀ CTB 37A
HESS J1713-381 348.64(3) 0.39(3) 0.06(4) 2.65(19) 39(08) 60.1 8.3≀ CTB 37B
HESS J1718-385 348.83(3) -0.49(3) 0.15(3) 0.07(2) ∼ -2 1.92(7) 47(10) 61.7 8.0‡ PSR J1718-3825
HESS J1731-347 353.56(5) -0.622(5) 0.18(7) 0.11(3) -122(21) 2.26(10) 458(67) 31.6 11.3‡
HESS J1745-303 358.71(4) -0.64(5) 0.21(6) 0.09(4) 54(07) 2.71(11) 163(16) 106.7 16.9≀
HESS J1745-290 359.940(3) -0.040(3) 0 2.25(4) 234(10) 140.5 68.8† Sgr A
HESS J1747-281 0.870(5) 0.070(5) 0 2.40(11) 58(07) 127.8 24.5≀ G 09+0.1
HESS J1800-240 5.96(2) -0.38(2) 0.32(5) 0.17(3) -30 2.49(14) 121(15) 42.0 10.0≀ W 28
HESS J1801-233 6.66(3) -0.26(3) 0.17(3) 2.66(27) 44(09) 43.0 5.7≀ W 28
HESS J1804-216 8.40(2) -0.03(2) 0.20(1) 2.72(06) 328(12) 33.2 29.4≀
HESS J1809-193 11.18(3) -0.08(3) 0.53(7) 0.25(4) ∼ 21 2.20(10) 359(53) 35.3 16.3≀ PSR J1809-1917
HESS J1813-178 12.810(5) -0.030(5) 0.036(6) 2.09(8) 226(17) 31.9 25.6†
HESS J1826-148 16.870(3) -1.280(3) 0 2.06(5) 159(08) 83.0 42.2† LS 5039
HESS J1825-137 17.71(1) -0.69(1) 0.24(2) 2.38(2) 1375(17) 78.5 78.5≀ PSR J1826-1334
HESS J1833-105 21.51(2) -0.87(2) 0 2.08(22) 39(10) 26.2 4.7† G21.5-0.9
HESS J1834-087 23.24(2) -0.32(2) 0.09(2) 2.45(16) 175(19) 29.2 16.4≀
HESS J1837-069 25.17(1) -0.11(2) 0.12(2) 0.05(2) 149(10) 2.27(6) 373(20) 38.0 39.6≀
HESS J1841-055 26.79(5) -0.19(5) 0.41(4) 0.25(2) 13(6) 2.41(8) 872(98) 40.0 25.3≀
HESS J1843-033 29.08(2) 0.15(2) 0.20(2) 2.30(7) 296(28) 38.6 16.1≀
HESS J1846-029 29.70(1) -0.24(1) 0 2.26(15) 47(08) 38.8 8.2† Kes 75
HESS J1848-018 30.96(4) -0.14(4) 0.26(3) 2.83(18) 231(34) 38.9 8.8≀
HESS J1858+020 35.57(5) -0.58(5) 0.08(2) 0.02(4) -24(17) 2.17(12) 48(09) 28.3 8.6≀
HESS J1857+026 35.97(5) -0.05(5) 0.11(8) 0.08(3) -30(49) 2.39(8) 421(53) 24.9 15.5≀
HESS J1908+062 40.45(6) -0.80(5) 0.21(7) 2.08(10) 275(43) 26.6 9.1≀ MGRO 1908+06
HESS J1912+101 44.39(5) -0.07(5) 0.26(3) 2.70(20) 202 (41) 22.4 6.8≀ PSR J1913+1011
1 Here the radius of a 2-dimensional shell is stated
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4.5 New Galactic VHE γ-ray Sources
This section contains a brief description of the new VHE γ-ray sources discovered during
the H.E.S.S. Galactic plane survey in the years 2006/2007. A description of the sources
discovered before this date can be found either in Aharonian et al. (H.E.S.S. collaboration)
(2006h) or in the publication summarized in Table A.1. Many of the sources presented have
been published already elsewhere, the corresponding references are also stated in Table A.1.
The sources are grouped according to their most likely associations. It should be noted,
however, that in most cases alternative interpretations of the VHE γ-ray emissions are
also possible. Three new sources (HESS J1912+101, RCW 86 and HESS J1708−443) are
ommited in this section, they have been analyzed in depth in the context of this thesis and
will be presented in more detail in Chapter 5.
4.5.1 Pulsar Wind Nebulae and Plerions
HESS J1356-645



















































Figure 4.11: a) Image of the VHE γ-ray excess of HESS J1356-645, smoothed with
a Gaussian brightness profile of σ=0.13◦ along each axis. Significance contours calcu-
lated for an integration radius of θcor=0.22
◦ are shown in black at 5,7 and 9σ.The black
cross indicates the best fit position of the source centroid together with its statistical
errors. The intrinsic source rms is shown by the dashed circle. The position of the
pulsar PSR J1357-6429 is marked with a green triangle. The Figure was taken from
Aharonian et al. (H.E.S.S. collaboration) (2008e) b) Chandra HRC-S 16”×16” image of
PSR J1357-6429 smoothed with 0.”4 FWHM Gaussian. The image shows the pulsar sur-
rounded by an extended structure elongated in the east-north direction (indicated by a
white dashed box). White contours indicate the intensity values of 0.17, 0.55 and 1.74
counts arcsec−2 ks−1. The Figure was taken from Zavlin (2007).
HESS J1356-645 was discovered in the vicinity of the energetic pulsar PSR J1357-6429.
The emission region is extended to 0.2◦and the integral flux between 1 and 10TeV is
∼11% of the Crab Nebula flux in the same energy range. The differential energy spectrum
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is well described by a power law with photon index Γ=2.2±0.2stat ± 0.2sys. The most
likely association of the VHE emission is with the PWN of the close by energetic pulsar.
PSR J1357-6429 is a middle-aged Vela-like pulsar with a characteristic age of τc = 7.3 kyr,
its spin-down luminosity is as high as E˙ = 3.1 · 1036 erg s−1 and its rotational period is
166ms. It was discovered during the Parkes multibeam survey (Camilo et al., 2004). The
distance estimate obtained from dispersion measurements is ∼2.5 kpc. The pulsar has been
intensively studied at X-ray energies: Esposito et al. (2007) reported a 3σ marginal evi-
dence of diffuse X-ray emission surrounding the pulsar using the XMM-Newton instrument,
while Zavlin (2007) reported a faint tail-like emission to be visible in Chandra observations,
see Figure 4.11(b). The centroid of the VHE emission is offset from the pulsar position by
∼ 5 d2.5kpc pc in the direction opposite to the faint X-ray tail (d is the assumed distance to
the pulsar). The H.E.S.S. source is positionally coincident with the extended radio emis-
sion G309.8-2.6. Even though G309.8-2.6 was originally cataloged as a supernova remnant
candidate, a rather flat radio spectrum (Aharonian et al. (H.E.S.S. collaboration), 2008e)
suggests a different interpretation as the relic radio nebula of PSR J1357-6429, a conclusion
which supports the association of the H.E.S.S. source with the PWN of PSR J1357-6429.
At the pulsar distance, the projected size of the VHE emission is ∼9pc. The implied ef-
fective conversion efficiency from rotational energy to VHE γ-ray with energies between 1













































Figure 4.12: a) VHE γ-ray excess smoothed with a Gaussian profile of width 0.06◦. The
black contours are 4, 5, 6σ significance contours obtained using a 0.11◦ correlation radius.
Position of the pulsar is marked with a green triangle. The best fit position of HESS J1718-
385 is marked with a black star and the fit ellipse with a dashed line. b.) Spectral energy
distribution of HESS J1718-385. The fit with a curved power law is shown by a solid line.
The dashed line indicates the fit of an exponentially cut-off power law. Both figures were
taken from Aharonian et al. (H.E.S.S. collaboration) (2007b).
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This source is located 1.6◦ north-east of the well known shell-type SNR RX J1713.7-
3946. It is extended beyond the PSF of the instrument, see Figure 4.12(a). The intrinsic
widths of a two-dimensional Gaussian profile fitted to the VHE γ-ray signal are 0.15◦±0.03◦
for the major axis and 0.07◦±0.02◦ for the minor axis (with the effect of the PSF removed,
Aharonian et al. (H.E.S.S. collaboration), 2007b). The energy spectrum is well described
by a curved profile exhibiting a peak at ∼7TeV, see solid line in Figure 4.12(b). Such
a peak in the VHE spectrum has to date only be resolved for one other source, VelaX
Aharonian et al. (H.E.S.S. collaboration) (2006f). The integrated flux between 1-10 TeV
is about 2% of the flux of the Crab nebula in the same energy range. The centroid of the
VHE emission is located ∼0.14◦ south of the energetic pulsar PSR J1718-3825. The pulsar
appears Vela-like with comparable age (90 kyr) and spin-period (75ms) (Manchester et al.,
2005; Morris et al., 2002). The distance to the pulsar is estimated to 4.2 kpc. Its spin-down
luminosity is 1.3·1036 erg/s. So far, no PWN has been detected at radio or X-ray energies.
Nevertheless assuming an association with a PWN of PSR J1718-3825, the projected size
of the VHE emission region is 11 pc. The apparent conversion efficiency from rotational






























Figure 4.13: a) VHE γ-ray excess smoothed with a Gaussian profile of width 0.11◦. The
black contours are 4, 5, 6σ significance contours obtained using a 0.19◦ correlation ra-
dius. The position of the pulsar is marked with a green triangle. The best fit position
of HESS J1809-193 is marked with a black star and the fit ellipse with a dashed line.
b.) Radio image from the MAGPIS survey at 1.4GHz (Helfand et al., 2006) in units of
Jy/beam. The H.E.S.S. significance contours are depicted in black. The positions of close-
by pulsars are marked with red triangles. Green contours depict the adaptively smoothed
ROSAT hard-band data (Voges et al., 2001). Cataloged position and sizes of nearby SNRs
(Green, 2004) and SNR candidates (Brogan et al., 2006) are shown in blue. The location
of the ASCA source G11.0+0.0 is indicated in magenta. Both figures were taken from
Aharonian et al. (H.E.S.S. collaboration) (2007b).
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This source is very similar to the aforementioned HESS J1718-385. It is as
well extended, see Figure 4.13(a); a fit with a two-dimensional Gaussian pro-
file leads to an intrinsic length of the major/minor axis of 0.53◦±0.07◦ and
0.25◦±0.03◦(Aharonian et al. (H.E.S.S. collaboration), 2007b). The energy spectrum is
well described by a power law with photon index 2.2±0.1stat ± 0.2sys. Its integral flux
is about 14% of the Crab nebula flux in the same energy range. The source is detected
∼0.2◦ east of the energetic pulsar PSR J1809-1917. The pulsar — similar to PSR J1718-
3825 — resembles the characteristics of the Vela pulsar: a characteristic age of 51 kyr, a
spin-period of 83ms and a spin-down luminosity of 1.8·1036 erg/s (Manchester et al., 2005;
Morris et al., 2002). The distance to the pulsar is estimated to 3.7 kpc. The multiwave-
length picture for HESS J1809-193 is more complex than in the case of HESS J1718-385:
The diffuse ASCA source G11.0+0.0 (Bamba et al., 2003a; Brogan et al., 2004, 2006) which
is coincident with the peak of the VHE emission (see Figure 4.13(a)), constitutes a possible
X-ray counterpart. Bamba et al. (2003a) suggested a plerionic SNR as possible origin based
on the X-ray spectrum of G11.0+0.0. Even though the estimated distance of G11+0.0 of
2.6 kc is compatible with the pulsar’s distance, an association with PSR J1718-3825 is still
uncertain given its spatial offset from the pulsar position. A PWN origin of HESS J1809-
193 is supported as well by the finding of Sanwal et al. (2005), which detected a PWN
around PSR J1809-1917 using the Chandra instrument. The PWN exhibits a cometary
tail structure on a much smaller scale than the γ-ray emission. Assuming an association of
HESS J1809-193 with the PWN of PSR J1718-3825, the project size of the former is 13 pc.
The apparent conversion efficiency is ǫγ=1.2%.
HESS J1833-105
HESS J1833-105 is one of the very few Galactic sources where the extension cannot be
resolved by the H.E.S.S. instrument; it therefore appears point-like in Figure 4.14(a). It’s
energy spectrum is again well described by a power law; the fitted photon index is Γ =
2.1± 0.2stat ± 0.1sys (Djannati-Atai et al., 2007a). The integral flux is of the order of ∼2%
of the Crab nebula flux. The H.E.S.S. source is positionally coincident with the composite
SNR G21.5-0.9. Figure 4.14(b) depicts the plerion/SNR complex as seen with the Chandra
instrument (Bocchino et al., 2005). The non-thermal X-ray PWN has a radius of 40”. It
shows a significant steepening of the X-ray spectrum with increasing distance to the pulsar.
In addition a synchrotron X-ray halo is apparent reaching out to a radius of 140” from the
pulsar. Bocchino et al. (2005) argue that the X-ray halo consists of 3 components: 1.) a
diffuse component which has been subtracted to yield Figure 4.14(b). Dust scattering of
the X-rays from the plerion has been suggested as possible origin. 2.) a bright limb which
traces the particle acceleration in the forward shock front of the SNR and 3.) a bright spot
(“North Spur”) that might originate from a knot of ejecta in adiabatic expansion. The
plerion is powered by the very energetic pulsar PSR J1833-1034 which was just recently
discovered (Gupta et al., 2005; Camilo et al., 2006). It has a characteristic age of 4.9 kyr,
a spin-down power of 3.3·1037 erg/s. Its distance is estimated to 4.7±0.4 kpc. The most
likely association of the VHE emission is with the PWN of PSR J1833-1034. However,
given the evidence of synchrotron emission in the SNR shell, a possible origin of the VHE
γ-ray from the forward shock front of the SNR can not be excluded (Djannati-Atai et al.,
2007a).
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Figure 4.14: a) VHE γ-ray excess smoothed with a Gaussian profile of width 0.07◦. The
black contours are 4, 5, 6σ significance contours obtained using a 0.1◦ correlation radius.
The position of the pulsar is marked with a green square. b.) Chandra ACIS-S image of
G 21.5-0.9 in the 2-8 keV band. A model for the dust scattering component of the X-ray
halo has been subtracted. The figure was taken from Bocchino et al. (2005). Note the
different scale of the image compared to a: The white circle has a radius of 0.04◦.
HESS J1846-029
This source is very similar to HESS J1833-105. It appears point-like and has a hard
energy spectrum following a power law with photon index Γ = 2.3 ± 0.2stat ± 0.1sys
(Djannati-Atai et al., 2007a). The total flux between 1 and 10TeV is again on the level of
2% of the Crab nebula flux. HESS J1846-029 is spatially coincident with the composite
SNR Kes 75 (SNR G29.7-0.3). Similar to the case of G21.5-0.9, the complex consists of a
3’.5-diameter radio shell surrounding a flat-spectrum radio PWN approximately 30” across
(Becker & Helfand, 1984). The PWN is also visible in X-rays having a slightly smaller ex-
tension of 25”×20” (Helfand et al., 2003). Unlike G21.5-0.9, the X-ray PWN in Kes 75
does not show any evidence of cooling. At its center lies the high energy pulsar PSR J1846-
258 (Gotthelf et al., 2000). With a characteristic age of 723 yrs, its is the youngest pulsar
discovered so far. It’s spin-down luminosity is 8.1·1036 erg/s. The distance of Kes 75 is
somewhat uncertain: Becker & Helfand (1984) used neutral hydrogen absorption measure-
ments and estimated the distance to be close to 21 kpc. Leahy & Tian (2008), however,
used HI and 13CO measurements in combination to revise this estimate. They place Kes 75
at a distance of 5.1 to 7.5 kpc. Assuming a distance of 5.1 kpc for the pulsar and an associ-
ation with HESS J1846-029 the conversion efficiency from rotational energy to 10-10 TeV
γ-rays is ǫγ=0.07%.
HESS J1857+026
HESS J1857+026 is an extended and approximately radially symmetric source that
exhibits a slight extension toward the north (see Figure 4.15(a)). The extension
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HESS J1857+026, HESS J1858+020
PSR J1856+0245
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Figure 4.15: a) VHE γ-ray excess smoothed with a Gaussian profile of width σ=0.8◦. The
black contours are 4, 5, 6 and 7σ significance contours. The position of the pulsar is marked
with a green dot. The figure was taken from Aharonian et al. (H.E.S.S. collaboration)
(2008g). b) ASCA GIS image (2-10 keV) of the region containing HESS J1857+026. The
image is smoothed with a 0.03◦ (FWHM) Gaussian. The contours show significance levels of
5-9 σ of the VHE γ-ray excess depicted in a. The position of the pulsar PSR J1856+0245
and the coincident X-ray source AX J185651+0245 are marked with a plus sign. The
positions of two further ASCA sources detected by Sugizaki et al. (2001) are also shown.
might indicate a more extended morphology or the presence of a weaker nearby source
(Aharonian et al. (H.E.S.S. collaboration), 2008g). Fitting the γ-ray excess with a
2D asymmetric Gaussian profile results in an intrinsic width of σ1=0.11± 0.08◦ and
σ1=0.08± 0.03◦. The source has a differential spectral index of 2.4± 0.1stat ± 0.2sys. Its
flux between 1-10 TeV corresponds to ∼ 19% of the Crab nebula flux in the same energy
range.
When the source was discovered in VHE γ-rays, no counterpart in other wavebands
was known. Triggered by the initial detection, a Vela-like pulsar PSR J1856+0245 was
found in the Arecibo PALFA survey data (Hessels et al., 2008). PSR J1856+0245 has a
spin-period of 81ms, a characteristic age of 21 kyr. Its distance is estimated from dis-
persion measurements to be close to ∼ 9 kpc. The spin-down luminosity is measured as
4.6·1036erg/s. The inferred conversion efficiency from rotational energy to VHE γ-rays
in the energy range between 1 and 10TeV is ǫγ ≈ 3%. The association of the VHE γ-
ray source with the PWN of this energetic pulsar is supported by the detection of the
faint X-ray source AX J185651+0245 at the pulsar’s position (Sugizaki et al., 2001). The
ASCA source might be the X-ray PWN of PSR J1856+0245 and thereby constitute the
synchrotron counterpart of HESS J1857+026.
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4.5.2 Supernova Remnants


















































































Figure 4.16: a) Image of the VHE γ-ray excess in the W 28 field smoothed with a Gaussian
of 0.07◦ standard deviation. The green contours are 4, 5 and 6σ significance contours after
integrating events within an oversampling radius of 0.1◦. The white thin-dashed circle
illustrates the approximate radio boundary of W 28 (Dubner et al., 2000; Brogan et al.,
2006). Identified are two VHE emission regions: HESS J1801-233 to the northeast and the
more complex region HESS J1800-240 (A, B and C) to the south of W 28. The 68% and
95% location contours of the EGRET source GRO J1801-2320 are illustrated by the yellow
dashed lines. b) NANTEN 12CO(J=1-0) image of the W 28 region (in units of K km s−1)
for the velocity range 10 to 20 km s−1. The shown contours are identical to Figure a. Both
figures were taken from Aharonian et al. (H.E.S.S. collaboration) (2008c).
Both VHE γ-ray sources, HESS J1800-240 and HESS J1801-233, have been discovered
in the vicinity of the supernova remnant W 28 (Aharonian et al. (H.E.S.S. collaboration),
2008c). HESS J1801-233 is spatially coincident with the northeastern boundary of W 28,
while the complex emission region HESS J1800-240 has been found ∼0.5◦ south of W 28
within the Galactic plane (see Figure 4.16(a)). HESS J1800-240 displays several peaks on
the 2σ level (A, B and C), but a clear separation between them could not be established
on the basis of the available statistics. The differential photon spectra of these VHE γ-ray
sources are well described by a power law with photon indices 2.49± 0.14stat ± 0.20sys
(HESS J1800-240) and 2.66± 0.27stat ± 0.20sys (HESS J1801-233). The spectral slopes
measured from the different regions within HESS J1800-240 (A, B and C) are consistent
within statistical errors. All emission regions are extended with an intrinsic width of ∼10’,
except for HESS J1800-240C, which appears point-like.
W 28 belongs to the class of old-age mixed-morphology supernova remnants. The
position and extension of its 50’×45’ shell are illustrated by a white circle in Figure 4.16(a).
The distance estimates range between 1.8 and 3.3 kpc (see e.g. Goudis, 1976; Lozinskaya,
1981), the estimates of its age range from 35,000 to 150,000 yrs (e.g. Kaspi et al., 1993). It
is thought to have entered into the radiative phase of its evolution (e.g. Lozinskaya, 1981).
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HESS J1800-240 and HESS J1801-233 are positionally coincident with
molecular clouds revealed in NANTEN 12CO(J=1-0) data, see Figure 4.16(b).
Aharonian et al. (H.E.S.S. collaboration) (2008c) argue for an association of the
VHE γ-ray emission with the molecular clouds overtaken by the forward shock of
W 28. At least in the northern region (HESS J1801-233) the scenario is supported by
a high concentration of 1720MHz OH masers (Frail et al., 1994a; Claussen et al., 1997,
1999) and the presence of shocked 12CO(J=3-2) molecular gas (Arikawa et al., 1999).
Furthermore, the shell-like radio emission detected from the SNR (Brogan et al., 2006)
exhibits a peak along its north and northeastern boundaries (e.g. Dubner et al., 2000),
which also hints at the ongoing interaction with molecular clouds. Such an association
with molecular clouds could indicate a hadronic origin of the VHE γ-ray emission.
Aharonian et al. (H.E.S.S. collaboration) (2008c) estimated the necessary cosmic-ray
density enhancement to explain the VHE γ-ray emission to ∼10-30, depending on the
distance to the source. It should be noted that particle acceleration might also occur in
several cataloged SNRs and SNR candidates (like G5.71-0.08 which overlaps well with
HESS J1800-240C, see Figure 4.16), the energetic ultra compact HII region W 28A2, and








































































Figure 4.17: a) Image of the VHE γ-ray excess smoothed with a Gaussian of 0.05◦ width.
The white contours are radio (843MHz) contours at 0.1, 0.5, 0.9 and 1.4 Jy/beam ob-
tained in the Molonglo Galactic Plane survey (Green et al., 1999). b) Emission pro-
file along the axis connecting HESS J1714-385 and HESS J1713-381. The best fit
with two separated Gaussians is shown as a red curve. Both figures were taken from
Aharonian et al. (H.E.S.S. collaboration) (2008b).
A further VHE γ-ray source possibly associated with a SNR overtaking a molecu-
lar cloud is HESS J1714-385, which was discovered in the supernova remnant complex
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CTB 37. The source lies between the well-known SNR RX J1713.7-3946 and the VHE
γ-ray source HESS J1713-381 (Aharonian et al. (H.E.S.S. collaboration), 2006h). Even
though HESS J1714-385 and HESS J1713-381 lie close together, Figure 4.17(b) supports
the separation into two sources. HESS J1714-385 is only slightly extended beyond the PSF
of the H.E.S.S. instrument (intrinsic width of a Gaussian profile, σ=0.07±0.02). It’s differ-
ential energy spectrum follows a power law with a photon index of 2.30 ±0.13stat ± 0.20sys
(HESS Collaboration: F Aharonian, 2008). The integral flux above 1TeV is of the order
of 3% of the Crab nebula flux in the same energy range.
The complex CTB 37 consists of three SNRs: G348.5+0.1 (CTB 37A), G348.5-0.0 and
G348.7+0.3 (CTB 37B). While HESS J1713-381 is positionally coincident with CTB 37B
(see HESS Collaboration: F. Aharonian, 2008, for a detailed discussion), HESS J1714-
385 coincides with CTB 37A. The position and extension of CTB 37A (9.5’×8’) is con-
sistent with the association of the VHE γ-ray emission with the whole shell. How-
ever, the VHE emission is also consistent with the molecular gas distribution around the
SNR (HESS Collaboration: F Aharonian, 2008). Thus, an association with the molecular
clouds overtaken by the SNR forward shock is also possible. The additional presence of
1720MHz masers as in the case of the aforementioned SNR W 28 supports this scenario.
HESS Collaboration: F Aharonian (2008) estimate the necessary conversion efficiency of
mechanical energy into cosmic rays to 4%-30% to explain the observed VHE γ-ray emission.
An alternative scenario is the association with the extended non-thermal X-ray
source CXOU J171419.8-383023 discovered in the north-western part of the remnant
(HESS Collaboration: F Aharonian, 2008). A possible interpretation of the X-ray source
is the PWN of an as of yet undiscovered pulsar. Judging from the X-ray luminosity, the
pulsar’s spin-down energy luminosity would be 1.9·1037 erg/s. Since the necessary con-
version efficiency is merely 0.1%, such a pulsar would be energetic enough to power the
H.E.S.S. source.
HESS J1731-347
This source is another example where the discovery of a VHE γ-ray source precedes the
detection of a possible counterpart in other wavebands. HESS J1731-347 is detected at
the ∼8σ level (see Figure 4.18(a)). It exhibits a significant tail extending westwards in
RA, which might indicates the presence of more than one source. The differential energy
spectrum is well described by a power law with photon index 2.3±0.1stat ± 0.2sys. The
integral flux between 1 and 10TeV corresponds to ∼ 20% in units of the Crab nebula flux
in the same energy range.
After the publication of the source discovery in
Aharonian et al. (H.E.S.S. collaboration) (2008g), Tian et al. (2008) discovered a
new faint radio shell (G353.6-0.7) in 1420MHz continuum data taken within the Southern
Galactic Plane Survey (Haverkorn et al., 2006). The nearly-circular shell structure has an
angular size of 0.5◦ and is positionaly coincident with the main part of HESS J1731-347
in the east (see Figure 4.18(b)). Furthermore, a diffuse X-ray enhancement coincident
with the lower half of the shell was found in the ROSAT data taken during the all-sky
survey in 1993. Tian et al. (2008) argue for an association of the HESS source with the
radio shell and the diffuse X-ray emission. They account the morphological mismatch at
X-ray energies to an increase of column density, and thereby absorption of X-rays, in the
regions closer to the Galactic plane. Given the shell-like structure and the lack of thermal
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(a) (b)
Figure 4.18: a) Image of the VHE γ-ray excess of HESS J1731-347 smoothed with a
Gaussian of σ=0.1◦. The black contours illustrate the 4, 5 and 6σ significance levels.
The figure was taken from Aharonian et al. (H.E.S.S. collaboration) (2008g). b) 1420MHz
image of the SNR G353.6-0.7. X-ray contours of constant count rate as measured by the
ROSAT instrument are shown in red. The contours correspond to 0.11, 0.19, 0.23 and 0.8
counts in units of 10−3s−1pixel−1. The green contours correspond to the black contours
shown in a. The figure was taken from Tian et al. (2008).
emission in 8µm GLIMPSE data, Tian et al. (2008) favor an SNR as possible origin.
The large angular size and the faint radio and X-ray emission suggest that the SNR is in
its radiative phase and has an age of ∼27,000 yrs, which is rather old for a VHE γ-ray
emitting SNR.
Given the radio shell as possible counterpart for the eastern part of HESS J1731-347
the initial assumption that the VHE emission might be due to more than one source is
further strengthened.
4.5.3 Unidentified Sources
A significant number of the VHE γ-ray sources discovered in the H.E.S.S. Galactic plane
survey could not be identified with any astrophysical objects so far, despite extensive
counterpart searches using multi-wavelength data in the radio through X-ray wavebands
(Aharonian et al. (H.E.S.S. collaboration), 2008g). These “dark” sources are depicted in
Figure 4.19. Their morphological and spectral information are summarized in Table 4.4
and 4.5.
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Figure 4.19: VHE γ-ray images of the Galactic H.E.S.S. sources without identified counter-
parts. The images are smoothed with a Gaussian profile to suppress statistical fluctuations.
Overlaid on the image are the significance contours starting at 4σ in 1σ steps. The Figures,
except for b and e, were taken from Aharonian et al. (H.E.S.S. collaboration) (2008g).
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Figure 4.20: a) VHE γ-ray image of the 1.5◦×1.5◦ region around HESS J1908+063
smoothed with a Gaussian brightness profile (σ = 0.5◦). The dotted black line illustrates
the 5 and 8σ significance contours of MGRO J1908+06. The position of the EGRET
GeV source GRO J1908+0556 is marked in green together with its 68% confidence region.
The 99, 95, 68 and 50% confidence levels of 3EG J1903+0550 are also shown in green.
The red circle marks the position and size of the SNR G040.5-00.5. b) Differential energy
spectrum of HESS J1908-063. The 1σ-confidence region is shown in gray. The differen-
tial flux of MGRO J1908+06 at 20TeV is shown in red. Both figures were taken from
Djannati-Atai et al. (2007b).
HESS J1908+063 was discovered with a post-trials significance of 5.7σ
(Djannati-Atai et al., 2007b). It is extended with an intrinsic width of 0.21◦±0.07◦.
It exhibits a hard spectrum with a power law photon index of 2.08± 0.1stat ± 0.2sys and
a flux above 1TeV of 14% of the Crab nebula flux above that same energy.
HESS J1908+063 is positionally coincident with the Milagro source MGRO J1908-06
(see Figure 4.20(a)) the detection of which was announced after seven years of operation
of the Milagro experiment with a pre-trials significance of 8.3σ (Abdo et al., 2007). The
extension of the Milagro source remains unknown due to the rather poor angular resolution
of the instrument. However, an upper limit of 2.6◦ on its diameter could be determined.
Assuming a power law shape of the differential energy spectrum and a photon index of 2.3,
the differential flux of MGRO J1908-06 at the median energy of 20TeV is quoted as (8.8
±2.4stat ± 2.6sys) · 10−15TeV−1cm−1s−1. The positional match as well as the quite good
agreement with the H.E.S.S. spectrum shown in Figure 4.20(b) strenghten the association
of the two sources. Furthermore, the consistency in measured flux implies the absence of
any other significant contribution to the Milagro flux.
A possible association to the nearby SNR G040.5-00.5 and the EGRET source
3EG J1903+0550 are unlikely given the relative positions and sizes, see Figure 4.20(a).
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However, a connection to the EGRET source GRO J1908+0556, detected within an anal-
ysis of the highest energy photons (>1GeV) detectable by EGRET might be possible.
HESS J1023-575
HESS J1023-575 was discovered within the Galactic plane survey with a statistical sig-
nificance of more than 9σ (pre-trials), the source is extended beyond a point-like object
within the H.E.S.S. PSF with an intrinsic Gaussian width of σ = 0.18◦ ± 0.02◦; the
differential energy spectrum follows a power law with a moderately hard spectrum of
Γ = 2.53 ± 0.16stat ± 0.20sys, the total flux above 1TeV corresponds to 13% of the Crab
nebula flux above the same energy (Aharonian et al. (H.E.S.S. collaboration), 2007a).
The possible associations of this VHE γ-ray source, however, distinguish this new de-
tection from other Galactic H.E.S.S. sources: HESS J1023-575 is positionally coincident
with the well-known giant HII region RCW 49 and its ionizing stellar cluster Westerlund 2
(see Figure 4.21(a) and Rodgers et al., 1960). Westerlund 2 (Westerlund, 1961) contains
an exceptional ensemble of hot and massive stars including a Wolf-Rayet star WR 20b and
a very massive WR-star binary WR 20a (Shara et al., 1991; Rauw et al., 2004). With a
mass of 2×80M⊙ WR 20a is the most massive binary system in our Galaxy known to-date
(Rauw et al., 2004; Bonanos et al., 2004). Radio continuum observations indicate wind-
blown bubbles in the core of RCW 49, one surrounding Westerlund 2 (diameter ∼ 7.3’)
(Whiteoak & Uchida, 1997) and the other around WR 20b (diameter ∼ 4’) (Shara et al.,
1991). Furthermore, Figure 4.21(b) illustrates the extent of a blister on the western side
of the bubble around Westerlund 2 (Whiteoak & Uchida, 1997), which hints at a rapid
expansion into a low density medium outside the wind-blown bubble.
The detection of VHE γ-ray emission from this complex region indicates the existence
of an extreme high-energy particle acceleration process. Multiple acceleration scenarios
have been discussed in Aharonian et al. (H.E.S.S. collaboration) (2007a) (and references
therein):
 Emission from the colliding wind zone of WR 20a. The supersonic stellar winds of
both WR stars collide producing a reverse and a forward shock at the stagnation
point. This scenario is disfavored as it fails to explain the extension of the VHE
emission, since the WR 20a binary system, including its colliding wind zone, would
appear as a point source.
 Particle acceleration by the collective stellar winds from the hot and massive stars
in the stellar cluster Westerlund 2. This scenario predicts an extension of the γ-ray
source similar to Westerlund 2. Comparing the extension of HESS J1023-575 and
Westerlund 2, the cluster itself appears too compact to account for the observed VHE
emission. Furthermore, the stellar cluster appears offset from the center-of-gravity
of the γ-ray emission (see Figure 4.21(a)).
 Magneto-hydrodynamic particle acceleration in the wind-blown bubbles around
WR 20b and Westerlund 2.
 Diffusive shock acceleration from supersonic winds breaking out into the interstellar
medium. The particle acceleration would then occur at the boundaries of the blister
shown in Figure 4.21(b). This scenario is supported by the good match in position
and extend of the blister with HESS J1023-575.
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Figure 4.21: a) Correlated excess map of the region containing HESS J1023-575, over-
sampled with a radius of 0.12◦. Additionally, the map has been smoothed with a 2-
dimensional symmetric Gaussian brightness profile (σ = 0.04◦). The black contours corre-
spond to statistical significances of 5, 7 and 9σ determined using an oversampling radius
of 0.22◦. The cross illustrates the best fit position of the VHE γ-ray excess. The posi-
tion of the WR binary WR20a is depicted by an upright triangle, the extension of the
Westerlund 2 is indicated by a dashed circle. The reverse triangle illustrates the loca-
tion of WR 20b. b.) 843MHz image from the Molonglo Observatory Synthesis Tele-
scope. The contours and the symbols are identical to Figure a. The blister is indicated
by white dots as shown in Whiteoak & Uchida (1997). Both figures (a, b) are taken from
Aharonian et al. (H.E.S.S. collaboration) (2007a). c.) Correlated excess map (correlation
radius 0.22◦) for energies above 1TeV. The black box illustrates the region in which the
slice shown in d has been taken. The black marker illustrates the reference point used to
center the slice shown in d. The green marker shows the best fit position for all energies,
black for E>1TeV and blue for E<1TeV. The colored circles illustrate the corresponding
fit errors. The red marker is at the position of WR 20a. The 95% error circle of the
EGRET source 3EG J1027-5817 is also shown.
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Even tough a clear identification with one of the aforementioned scenarios could not be
established, the convincing association of HESS J1023-575 with the massive HII region
RCW 49 and its ionizing stellar cluster Westerlund 2 represents the first case of a new type
of VHE γ-ray source.
Early hints of energy-dependent morphology have been found in the detailed analysis
of this source. Figure 4.21(c) shows the correlated VHE γ-ray excess above an energy of
1TeV. A different morphology becomes apparent at these higher energies which exhibits a
tail that is coincident with the EGRET source 3EG J1027-5817, see also Figure 4.21(d).
The visual impression is supported by a shift of the best fit position for different energy
ranges illustrated by the colored markers in Figure 4.21(b). This hint of energy dependent














































Figure 4.22: a) VHE γ-ray image of HESS J1848-018 smoothed with a Gaussian brightness
profile (σ = 0.17◦). The dotted black line illustrates the 5, 7 and 9σ significance contours
obtained with a correlation radius of 0.3◦. The position of the Wolf-Rayet star WR 121a
is marked in green. b) Image of the 13CO emission measured within the Boston University
Galactic Ring Survey (Jackson et al., 2006) integrated over the velocity range: v = 85 −
105 km/s. The contours are the same as in Figure a.
HESS J1848-018 might be a second example of an association with a star-forming
region, similar to the case of Westerlund 2. It was discovered with a statistical significance
of 9 standard deviations (pre-trials). The intrinsic rms is determined to 0.32± 0.2stat. The
power law photon index of the differential energy spectrum is 2.8± 0.2stat ± 0.2sys, the
integrated flux above 1TeV corresponds to 2% of the Crab nebula flux above the same
energy.
HESS J1848-018 is partially coincident with the star-forming region W 43 located at
a distance of 6.2±0.6 kpc (Russeil, 2003). W 43 contains the giant HII region G30.8-
0.2, which hosts at least two O-type super-giants and a Wolf-Rayet star (WR 121a) in
a dense and young stellar cluster at its center (Blum et al., 1999; van der Hucht, 2001).
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Furthermore, W 43 also contains a 106M⊙ giant molecular cloud, visible in the 13CO(J =
1− 0) Boston University Galactic Ring Survey (Jackson et al., 2006, see Figure 4.22(b)).
Given the morphological mismatch visible in Figure 4.22, the association of
HESS J1848-018 with the star-forming region has to be considered less likely than in




Forty-five VHE γ-ray sources were discovered within the H.E.S.S. Galactic plane survey
region. With the increased number of sources it is now possible to associate astronomical
objects with VHE γ-ray sources on a statistical basis, which was nicely illustrated for
pulsar wind nebulae by Carrigan et al. (2007). But these studies make statements only
on populations of sources. To identify an individual VHE γ-ray source as a certain type
of accelerator, extensive morphological and spectral studies of the source are necessary.
Only in comparison with data taken in other energy bands, can a clear identification of the
source type be established. However, in many cases no clear connection between the VHE
γ-ray emission and any astronomical object known in its vicinity can be made. Further
observations in other wavebands, such as radio and X-rays, are then triggered by the VHE
γ-ray detection, and if an association is established, the source’s characteristics observed
at very-high energies add valuable information about the enviromental conditions and
underlying processes at work in these particle accelerators.
The majority of the VHE γ-ray sources that have been identified with
some confidence are related to supernova remnant shells (e.g. RX J1713.7-3946
Aharonian et al. (H.E.S.S. collaboration), 2004b, 2006b, 2007d) or pulsar wind nebulae
(e.g. HESS J1825-137 Aharonian et al. (H.E.S.S. collaboration), 2005b, 2006e). This
chapter is devoted to the detailed analysis of three objects selected from the large number
of VHE γ-ray sources detected in the H.E.S.S. Galactic plan survey presented in the previ-
ous chapter. The sources were chosen as a representative sample of the typical VHE γ-ray
emitters, containing a plausible PWN association (HESS J1912+101), a clearly identified
supernova remnant (RCW 86) and a VHE γ-ray source for which a clear identification
proves to be rather difficult (HESS J1708-443).
Detailed morphological and spectral analysies are performed for all of the three sources,
as well as extensive multi-wavelength studies to evaluate all possible associations, and to
combine the available information to an increasingly complete picture of the conditions
prevailing in these objects.
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5.1 HESS J1912+101
In the extension of the H.E.S.S. Galactic plane scan towards lower longitudes, a new
extended VHE γ-ray source was discovered in the vicinity of the energetic pulsar
PSR J1913+1011. In this chapter the morphological and spectral analysis of the new
VHE γ-ray source HESS J1912+101 is presented. Its possible association with a putative
pulsar wind nebula of PSR J1913+1011 is discussed. Possible connections of the VHE
emission with an as yet unconfirmed SNR candidate, proposed from low frequency radio
observation and/or with molecular clouds found in 13CO data, are also examined. This
Chapter is adapted from a paper that the author has written on behalf of the H.E.S.S.
collaboration. It was published in Aharonian et al. (H.E.S.S. collaboration) (2008d).
5.1.1 Observations and Results
The region of interest, roughly 2◦×2◦ around the position of HESS J1912+101, in-
cludes the microquasar GRS 1915+105 (Rodriguez et al., 1995), the Integral source
IGRJ19140+0951 (Hannikainen et al., 2004), the high spin-down luminosity pulsar
PSRJ1913+1011 (Morris et al., 2002), as well as the SNR candidate 44.6+0.1 (Kassim,
1988). It was first targeted in 2004 as part of the observational programme on
GRS 1915+105. In 2005, dedicated observations were taken on the supernova remnant
W49B (Harris & Roberts, 1960); some of the pointings also cover the field-of-view of in-
terest. In 2006, the region was observed again, as part of the extended H.E.S.S. Galactic
Plane Survey and with dedicated observations of IGRJ19140+0951. PSRJ1913+1011 was
selected for dedicated observations as part of a systematic study of high spin-down lumi-
nosity pulsars, but was not observed due to the planned coverage of this region in other
programmes. The combined data set was investigated using the standard survey analysis
(a radius of the on-source region of θcut=0.22
◦, a ring background region of radius 0.8◦
and hard cuts, which include a minimum requirement of 200 photo electrons per shower
image, for γ-ray selection) as described in Section 2.4.
The analysis presented here considers only observations pointed within 3◦ of the original
source candidate found within the Galactic plane survey analysis. The mean pointing offset
is 1.1◦. After quality selection to remove data affected by unstable weather conditions or
hardware issues, the data set has an acceptance corrected live time (equivalent time spent
at an offset of 0.5◦) of 20.8 h at the centre of the emission. The zenith angles of the
observations range from 33◦ to 54◦, leading to a typical energy threshold of ∼ 800 GeV.
Figure 5.1 shows the excess count map of the 1.6◦× 1.6◦ region around the source smoothed
with a Gaussian profile of width 0.13◦ to reduce statistical fluctuations. A clear excess of
VHE γ-rays is observed with a peak statistical significance of 7.5 σ for an integration
radius of θcut=0.22
◦. As the source was discovered as part of the H.E.S.S. Galactic Plane
Survey, the statistical trials associated with this survey must be taken into account (see
Section 4.3.3). A very conservative estimate of the number of trials which accounts for
the large number of sky positions probed (∼ 5×105) leads to a post-trials significance
of 5.5 σ. Fitting the uncorrelated excess count map with a symmetric Gaussian profile
convolved with the point spread function of the instrument leads to a best fit position
of α2000=19
h12m49s, δ2000=+10
◦09′6′′, with a 3′ statistical error in each coordinate, as
indicated by the black cross in Fig. 5.1. HESS J1912+101 is clearly extended with an
intrinsic Gaussian width of ≈ 0.26◦ ± 0.03◦stat, with a fit probability for a Gaussian source
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Figure 5.1: Image of the VHE γ-ray excess from HESS J1912+101, smoothed with a Gaus-
sian profile of σ=0.13◦ along each axis. Significance contours calculated for an integration
radius of θcor=0.22
◦ are shown in black at 3.5, 4.5, 5.5 and 6.5 σ. The black cross indicates
the best fit position of the source centroid together with its statistical errors. The dashed
circle indicates the region from which the spectrum shown in Fig. 5.5 has been extracted.
The positions of the pulsar PSRJ1913+1011, the ROSAT source 1RXS J191159.6+100814,
the INTEGRAL source IGRJ19140+0951 and the microquasar GRS 1915+105 are marked.
The Galactic plane is indicated by a white dotted line. The white solid circle illustrates the
68% containment radius of the Gaussian brightness profile used for smoothing convolved
with the point spread function of the instrument.
profile of 9%. Ellipsoidal fits do not improve the fit probability. No further statements
about the morphology are possible at the level of statistics available at the moment.
For the spectral analysis, only observations pointed within 2.0◦ of the centre of the
source were used, to remove events with large uncertainties in reconstructed energy. The
live time of the remaining dataset is 18.7 h. The spectrum was determined within a circular
region of 0.5◦ radius (indicated by a dashed circle in Fig.5.1), which represents an ∼ 90%
enclosure of the excess, chosen as a compromise between optimal signal to noise ratio and
independence of source morphology. To minimise spectral uncertainties, the background
was estimated from regions with equal offset from the centre of the field-of-view as de-
scribed in Section 2.4. The dataset contains a large fraction of observations targeted at
other possible sources within the field-of-view (e.g. GRS 1915+105) and was taken over a
time period of three years. Furthermore, due to the source extension, the observations of
HESSJ1912+101 have rather uneven exposure across the region and coverage over time.
Consideration of only nearby H.E.S.S. pointing positions, use of the reflected-region back-
ground model and the estimation of the time-dependent optical response of the system,
help correct for these variations. However, these factors lead to somewhat increased sys-
tematic errors with respect to typical H.E.S.S. results. Within the large integration circle,
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Figure 5.2: Image of the surface brightness (in units of MJy sr−1) measured at ∼ 8.0 µm
within the Galactic Legacy Infrared Mid-Plane Survey Extraordinaire (GLIMPSE) using
the Spitzer telescope (Benjamin et al., 2003). The white contours indicate the significance
of the VHE γ-ray excess. The region marked as “B” is a complex of molecular clouds and
HII-regions. The white ellipse illustrates the position and extension of the SNR candidate
44.6+0.1 proposed in the Clark Lake 30.9MHz Galactic plane survey (Kassim, 1988)
276 excess events were found, corresponding to a statistical significance of 7.5 σ (pre-trials)
for the dataset used for spectral analysis. The spectrum shown in Fig. 5.5 can be described
by a power law: dN/dE = Φ0(E/1TeV)
−Γ with photon index Γ = 2.7 ± 0.2stat ± 0.3sys
and flux normalisation Φ0 = (3.5± 0.6stat ± 1.0sys)× 10−12 cm−2 s−1 TeV−1 . The fit has
a χ2/ndf = 6.3/4. The integral flux between 1 and 10 TeV is about 9% of the flux of the
Crab Nebula in the same energy range (Aharonian et al. (H.E.S.S. collaboration), 2006g).
5.1.2 Possible Associations
The celestial region around HESS J1912+101 hosts several potential counterparts. While a
superposition of two or more is also possible, each of the following objects could individually
account for the observed γ-ray emission:
The most plausible counterpart candidate, both in positional and energetic connec-
tion to HESSJ1912+101 is the pulsar PSRJ1913+1011 (Morris et al., 2002), which is
slightly offset from the H.E.S.S. source’s best fit position by ∼ 0.15◦, spatially consistent
at the ∼ 3σ level. It is a rather energetic pulsar with a spin-down luminosity of 2.9×1036
erg s−1, a spin-down age of τc ≈ 1.7 × 105 years, a spin period of 36 ms and a dis-
tance estimated from dispersion measurements of 4.48 kpc (Manchester et al., 2005). The
pulsar is sufficiently energetic to power the H.E.S.S. source with an implied conversion ef-




























Figure 5.3: GRS 13CO(J=1→0) intensity in units of K km s−1. Intensities are integrated
in the velocity range 50 - 70 km s−1, corresponding to a distance of ∼ 5 kpc. The molecular
cloud marked as ’A’ is coincident with PSRJ1913+1011. In region ’C’ no significant VHE
γ-ray excess was observed so far, even though it contains molecular clouds at a similar
distance.
inferred for other VHE PWN candidates such as HESSJ1718−385 and HESS J1809−193
(Aharonian et al. (H.E.S.S. collaboration), 2007b). Its distance would result in a projected
size of HESSJ1912+101 of ∼ 70 pc.
These characteristics suggest an association of the VHE emis-
sion with the pulsar’s wind nebula, similar to other PWN associa-
tions such as Vela X (Aharonian et al. (H.E.S.S. collaboration), 2006f),
HESSJ1825−137 (Aharonian et al. (H.E.S.S. collaboration), 2006e) and MSH15−52
(Aharonian et al. (H.E.S.S. collaboration), 2005c). Compared with these examples,
HESSJ1912+101 would be the oldest candidate for a VHE emitting PWN. In leptonic
models of VHE γ-ray production, a PWN is expected to also emit non-thermal X-rays.
Two Chandra observations within the region of interest are currently available. The first
(Obs. Id 4590) was targeted on EXO1912+097 (Lu et al., 1996), which is coincident
with and possibly the same object as IGRJ19140+0951 (Hannikainen et al., 2004). The
overlap of this observation with HESSJ1912+101 is marginal. The second (Obs. Id 3854)
was targeted on the pulsar PSRJ1913+1011 and covers a larger fraction of the H.E.S.S.
source. No X-ray PWN was reported at the position of PSRJ1913+1011 (see Gotthelf,
2004). Existing Chandra observations do not allow for a counterpart search on the same
spatial scale as the H.E.S.S. source, and a detailed analysis of the Chandra data is beyond
the scope of this paper. Despite considerably less sensitivity, the ASCA satellite with
its larger field-of-view seems more suitable for counterpart studies on larger scales. Two
ASCA observations coincide with HESSJ1912+101. The first (Obs. Id 57005060) covers
the whole H.E.S.S. source but suffers strongly from stray light contamination, the second
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Figure 5.4: Velocity profile of 13CO(J=1→0) intensity at 110.2 GHz from the Galactic
Ring Survey (GRS, Jackson et al., 2006), integrated within the dashed circle shown in the
Figure 5.1. The velocity resolution is 0.25 km s−1. The distance/velocity correspondence
from the Galactic rotation model from Fich et al. (1989) is also shown. The velocity cor-
responding to the nominal distance of PSRJ1913+1011 (4.48 kpc) (Manchester & Taylor,
1977) is marked by an arrow together with the velocity range of the image shown in the
Figure 5.3.
(Obs. Id 57005070) barely covers the peak of the VHE emission. Therefore no ASCA data
has been analysed for this paper.
In the emerging picture of PWN associations the VHE emission peak is often found
offset from the pulsar position (e.g. HESSJ1825−137, MSH15−52, HESSJ1718−385 and
HESSJ1809−193). These offsets can be explained in terms of the proper motion of the
pulsar and/or the expansion of the SNR/PWN into an inhomogeneous medium (see e.g.
Blondin et al., 2001, and Section 1.3.2). In the case of HESSJ1912+101 the observed offset
could be explained by proper motion assuming a velocity of ∼ 60 km s−1 (to travel the
∼ 10 pc from the centroid of the VHE emission to the current pulsar location in 1.7×105
years). The hypothesis that the PWN of PSRJ1913+1011 (and the associated SNR) is
expanding into an inhomogeneous medium seems quite plausible as the 13CO(J=1→0)
emission line measurements taken at 110.2 GHz indicate the existence of ‘clumpy’ molecu-
lar material (in particular the area “A” as indicated in Fig. 5.3) at the pulsar position and
roughly at its distance. Such a scenario for an asymmetric nebula was also proposed for
HESS J1825−137 (Aharonian et al. (H.E.S.S. collaboration), 2006e). HESS J1912+101
and HESS J1825−137 share several similarities: 1) similar offset of the VHE emission re-
gion from the pulsar position; 2) similar angular size (rms size of 0.24◦ for HESS J1825−137
and 0.26◦ for HESS J1912+101); 3.) similar distances (inferred from dispersion measure-
ments of the corresponding pulsars to be ∼ 4 kpc). The intrinsic sizes are hence both
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Figure 5.5: Differential energy spectrum of HESSJ1912+1011, extracted from the circular
region indicated in Fig.5.1. Events with energies between 0.55 and 55 TeV were used in
the determination of the spectrum. They were binned with three bins per decade – the
resulting number of bins is 6 – and then fitted with a power law (solid line). The two
highest energy points of the spectrum were merged and are shown here as a 2σ upper
limit.
∼ 40 pc. In a leptonic scenario, the cooling timescale, in combination with the propa-
gation speed of the lowest energy (and hence longest-lived) electrons which upscattering
soft photons to energies detectable by H.E.S.S., limit the extent of the emission region.
As argued by Aharonian et al. (H.E.S.S. collaboration) (2006e), synchrotron cooling is
likely to be the dominant energy-loss process for magnetic field strengths B> 3µG and
multi-TeV electrons. For scattering in the Thomson regime by cosmic microwave back-
ground radiation (CMBR) photons, the parent electron population responsible for the
VHE γ-rays detected by H.E.S.S. have energies 10–100 TeV (see Equation 1.17). The
magnetic field strength within the extended X-ray PWN of PSR B1823−13 suggested by
Gaensler et al. (2003) is ∼ 10µG. Considering the different sizes of the X-ray and VHE
γ-ray emission regions (5’ versus 60’) for PSR B1823−13, the magnetic field strength
in the outer VHE nebula should be lower than in the more compact X-ray nebula (see
de Jager & Djannati-Ata¨ı, 2008). Here we assume similar magnetic field strengths for
HESS J1825−137 and HESS J1912+101. The corresponding lifetime due to synchrotron
losses of electrons upscattering CMBR photons to energies Eγ is given by







(combining Equation 1.14 and Equation 1.17). Even for a magnetic field strength of
5µG – a value similar to the interstellar magnetic field – and 1TeV γ-rays is the syn-
chrotron cooling time scale for the upscattering electrons a factor ∼ 6 lower than the age
of PSR J1913+1011 (τc = 1.7 × 105 years) and still close to the age of PSR B1823−13
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(τc = 2.1 × 104 years). This provides a natural explanation for the similar sizes of
HESS J1825−137 and HESS J1912+101 even though the spin-down ages of the corre-
sponding pulsars are different by a factor of ∼ 8. Assuming the transport process to be
dominantly advective rather than diffusive, the necessary average flow speed needed to drive
electrons from the position of the pulsar to the edge of the γ-ray nebula (Dtrav ≈ 40 d4.5kpcpc)













This speed is fairly large, but may not be implausible if the associated SNR expanded at
least in part into the low-density phase of the interstellar medium. Assuming an energy-
independent advection speed, Equation 5.2 predicts an energy-dependent morphology for
the nebula, as was observed for HESS J1825−137, where the photon index changes with
distance by ∆ Γ ≈ 0.6 (Aharonian et al. (H.E.S.S. collaboration), 2006e). With the avail-
able statistics it is not possible to extract position-resolved spectra for HESS J1912+101
to test this hypothesis also in this case. We also note that a possibly significant fraction
of the observed VHE emission could also result from IC scattering of higher energy target
photons, e.g. emission from the close-by molecular clouds and HII-regions as visible in
Fig. 5.2. This component of the VHE emission would probe lower energy electrons with
significantly higher cooling times. Its size would therefore be limited not by the cooling
time but by the age of the system.
Whilst the spin-down powers of PSR B1823−13 and PSR J1913+1011 are very similar
(∼ 3×1036 erg s−1), HESS J1825−137 is a more luminous source than HESS J1912+101,
resulting in fairly different apparent VHE conversion efficiencies of 3% for the former and
0.5% for the latter. The spectral indices of the VHE sources are, however, compatible within
statistical uncertainties (Γ = 2.38±0.02stat±0.15sys and Γ = 2.7±0.2stat±0.3sys). Assuming
a continous injection of electrons with a power law dN/dE ≈ E−α where α = 2.0 .. 2.2, α is
increased to 3.0 ... 3.2 by radiative cooling, and a VHE γ-ray spectrum with a photon index
of 2.0 to 2.1 is expected above a synchrotron break energy of ∼ 30GeV for HESS J1912+101
(see Section 1.1 and Section 1.2). In Aharonian et al. (H.E.S.S. collaboration) (2005b)
different scenarios were discussed to explain the observed softer photon index, including the
effect of Klein-Nishina corrections to the IC scattering cross-section and the superposition
of IC spectra arising from electrons injected in the past. Both these arguments are equally
applicable to HESS J1912+101.
Another candidate object for the observed emission is the shell of a hypothetical super-
nova remnant which would be rather old if associated with the birth of PSRJ1913+1011
(spin-down age 1.7 × 105 years). In this scenario, the observed γ-ray emission could be
explained as the result of the interaction of accelerated particles from the SNR with dense
molecular clouds. A candidate for a supernova remnant assocation is 44.6+0.1, an yet
unconfirmed SNR candidate proposed in the Clark Lake 30.9MHz Galactic plane survey
(Kassim, 1988) and further investigated by Gorham (1990). The estimated position and
size of this object are illustrated by a white ellipse in Figure 5.2. 44.6+0.1 overlaps with the
VHE emission region, but the overall match in morphology is rather poor. However, the
resolution from the Clark Lake survey is insufficient for a firm conclusion about the mor-
phology and only part of the remnant might be visible at 30.9MHz. No SNR has been de-
tected in X-rays. The only published keV X-ray sources in this region are the faint ROSAT
sources 1RXS J191159.6+100814, 1RXS J191254.3+103807 and 1RXSJ191114.8+102102
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(Voges et al., 2000). Such a lack of X-ray emission could be explained using for example
the model of Yamazaki et al. (2006), in which an age of the SNR of 1.7×105 years would
imply a rather low X-ray to TeV energy flux ratio of ∼ 0.01 (for the energy ranges 2-10 keV
and 1-10 TeV). In this scenario the spatial distribution of the VHE emission should then
trace the distribution of the molecular clouds which act as target material. Such clouds
have been observed in the vicinity of PSRJ1913+1011 (indicated as area “B” in Fig.5.2)
in infrared at ∼ 8µm (Fig.5.2), in the 13CO measurements presented above (Fig.5.3) and
in the GRS CS(J=2→1) map of the region. The best distance estimate for G44.3+0.1,
an HII region located within this region and coincident with 1RXS J191159.6+100814, is
3.9 kpc (from HI absorption measurements, Kuchar & Bania, 1994), which – given the un-
certainties of the two methods – would place it at a distance consistent with that of the
pulsar (4.48 kpc, from dispersion measurements). The VHE emission peaks close to this
dense region. There is, however, no evidence for an overall spatial correlation of the γ-ray
emission with molecular clouds (see e.g. area “C” in Fig.5.3). In summary, we find little
evidence to support the scenario of an old SNR causing the observed VHE γ-ray signal,
but can not exclude this hypothesis on the basis of the available experimental data.
Other celestial objects in the vicinity of HESS J1912+101 include the microquasar
GRS 1915+105 and the Integral source IGRJ19140+0951. GRS 1915+105 is ∼ 1◦ away
from the centroid of the VHE emission. The suggested distances to GRS 1915+105
(12.5 kpc (Rodriguez et al., 1995) and 6.5 kpc (Kaiser et al., 2005)) would correspond to a
projected distance to the centroid of HESSJ1912+101 of 110 to 220 pc and the suggested
jet termination sites (IRAS 19132+1035, IRAS 19124+1106) are both situated outside the
VHE emission region. A possible association of GRS 1915+105 and HESSJ1912+101 is
therefore considered as unlikely. The relative position of IGR J19140+0951, which is prob-
ably a Super Giant X-ray binary (Nespoli et al., 2007), renders a dominant contribution
to the VHE emission from this object unlikely as well.
5.1.3 Summary
The continuation of the H.E.S.S. survey of the Galactic plane has resulted in the discovery
of a new extended VHE γ-ray source, HESSJ1912+101. The complexity of the vicinity
of HESSJ 1912+101 at other wavebands does not allow us to make a firm conclusion on
the nature of the source yet. The most plausible scenario appears to be that the observed
emission is associated with the high spin-down luminosity pulsar PSRJ1913+1011, which
would make HESS J1912+101 a γ-ray PWN similar to HESS J1825−137 in both the
characteristics of the observed γ-ray emission and the energetics of the associated pulsar.
Ultimately, an energy-dependent morphology change needs to be established in further
H.E.S.S. observations to confirm the similarity with HESS J1825−137 as argued here.
Also the PWN needs to be detected in deep X-ray observations. An alternative possibility
is the interaction of accelerated particles from an old SNR with molecular material in a
dense region in the interstellar medium. Neither of the two scenarios is fully supported by
existing multiwavelength data, but the existence of an energetic pulsar within the VHE
emission region favours an association with a PWN, although the confirmation of a PWN
at other wavebands is currently pending.
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5.2 RCW 86
The shell-type supernova remnant RCW 86, possibly associated with the historical super-
nova SN 185, with its relatively large size (about 40’ in diameter) and the presence of
non-thermal X-rays is a promising target for γ-ray observations. This chapter is devoted
to the detection of this SNR in VHE γ-rays. Morphological and spectral studies will be
presented. Possible origins of the very high energy gamma-ray emission, via either Inverse
Compton scattering by electrons or the decay of neutral pions produced by proton interac-
tions, are discussed on the basis of spectral features obtained both in the X-ray and γ-ray
regimes.
This Chapter is adopted from a paper written in close cooperation by Marianne
Lemoine-Goumard and the author on the behalf of the H.E.S.S. collaboration. The paper
is intended for a publication in the Astrophysical Journal. Ms. Lemoine-Goumard kindly
agreed to a presentation of the paper also in the context of this thesis.
5.2.1 Introduction
Shell-type supernova remnants are widely believed to be the prime candidates for ac-
celerating cosmic ray protons and nuclei up to 1015eV (see Section 1.3.1). A promising
way of proving the existence of high energy hadrons accelerated in SNR shells is the de-
tection of very high energy (VHE; E > 100 GeV) γ-rays produced in nucleonic interac-
tions with ambient matter. VHE γ-ray emission has been detected recently in several
shell-type SNRs, especially from Cassiopeia A (Aharonian et al. (H.E.S.S. collaboration)
(2001), Albert et al. (2007)), RX J1713.7-3946 (Aharonian et al. (H.E.S.S. collaboration),
2007d) and RX J0852.0-4622 (Aharonian et al. (H.E.S.S. collaboration), 2007c). These
two latest sources both show an extended morphology highly correlated with the struc-
tures seen in non-thermal X-rays. Although a hadronic origin is probable in the above
cases (Berezhko & Vo¨lk, 2006), a leptonic origin can not be ruled out (Porter et al., 2006).
Another young shell-type SNR is RCW 86 (also known as G315.4-2.3 and MSH 14 − 63 ).
It has a complete shell in radio (Kesteven & Caswell, 1987), optical (Smith, 1997) and
X-rays (Pisarski et al., 1984), with a nearly circular shape of 40’ diameter. It received
substantial attention because of its possible association with SN 185, the first historical
Galactic supernova (Clark & Stephenson, 1977). However, conclusive evidence for this con-
nection is still missing: using optical observations, Rosado et al. (1996) found an apparent
kinematic distance of 2.8 kpc and an age of ∼ 10 000 years, whereas recent observations
of the North-East part of the remnant with the Chandra and XMM-Newton satellites
strengthen the case that the event recorded by the Chinese in 185 AD was a supernova
and that RCW 86 is its remnant (Vink et al., 2006). In this case, a distance to the SNR of
∼ 1 kpc can be estimated for a standard Sedov evolution scenario (Bocchino et al., 2000).
The X-ray spectrum obtained with the Einstein satellite was first represented by a two-
temperature plasma model (Winkler, 1978). Then, RXTE (Petre et al., 1999) and ASCA
observations (Bamba et al. (2000), Borkowski et al. (2001)), with a wider spectral cover-
age, were used to resolve a non-thermal component in the X-ray spectrum which can be well
described by a soft power-law with a photon index of ∼ 3. The large-scale density gradient
across RCW 86 (Pisarski et al. (1984) and Claas et al. (1989)) possibly suggests that the
northern part could be the shocked half of a very low-density wind bubble plus dense shell
from the progenitor star, and to this extent it could well be similar to RX J1713.7-3946
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Figure 5.6: H.E.S.S. γ-ray image of RCW 86. The map was smoothed with a Gaussian
function with a σsmooth = 4.8
′ to reduce the effect of statistical fluctuations. The linear
color scale is in units of excess counts per arcmin2. White contours correspond to 4, 5, 6
σ significance, obtained by counting gamma rays within 0.14◦ from each given location.
The image inset in the bottom left corner indicates the size of a point source as seen by
H.E.S.S., for an equivalent analysis, smoothing and zenith angles. The centre of the fitted
shell, as discussed in the text, is marked by a black cross. The two solid green circles
correspond to the inner and outer radii of this shell.
and RX J0852.0-4622. In its southern part, RCW 86 contains an HII region. Apparently,
the gas density in this HII region is rather high and spatially extended. Therefore, the
SNR shock has swept over an extended high density region in the South, with consequent
high radio and thermal X-ray emissions (Bocchino et al., 2000). With a diameter of about
40’, RCW 86 is one of the very few non-thermal X-ray emitting SNRs resolvable in VHE
γ-rays. H.E.S.S., with its high sensitivity, its good angular resolution and its large field of
view is ideally suited for morphology studies of such an extended object.
Evidence for γ-ray emission from RCW 86 was found using the CANGAROO-II instrument,
but no firm detection was claimed (Watanabe & Cangaroo Collaboration, 2003). Here, we
present data on RCW 86 obtained with the full H.E.S.S. array between 2004 and 2007.
5.2.2 Analysis methods
The shell-type SNR RCW 86 was observed between 2004 and 2007 with the complete
H.E.S.S. array. After standard data quality selection and dead time correction, the resulting
live time is 31 hours. The observations have been carried out at zenith angles ranging from
38◦ to 53◦. The data were taken using the wobble mode decribed in Section 2.2; the mean
offset angle of the data set used in this analysis is 0.7◦. The energy threshold of the system
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Figure 5.7: Upper panel: H.E.S.S. radial profiles around the fitted centre of the SNR
(αJ2000 = 14
h42m43s, δJ2000 = −62◦26’42”). The solid line shows the result of a projected
uniformly-emitting sphere smoothed with the H.E.S.S. point-spread function and fitted to
the H.E.S.S. data. The dashed line corresponds to a projection of a thick and spherically
symmetric shell. The dotted vertical line illustrates the extent of the region used for the
azimuthal profile and for the spectral analysis. Lower panel: Radial profiles of the X-ray
data (3-6 keV) from XMM-Newton. These data are background subtracted and smoothed
to match the H.E.S.S. angular resolution. Additionally, the obtained excess profile was
normalized. The XMM data was kindly provided by Jacco Vink.
increases with zenith angle: for the observations presented here, the average threshold was
480 GeV.
The data were calibrated using standard H.E.S.S. calibration procedures, as discussed
by Aharonian et al. (H.E.S.S. collaboration) (2004a). The data were analyzed using a
Hillas parameter based method as described in Section 2.4 with standard cuts, which
include a minimum requirement of 80 photo electrons in each camera image. Two different
background estimation procedures were used, as described in Section 2.4. For 2D image
generation and morphology studies, the ring background method was applied with a mean
ring radius of 0.7◦. As this method uses an energy averaged radial acceptance correction,
the reflected-region background method was applied for spectral studies. As a cross-check, a
second analysis chain, sharing only the raw data and using the “Combined Model” analysis
(de Naurois, 2006), was also applied to the data. The two analysis methods yield consistent
results.
5.2.3 Results
A clear VHE γ-ray signal of 8.5σ standard deviation and 1546 ± 183 excess γ-rays is
detected from a circular region of 0.45◦ radius, centered on (αJ2000 = 14h42m43s, δJ2000




































Figure 5.8: Upper panel: H.E.S.S. azimuthal profile integrated over a region of 0.5◦
radius covering the SNR RCW 86. The azimuthal angle is calculated with respect to the
fitted shell centre. 0◦ corresponds to the North part of the source and 90◦ to the East.
The solid line shows the result of a fit of the data to a constant which yields a chi-square
of 1.47 for 5 degrees of freedom. Lower panel: Azimuthal profiles of the X-ray data (3-6
keV) from XMM-Newton. These data are background subtracted and smoothed to match
the H.E.S.S. angular resolution. Additionally, the obtained excess profile was normalized.
The XMM data was kindly provided by Jacco Vink.
obtained with the ROSAT satellite and fully encompasses the SNR. Figure 5.6 shows the
VHE γ-ray excess map of the 1.6◦ × 1.6◦ region around RCW 86. The map has been
smoothed with a Gaussian kernel with a σ of 4.8′ to suppress statistical fluctuations on
scales smaller than the H.E.S.S. point-spread function (PSF). The VHE γ-ray excess from
RCW 86 is significantly extended beyond the PSF of the instrument, which is illustrated
in the bottom left corner of Figure 5.6. Contours of constant significance are superimposed
in white at the 4, 5 and 6σ levels. An excess map has also been produced with the so-
called “hard cuts” for better gamma hadron separation, which includes a stricter cut of
200 photo electrons on the image size compared to the “standard cuts”, and was found
to be compatible with Figure 5.6. The VHE emission shown in Figure 5.6 is suggestive
of a shell-like morphology. To test this hypothesis, the brightness profile of a thick shell
projected along the line of sight and folded with the H.E.S.S. point-spread function was fit
to the unsmoothed excess map. The details of this fit will be described in Section 5.2.4.
As illustrated in Figure 5.6, the best fit (χ2/ndf = 233.1/220) is obtained with an outer
radius of 24.43′ ± 1.79′stat, a width of 12.39′ ± 4.22′stat and a centre of the shell at (αJ2000
= 14h42m42.96s ± 14.1sstat, δJ2000 = −62◦26′41.6′′ ± 66.5′′stat).
Figure 5.7 shows the radial profile of the VHE excess relative to the fitted centre. The
fit of the radial profiles to the data points results in a chi-square per degree of freedom
of χ2/ndf = 2.85/7 for a projected shell (determined by outer ring radius, ring width
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Figure 5.9: Excess contours of γ-ray emission (0.55, 0.8, 1.05 γ-rays per arcmin2 Gaussian
smoothed with σsmooth = 4.8
′) superimposed on the background subtracted XMM-Newton
EPIC (MOS/PN) 3-6 keV X-ray image of the remnant (by courtesy of Jacco Vink).
and absolute normalization) which is not significantly better than the fit of a projected
uniformly-emitting sphere characterized by a ring radius and a normalization factor (χ2/ndf
= 5.43/8). Also visible in Figure 5.6 is an apparent deficit of γ-rays at the western part
of the SNR. However, the azimuthal profile in Figure 5.8 is consistent with a constant and
reveals that this dip is not significant (χ2/ndf = 1.47/5). A more detailed comparison of
the γ-ray and X-ray morphologies would require a higher statistics than presently available,
and hence will have to await future longer observations.
Figure 5.9 shows the 3-6 keV X-ray map of RCW 86 obtained using six observations
of the remnant carried out by the XMM-Newton satellite in 2006 (Vink et al., 2006) and
additional observations taken in 2007. The energy range was selected to avoid as much as
possible contamination from line emission from the, in general, cool plasma (< 1 keV) of
RCW 86. Potentially, the 3 - 4 keV range could contain some contamination from Ar and Ca
lines, but no such line emission is seen in the available Chandra, XMM-Newton (Vink et al.,
2006) or Suzaku spectra (Ueno et al., 2007). This map was obtained by first automatically
cleaning the observations of > 3σ excursions to the mean count rate, thus minimizing the
background of the maps. Then, for each observation and for each of the three detectors
(MOS1, MOS2, and PN), a background count rate in the 3-6 keV band was determined
using a relatively empty region of the field of view. In the final stage, the background image
was subtracted from the count rate image, and then corrected using the exposure maps
obtained with the standard XMM-Newton SAS 7.1.0 software (which includes vignetting
correction), in order to obtain the background corrected map displayed in Figure 5.9. An








































Figure 5.10: Differential energy spectrum of RCW 86, extracted from a circular region of
0.5◦ radius around the position (αJ2000 = 14h42m43s, δJ2000 = −62◦26’42”) adjusted to the
H.E.S.S. data to enclose the whole source. The solid line shows the result of a pure power-
law fit. The error bars denote 1σ statistical errors; the upper limit (arrow) is estimated
at the 2σ level. The bottom panel shows the residuals to the power-law fit. Events with
energies between 600 GeV and 60 TeV were used in the determination of the spectrum.
observed. However, the γ-ray morphology differs from the X-ray emission, as is apparent
in the radial (Figure 5.7) and azimuthal profiles (Figure 5.8).
For the spectral analysis, the source region (ON region) is defined by a circle of 0.5◦
radius centered on the best fit position of the shell, chosen to fully enclose the whole source.
The radius of the extraction region is illustrated in Figure 5.7. The spectrum obtained (see
Figure 5.10) is well described by a power-law with a photon index of 2.54±0.12stat±0.20sys
and a flux normalisation at 1 TeV of (3.72±0.50stat±0.8sys)×10−12cm−2s−1TeV−1 (χ2/ndf
= 6.30/4). The integral flux in the energy range 1 - 10 TeV is (2.34 ± 0.3stat ± 0.5sys) ×
10−12 cm−2s−1, which corresponds to ∼ 10% of the integrated flux of the Crab nebula in
the same energy interval. No significant improvement is obtained by fitting a power-law
with an exponential cut-off (χ2/ndf = 2.96/3). If the fit range is restricted to energies
below 10 TeV, a photon index of 2.41 ± 0.16stat ± 0.20sys and a flux normalisation at 1
TeV of (3.57 ± 0.5stat ± 0.8sys)× 10−12cm−2s−1TeV−1 are determined (χ2/ndf = 0.68/2),
compatible with the fit of the SNR in the whole energy range.
5.2.4 The Morphology Analysis of RCW 86
The VHE γ-ray excess from RCW 86 appears shell-like in Figure 5.6. To put this hypothesis
to a more stringent statistical test the signal was fitted with the intensity profile of a 3-
dimensional shell projected along the line of sight. Even though the results of this fit
were already used in the paragraphs above, the details of the shell fit necessitate further
description. They will be given in the following.
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A 3-dimensional symmetric shell with finite thickness is described by 6 parameters: The
(x,y,z)-coordinate of its center, its outer radius, its width and its surface brightness. When
the intensity profile is projected along the line of sight, the parameter which describes the
distance to the object cancels and the result is a 2-dimensional intensity distribution. Due
to the radial symmetry of this model distribution, all information is still contained in its
1-dimensional radial profile, which is given by:




















[(α0 − α)a]2 + [δ0 − δ]2 is the radial distance to the center described by the
coordinates α0 and δ0 (e.g. RA Dec coordinates), a = cos(y)
−1 is a scale factor result-
ing from the spherical character of the coordinate system on the sky with non-Cartesian
metrics, Rout is the outer shell radius and W is the thickness of the shell. Figure 5.11


























Figure 5.11: Sketch of the radial profile of a 3-dimensional shell integrated along the line
of sight.
Before the model intensity distribution can be fit to the observed signal, the limited
angular resolution of the instrument has to be taken into account. For that purpose the
one-dimensional radial profile described in Equation 5.3 is convolved with the PSF of the
instrument. The PSF is approximately described by two Gaussian curves:













where the parameters K1, K2, σ1 and σ2 are characteristic of the data set, depending on
the zenith and the offset angle of the observations. Figure 2.8(a) illustrates the shape of
the PSF. The analytic convolution of Equation 5.3 and 5.4 is not easily possible. Thus, it
is performed numerically using GSL1 routines, which apply the Gauss-Kronrod 21-point
integration rule adaptively to avoid any step-like artefacts in the resulting curve which





The convolved model profile is then fit to the 2-dimensional uncorrelated excess map
shown in Figure 5.12(a). Because this excess map does not follow counting statistics, no
likelihood fit can be used. Instead a χ2 minimization is performed using MIGRAT, which
is a part of the MINUIT package 2. The 2-dimensional intensity distribution, obtained by
rotating the best fit radial profile around the fitted center, is shown in Figure 5.12(b). The
black cross illustrates the best fit center of the putative shell together with its statistical
errors, the black circles show the fitted inner and outer radius (with the effect of the
PSF removed). The best-fit parameter values are: α0 = 14
h42m42.96s ± 14.1sstat, δ0 =
−62◦26′41.6′′ ± 66.5′′stat, Rout=24.43′ ± 1.79′stat and W=12.39′ ± 4.22′stat. The reduced
χ2 is 233.1 for 220 degrees of freedom. Figure 5.12(c) depicts the residuals between the
uncorrelated excess map and the model distribution; for illustrational purposes the map
has been correlated using a correlation radius of 0.11◦.
The error estimates on the best-fit parameter values have also been obtained using
MIGRAT. For illustrational purposes, the χ2 planes spanned by two of them at a time is
shown in Figure 5.12(d) to 5.12(f). The paramters not shown in the figures are fixed to
their best-fit value. The white contours illustrate the parameter values at which the χ2
has increased by 1,2 and 3 relative to its minimum. Even though this is the definition
of the 1σ, 2σ and 3σ errors, the errors on the parameters can not be directly read from
Figure 5.12(d) to 5.12(f) since merely projections of the parameter space are shown. As
apparent in Figure 5.12(d), the RA- and Dec-coordinate of the shell center are rather
independent of each other. The same is true for the thickness and the outer radius, as can
be judged from Figure 5.12(e). The normalization and the shell thickness, however, are
more strongly correlated, see Figure 5.12(f). This correlation arises from the influence of
the shell thickness on the observed surface brightness after a profection along the line of
sight, i.e. as stated in Figure 5.11 the intensity at the shell center depends on both the
normalization N and the shell thickness w in Equation 5.3.
2Part of of PACKLIB: http://cernlib.web.cern.ch/cernlib/packlib.html
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Figure 5.12: RCW 86 shell fit: a.) Uncorrelated excess map of the VHE γ-ray signal
detected from the SNR RCW 86. The results of a fit with the intensity distribution of
a shell are also shown: the center together with the estimated errors are illustrated by a
cross, the inner (outer) circle depicts the inner (outer) radius of the shell taking the PSF of
the instrument into account. b.) Intensity distribution of a shell which best fits the VHE
γ-ray excess. c.) Correlated residual map: the residuals between the fit result shown in b.)
and a fine binned uncorrelated excess map have been correlated with a radius of 0.11◦. d.)
χ2 between the uncorrelated excess map shown in Figure 5.12(a) and the shell fit function
shown in Figure 5.12(b) for different values of the Right Ascention and Declination of the
shell center; e.) Same as d.) but for the outer radius and width of the shell; f.) Same as
d.) but for the Width of the shell and total normalization. The fit parameters not shown




As described in Section 1.2 there are two commonly invoked mechanisms for VHE γ-ray
production in young supernova remnants, inverse Compton (IC) scattering of high energy
electrons off ambient photons (leptonic scenario) and π0 meson production in inelastic in-
teractions of accelerated protons with ambient gas (hadronic scenario). In such a hadronic
scenario, a comparison between the expected thermal X-ray emission and the actually
measured thermal emission has to await deeper observations in which one can better de-
termined whether the TeV emission traces the denser, thermal X-ray emitting parts of the
SNR, or is more closely correlated with the X-ray synchrotron emission from the remnant.
The measured γ-ray spectrum from RCW 86, restricted to energies below 10 TeV, translates
into an energy flux between 1 and 10 TeV of 8.6×10−12 erg cm−2 s−1. The X-ray spectrum
of the whole remnant is mixed between thermal and non-thermal emission. Assuming that
the hard X-ray continuum originates from non-thermal synchrotron emission as reported
by Rho et al. (2002), Vink et al. (2006) and Ueno et al. (2007), the measurement made
by Petre et al. (1999) using RXTE data provides an estimate of the total amount of non-
thermal flux from RCW 86. They find that the spectrum is well fitted by a power-law of
index ∼ 3 and a flux normalization at 10 keV of 10−4 cm−2 s−1 keV−1, which extrapolated
down to the 0.7 to 10 keV band leads to an integral flux of 2.1 × 10−10 erg cm−2 s−1. In
a leptonic scenario, assuming that the γ-ray emission is entirely due to the IC process on
cosmic microwave background photons, the ratio of the synchrotron power and IC power
radiated is often used to constrain the magnetic field. For a power-law distribution of elec-
tron energies, Kγ−p, the general equation relating the synchrotron power (PS) produced
by electrons with Lorentz factors between γ1,X and γ2,X and the IC power (PIC) radiated






(γ3−p2,X − γ3−p1,X )
(γ3−p2,IC − γ3−p1,IC)
(5.5)
where Uph and UB are the energy density of the photon field and the energy density of
the magnetic field, respectively. It should be noted here that, for a fixed X-ray energy,
γ1,X and γ2,X are inversely proportional to the square root of the magnetic field. If X-rays
and γ-rays probe the same region of the electron spectrum, one finds the standard relation
between the synchrotron and IC power PSPIC =
UB
Uph
(see Equation 1.19). Assuming that the
target photon field is the cosmic microwave background, a magnetic field of 30µG can be
estimated using Equation 5.5 and the synchrotron photon index of ∼ 3, independent of the
distance and age of the SNR. This estimate is compatible with that of Vink et al. (2006)
based on thin filaments resolved by Chandra (assuming a distance of 2.5 kpc) in which the
authors also deduce a high speed of the blast wave (∼ 2700 km s−1); their estimated value
would increase to ∼ 50µG for a distance of 1 kpc. However, it is still a factor of 2 lower
than the magnetic field determined by Vo¨lk et al. (2005) using a lower shock velocity of
800 km s−1 as suggested by optical data in the Southern region of the SNR (Rosado et al.,
1996). The difference between the field amplification estimated by Vink et al. (2006) and
that of Vo¨lk et al. (2005) lies in the fact that Vo¨lk et al. obtained a higher result when
they de-projected the measured filament width, as for an ideal spherical shock, whereas
Vink et al. did not. Without de-projection the two results remarkably agree, even though
they were obtained for the southern side and the northern side, respectively. A discussion
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of de-projection for RCW 86 is given in Vo¨lk et al. (2005). With similar data, Bamba et al.
(2005) deduced a significantly lower magnetic field strength of ∼ 4−12µG. However, their
analysis is based on rather different assumptions on the nature of filament formation.
In a hadronic scenario, one can estimate the total energy in accelerated protons
Wp in the range 10 − 100 TeV required to produce the γ-ray luminosity Lγ observed
by H.E.S.S. using the relation Wp(10 − 100TeV) ≈ τγ × Lγ(1 − 10TeV), in which





s is the characteristic cooling time of protons through the π0
production channel (Kelner et al., 2006). The total energy injected in protons is calcu-
lated by extrapolating the proton spectrum down to 1 GeV. Because of this extrapolation
over 4 decades in energy, the uncertainty of the estimate can be as large as a factor of
10. Assuming that the relatively steep slope of the proton spectrum (as inferred from the
observed γ-ray spectrum), is the result of an energy cut-off (somewhere around several
tens of TeV in proton energy), and that at lower energies the proton spectrum has a E−2
type spectrum representative of those predicted by the diffusive shock acceleration theory,
the total energy budget in all protons for the distance of 2.5 kpc and the ambient gas
density between 0.3 cm−3 and 0.7 cm−3 (Bocchino et al., 2000), would be (2−4)×1050 erg.
This estimate is in reasonable agreement with theoretical expectations that a significant
fraction of the explosion energy of 1051 erg is released in relativistic protons. On the other
hand, if the power-law spectrum of protons continues to GeV energies with the spectral
index Γ = 2.4 (i.e. similar to the gamma-ray spectrum below 10 TeV), the total budget
in protons would exceed few times 1051 erg for a distance of 2.5 kpc. This would exclude
the hadronic origin of TeV γ-rays, unless the SNR is nearby (∼ 1 kpc), or if the γ-rays
are produced in very dense regions. Indeed, Pisarski et al. (1984) and Claas et al. (1989)
reported that there is a large density contrast across the remnant, e.g. in the South, where
the density could be as high as 10 cm−3; with such a dense medium, a larger distance for
the remnant could still be compatible with the observed γ-ray flux.
5.2.6 Conclusions
H.E.S.S. observations have led to the discovery of the shell-type SNR RCW 86 in VHE
γ-rays. The γ-ray signal is significantly more extended than the H.E.S.S. point-spread
function. The possibility of a shell-like morphology was addressed, but cannot be settled
on the basis of the limited statistics available at the moment. The flux from the remnant is
∼10% of that from the Crab nebula, with a photon index of about 2.5. The question of the
nature of the particles producing the γ-ray signal observed by H.E.S.S. is also discussed.
In a leptonic scenario, assuming that the γ-ray emission is entirely due to the IC process
on cosmic microwave background photons and that the synchrotron and IC photons are
produced by the same electrons, the ratio of the γ-ray energy flux and the X-ray flux
determines the magnetic field to be close to 30µG. In the hadronic scenario, the lack of
information about the low-energy γ-ray spectrum results in large uncertainties on the total
energy budget in protons. If below several tens of TeV, the proton spectrum has a E−2 type
spectrum, the total energy in protons would be in reasonable agreement with theoretical
expectations. On the other hand, if we assume that the proton spectrum continues down
to GeV energies with the observed spectral index Γ = 2.4, energetics would rule out a
hadronic origin for the TeV γ-rays unless the SNR is nearby, or if the γ-rays are produced




The high spin-down lumniosity pulsar PSR B1706-44 has been observed by H.E.S.S. in ded-
icated observations in the year 2007. A new and extended VHE γ-ray source, HESS J1708-
442, was discovered in its vicinity with a statistical significance of 8 standard deviations.
In this chapter, the morphological and spectral analysis of HESS J1708-442 is presented.
Additional multi-wavelength data was drawn on to discuss its possible associations with
the pulsar wind nebula of PSR B1706-44 and/or with the broad-scale radio structure of
the SNR candidate G343.1−2.3. This chapter is a adopted from a paper draft, which the
author has written on behalf of the H.E.S.S. collaboration. It is intended for publication
in Astronomy and Astrophysics.
5.3.1 Introduction
The pulsar PSR B1706−44 was first detected in a high frequency radio survey by
Johnston et al. (1992). With a spin period of 102ms, a characteristic age of 17,500 years
and a spin-down luminosity of 3.4·1036 erg s−1, it belongs to the class of relatively young
and very energetic pulsars of which the Vela pulsar is the most prominent example. Its
distance estimate ranges from 1.8 kpc (Johnston et al., 1992; Taylor & Cordes, 1993) to
3.2 kpc (Koribalski et al., 1995). The bright gamma-ray source 2CG342−02, originally dis-
covered by the COS B satellite (Swanenburg et al., 1981) and positionally coincident with
the pulsar, was firmly identified with PSR B1706−44 when the EGRET instrument ob-
served pulsation matching the period seen in the radio waveband (Thompson et al., 1992).
PSR B1706−44 is therefore one of the very few pulsars from which pulsed emission is dis-
covered not only in radio (Johnston et al., 1992) and X-rays (Gotthelf et al., 2002), but
also in high-energy gamma-rays.
Radio observations by Frail et al. (1994b) and Giacani et al. (2001) revealed a syn-
chrotron nebula with an extension of 3’ surrounding the pulsar. The observed polariza-
tion and the flat spectrum with a photon index of 0.3 suggest a pulsar wind nebula (PWN)
origin. However, the implied conversion efficiency from spin-down energy to radio flux of
2·10−6 is the lowest of any radio PWN (Giacani et al., 2001). The synchrotron nebula is
also visible in X-rays, first reported by Finley et al. (1998) using the ROSAT instrument.
The morphology of the PWN could be mapped in detail by Romani et al. (2005) employing
the superior resolution of the Chandra instrument. Their findings suggest a diffuse PWN
extending as far as 110” from the pulsar with a spectral index of 1.77 surrounding a more
complex structure of torus, inner and outer jets. The existence of undeformed X-ray jets
supports the low scintillation velocity of the pulsar of less than 100 km/s as reported by
Johnston et al. (1998).
PSR B1706−44 is located at the south east end of an incomplete arc of radio
emission (McAdam et al., 1993) suggested to be the shell of a faint SNR (G343.1−2.3,
see Figure 5.13). The arc itself is embedded in weak broad-scale radio emission
(Frail et al., 1994b). Polarization measurements suggest an association of this dif-
fuse emission with synchrotron radiation from the SNR (Dodson & Golap, 2002).
The SNR has not been detected in any other waveband (see e.g. Becker et al.,
1995; Aharonian et al. (H.E.S.S. collaboration), 2005e). The possible association of
PSR B1706−44 and G 343.1−2.3 has been questioned based on the differing age and
distance estimates for SNR and pulsar, the lack of visible interaction and the high implied
133
CHAPTER 5. INDIVIDUAL SOURCE ANALYSIS
Figure 5.13: SNR G343.1−2.3 as seen by the Australia Telecope Compact Array (ATCA)
at 1384MHz. The Figure was taken from Dodson & Golap (2002). The pulsar position is
marked by a green star.
velocity of the pulsar (∼700 km/s) which is incompatible with the measured scintillation
velocity. Recent changes in the electron distribution model by Cordes & Lazio (2002) have
resulted in a revised dispersion distance for the SNR of 2.3 kpc (Romani et al., 2005, and
references therein) which is now compatible with the pulsar distance. Bock & Gvaramadze
(2002) suggested a scenario of an off-centered cavity explosion which would release the
restrictions on the implied velocity and invalidate the age estimate for the SNR of 5000
years (McAdam et al., 1993), which is based on a Sedov-Taylor model (see Figure 5.14. In
this scenario PSR B1706−44 and G 343.1−2.3 are associated, the radio arc, however, is not
identified with the SNR shell but with the former boundary of the wind blown cavity that
was overtaken and compressed by the expanding SNR. The diffuse broad-scale radio emis-
sion is interpreted as resulting from the interaction of the SNR with the parent molecular
cloud.
At very-high energies (VHE; > 100 GeV) the pulsar and the SNR were observed us-
ing ground based air-Cherenkov instruments. The findings of the different instruments
are, however, inconsistent. The Cangaroo experiment detected a steady emission co-
incident with the pulsar at the level of 50% of the Crab flux (Kifune et al., 1995;
Kushida & Cangaroo Collaboration, 2003). The result was supported by the DurhamMark
6 collaboration (Chadwick et al., 1998) which reported a significant excess from the pul-
sar above 300GeV. The H.E.S.S. collaboration, however, did not confirm the detection of
the pulsar and reported an upper limit as low as 1% of the Crab flux above 350 GeV in
clear disagreement with the previous findings (Aharonian et al. (H.E.S.S. collaboration),
2005e). Here we present data on PSR B1706−44 and G 343.1−2.3 obtained with the full










Figure 5.14: Schematic illustrating the scenario of an off-centered cavity explosion and the
association of the radio shell with the former boundary of the wind-blown cavity. The
Figure was taken from Bock & Gvaramadze (2002).
5.3.2 H.E.S.S. observations and analysis methods
The data
The region of interest which includes PSR B1706−44 and SNR G 343.1−2.3 was observed
with the full H.E.S.S. array in the year 2007. The observations were dedicated to search for
VHE γ-ray emission from the pulsar and have therefore been taken in wobble mode (see
Section 2.2) centered around its radio position (α2000=17
h9m42.73s, δ2000=−44◦29′8.2′′,
Wang et al. (2000)). After standard quality selection to remove data affected by unstable
weather conditions or hardware issues, the total live time of the data set is 15 hours. The
zenith angle of the observations ranges from 20◦ to 30◦ with a mean of 24◦. The average
offset from the pulsar position is 0.7◦.
The analysis method
The data set was analyzed using the Hillas second moment method as described in Sec-
tion 2.4. For gamma-hadron separation, the so-called hard cuts were used, which require a
minimum of 200 photon electrons (p.e.) recorded per shower image. Compared to std cuts
(80 p.e.), this relatively hard requirement results in better background rejection and an im-
proved angular resolution, but also in a slightly increased energy threshold of 560GeV for
this data set. Three different background estimation procedures described in Section 2.4
were applied in this analysis. For 2D image generation the ring-background method was
used with a mean ring radius of 0.7◦. As this method includes an energy averaged model for
the camera acceptance to account for the different offsets of signal and background regions
from the camera center, it was not used for spectral extraction. Instead the reflected-
region method was applied to measure the flux from the pulsar position. For the spectral
extraction from very extended regions, which also enclose the pointing positions of the in-
strument, the background was estimated from off-source data taken in the years 2006 and
2007. The normalization between on- and off-source observations was deduced from the
total event number in the two runs, excluding regions with significant VHE γ-ray signals.
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Figure 5.15: Image of the VHE γ-ray excess from HESS J1708−443, smoothed with a
Gaussian profile of σ=0.075◦ along each axis. The white cross indicates the best fit position
of the center-of-gravity of the emission together with its statistical errors. The small and
the large white circles illustrate regions A and C, respectively, which were used for spectral
analysis. Region B, from which the detection significance was calculated, is marked by a
green circle. The three regions are summarized in Table 5.1. The position of the pulsar
PSR B1706−44 is marked by a square. The inset in the bottom left corner shows the
point-spread function of the instrument for this particular data set smoothed in the same
way as the excess map. Contours of constant intensity as seen at 330MHz with the VLA
instrument are shown in green (by courtesy of Gloria Dubner and Elisabeth Giacani).The
radio data were smoothed with the same Gaussian profile as the H.E.S.S. data to match
the angular resolution.
The time-dependent optical response of the system was estimated from the Cherenkov light
of single muons passing close to the telescopes (Bolz, 2004).
5.3.3 Results
To reduce the number of trials, two different regions were defined a priori to search for
VHE γ-ray emission. As other Cherenkov instruments have reported a point-like emission
from the pulsar location, one is centered at its position and has a radius of 0.1◦, which is
usually used to detect point sources in the H.E.S.S. standard analysis scheme (Section 2.4).
This region will be denoted as region A in the following, see Figure 5.15. The other region,
denoted as region B, is centered at the apparent center of the radio arc (α2000=17
h8m and
δ2000=−44◦16′48′′) and has a radius of 0.6◦ to enclose the whole structure. No emission
is observed from the pulsar position (region A). An upper limit of 18 excess events is
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Figure 5.16: Uncorrelated excess in quadratic bins of 0.175◦ width. The upper number
in each bin is the uncorrelated excess summed within this bin, the lower number is the
corresponding statistical error. The gray contours correspond to a smoothed excess of 0.12,
0.2 and 0.28 events per arc min2 taken from the Figure 5.15. The red rimmed bin is centered
on the pulsar position. Note the different scale used in Figure 5.15 and Figure 5.16.
Feldman & Cousins (1998). From region B, however, a clear signal of 618 VHE γ-rays at
a statisitical significance of 8 standard deviations is detected. Table 5.1 summarizes the
event statistics for region A and B.
In order to investigate the morphology of the VHE γ-ray emission from region B,
Figure 5.15 shows the excess count map of the 1◦×1◦ region around the H.E.S.S. source,
smoothed with Gaussian brightness profile of width 0.075◦ to reduce statistical fluctuations.
The smoothing radius is chosen to be of the same scale as the point-spread function of the
instrument. The extension of the emission region clearly exceeds beyond the point-spread
function depicted in the lower left inlay. Figure 5.16 depicts the number of excess events
within the emission region together with their statistical errors in quadratic bins of 0.175◦
width. For this representation no smoothing was applied. The lack of VHE γ-rays in the
vicinity of the pulsar is apparent in both figures.
Fitting the fine-binned and unsmoothed excess map with a radially symmetric Gaussian
profile (φ = φ0e
−r2/(2σ2)) convolved with the point-spread function of the instrument leads
to a best fit position of α2000=17
h8m12.46s and δ2000=−44◦18′46.6′′, with a statistical error
of 3′ on each axis, as indicated by the white cross in Figure 5.15. Consequently the new
VHE γ-ray source is called HESS J1708−443. The fit results in an intrinsic Gaussian width
of σ =0.27◦±0.03◦stat.
Spectral analyses were performed within two regions, region A, as already introduced
above, and region C, which is centered on the best fit position and has a radius of 0.71◦
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Reg. Center R Non Noff α Excess Sign.
α2000[
◦] δ2000[◦] [◦] [σ]
A 17h9m42.73s −44◦29′8.2′′ 0.1 75 1125 7.2·10−2 -6.0+9.3−8.7 -0.65
B 17h8m −44◦16′48′′ 0.6 3200 2432 1.06 619+77−77 8
C 17h8m12.46s −44◦18′46.6′′ 0.71 4310 3325 1.06 779+90−90 8.7
Table 5.1: Event statistics for region A,B and C. The center and the radius of the circular
ON region is stated. For region A the background was extracted from OFF regions in the
same field of view, for region B and C it was estimated from off-source observations. Due to
the smaller extent of region A, more OFF regions could be used, which results in a smaller
normalization factor α than for region B and C. Non and Noff are the event numbers in the
ON and OFF regions. The significance was calculated following the approach of Li & Ma
(1983).
chosen to fully include the observed γ-ray emission (see Table 5.1). Both regions are
indicated by dashed circles in Figure 5.15. From region A, a limit of 3.6·10−13cm−2s−1
on the integral flux above 605GeV was derived at a confidence level of 99% using the
unified approach of Feldman & Cousins (1998). The upper limit corresponds to 0.7% of
the flux of the Crab Nebula in the same energy range. The associated differential upper
limits are shown in Figure 5.21. The underlying γ-ray spectrum is assumed to follow a
power law with a photon index of 2.5, an index in the same range as most of the indices
of the Galactic VHE γ-ray sources (see Section 4.4.3). The energy spectrum of the whole
source is extracted from region C. Within the large integration circle 779 excess events were
found, corresponding to a statistical significance of 8.7σ (pre-trials). The spectrum is well
described by a power law φ = φ1TeV · E−Γ with a spectral index of Γ=2.1±0.1stat ± 0.2sys
and a flux normalization at 1 TeV of φ1TeV=(5.2±0.8stat ± 1.0sys)·10−12 cm−2s−1TeV−1 .
The integral flux between 1 and 10TeV is about 19% of the Crab Nebula flux in the same
energy range. The extracted flux points from the extended emission and the fit result are
shown in Figure 5.17.
5.3.4 Possible Counterparts
While a superposition of PSR B1706−44 and SNR G 343.1−1.3 cannot be excluded, each
of them could account individually for the observed VHE γ-ray emission. The possible
associations of HESS J1708−443 will be discussed in the following.
PSR B1706−44
The pulsar PSR B1706−44, with its high spin-down luminosity of 3.4·1036 erg s−1, is ener-
getic enough to power the observed VHE γ-ray emission. Assuming a distance of 2.5 kpc for
the pulsar, the energy flux from the H.E.S.S. source between 1 and 10TeV is 1.2·1034 erg s−1.
The implied effective conversion efficiency from rotational energy to γ-rays in this energy
range is then ∼0.4%, comparable to the efficiency of 0.8% inferred for PSR J1420-6048
(Aharonian et al. (H.E.S.S. collaboration), 2006c). At this distance, the inferred projected







































Figure 5.17: Differential energy spectrum of HESS J1708−443, extracted from Region C,
see Table 5.1. The solid line shows the result of a pure power-law fit. The error bars denote
1σ statistical errors; the upper limit (arrow) is estimated at the 2σ level. The bottom panel
shows the residuals to the power-law fit. Events with energies between 600 GeV and 34
TeV were used in the determination of the spectrum.
These characteristics suggest an association of the VHE γ-ray emis-
sion with the pulsar’s wind nebula, similar to other PWN associations such
as Vela X (Aharonian et al. (H.E.S.S. collaboration), 2006f) and MSH 15−52
(Aharonian et al. (H.E.S.S. collaboration), 2005c). In this scenario, the VHE γ-radiation
originates from accelerated electrons which up-scatter ambient photons to VHE energies
(leptonic scenario, Section 1.2).
Compared to the size of the PWN as seen in radio (radius ∼1.5′) (Giacani et al., 2001)
and X-rays (radius ∼110′′) (Romani et al., 2005), the implied TeV PWN is a factor of
∼10 larger. Such differences in size have been observed in other PWN associations such as
HESSJ1825−137 (Aharonian et al. (H.E.S.S. collaboration), 2006e), and can be explained
by the different energies, and hence cooling times, of X-ray emitting and VHE γ-ray emit-
















with a mean of 2 keV at X-ray energies and a mean energy of 0.9TeV in VHE γ-rays.
However, in contrast to the PWN of PSR J1826−1334, where a magnetic field strength of
10µG was inferred from X-ray observations (Gaensler et al., 2003), Romani et al. (2005)
estimated a magnetic field as strong as 140µG within the extended X-ray PWN of
PSR B1706−44. In such high magnetic fields, electrons that emit keV X-rays and those
that emit TeV γ-rays have comparable energies and hence comparable cooling times (see
Equation 1.18). Thus, the TeV PWN should appear almost point-like on the 5’ scale of
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Figure 5.18: 4.6◦×4.6◦ overview map of the region containing HESS J1708−443. The
Gaussian (σ=0.075◦) smoothed VHE γ-ray excess from Figure 5.15 is shown in color coding.
The white contours indicate the intensity of the 330MHz radio emission detected in VLA
observations (see also contours in Figure 5.15, by courtesy of Gloria Dubner and Elisabeth
Giacani). The white box illustrates the field-of-view covered by the VLA observations.
Outside of this region the lower resolution 2.4GHz radio continuum data (Duncan et al.,
1995) taken with the Parkes telescope with a resolution of 10.4’ is shown as green contours.
the point-spread-function of the H.E.S.S. instrument. Furthermore, given that the ratio of
X-ray to VHE γ-ray energy flux is determined by the energy density in magnetic fields and
IC target photon fields (Equation 1.19), the predicted γ-ray flux is well below the observed
level (see red curve in Figure 5.21). This is true even if the local target radiation fields
are enlarged by a factor of 10 compared to the average Galactic values for the far-infrared
radiation and by a factor of 2 for starlight, as used in Aharonian et al. (1997).
One way to reconcile the difference in size of the emission regions and the high flux level
of the VHE emission is to assume that the size of the X-ray PWN is essentially governed
by the extent of the high-field region, and that the magnetic field falls off by a large factor
outside the X-ray PWN. Then, electrons can escape from the high-field region and – by
accumulation over a significant fraction of the lifetime of the pulsar – form a larger nebula
only visible in VHE γ-rays. The synchrotron cooling time of electrons up-scattering CMBR








In the 140 µG field inside the X-ray PWN, the cooling time of up-scattering electrons pro-
ducing 1TeV γ-rays is ∼40 years. Assuming a dominantly advective rather than diffusive
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transport process, the necessary average flow speed needed to drive electrons from the
pulsar position to the edge of the X-ray PWN (r ∼ 110′′) within 40 years is ∼ 0.1 c, a rea-
sonable value following the arguments of Kennel & Coroniti (1984) (see also Figure 1.11).
In the low-field region outside the X-ray PWN, the synchrotron lifetime increases. Even
for a magnetic field strength of 10µG, a value about three times as large as the interstellar
magnetic field, the cooling time of the aforementioned electrons is about 8,000 years and
thereby almost half of the spin-down age of the pulsar (17,500 years).
This scenario still does not explain the asymmetry of the VHE γ-ray nebula with re-
spect to the pulsar location, or the lack of detectable radiation from the location of the
pulsar. Such asymmetries were observed before in other TeV PWNs, e.g. HESSJ1718−385,
HESSJ1809−193 (Aharonian et al. (H.E.S.S. collaboration), 2007b) and HESSJ1825-137
(Aharonian et al. (H.E.S.S. collaboration), 2005b, 2006e). They were explained either by
the proper motion of the pulsar or by a density gradient within the ambient medium that
either causes an asymmetry in the reverse shock of the original supernova or different expan-
sion velocities of the TeV emitting electrons (Blondin et al., 2001; van der Swaluw et al.,
2001); in some of the simulations of van der Swaluw et al. (2001) the displaced PWN is
well separated from its pulsar. Both explanations are in principle applicable in this sit-
uation, however, the measured scintillation velocity of less than 100 km/s for the pulsar
renders the former explanation unlikely. The latter explanation would favor an offset of
the TeV PWN towards a low density region, contrary to the observed offset, which brings
the PWN closer to the giant molecular cloud visible in Figure 5.18. It should be noted
that a local density gradient, e.g. directly at the position of the pulsar, could affect the
spatial distribution of the TeV PWN and might not be visible in the Parkes data.
Another problem for leptonic PWN scenarios arises from the fact that the VHE γ-ray
spectrum extends up to at least 20TeV. While synchrotron radiation from TeV electrons
is well below the keV range and escapes detection, the higher-energy electrons responsible
for these VHE γ-rays should create detectable X-ray emission, even for magnetic fields as
low as 5µG. The upper limit of 9·10−13 erg s−1 cm−2 on the 0.1-2.4 keV unabsorbed X-ray
flux (Becker et al., 1995) from the bright radio arc, a region partially coincident with the
putative TeV PWN (see Fig. 5.15), limits the cut-off energy of the electron spectrum to
∼7TeV, at variance with the unusually extended and flat VHE γ-ray spectrum.
In this discussion it was assumed that the pulsar dominantly accelerates electrons. If a
considerable fraction of the accelerated particles are hadrons, as discussed by Horns et al.
(2007), the constraints imposed by the large magnetic field within the X-ray PWN are
removed. The TeV emission would then originate from π0 meson decay produced in inelastic
interactions of accelerated protons with ambient gas (hadronic scenario, see Section 1.2.1),
and the VHE γ-ray emission would trace the distribution of the target material. The bright
radio arc, which was interpreted by Bock & Gvaramadze (2002) as the compressed outer
boundary of the former wind blown bubble, could act as such a region of enhanced target
material density, which would explain its coincidence with the H.E.S.S. source.
SNR G 343.1−1.3
The H.E.S.S. source is partially coincident with the bright radio arc and the surrounding
diffuse emission of the SNR visible in the 1.4GHz observations taken with the ATCA instru-
ment (see Figure 5.15). The best fit position of the H.E.S.S. source is consistent with the
apparent center of the bright radio arc (α2000=17
h8m and δ2000=−44◦16′48′′). However,
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due to low statistics in the VHE data, no conclusions can be made about morphologi-
cal similarities. No significant VHE emission was detected from the broad-scale/diffuse
emission visible further to the East of the bright radio arc, as seen in the low resolution
2.4GHz continuum radio data (Duncan et al., 1995) (Figure 5.18). This diffuse radio emis-
sion was interpreted by Bock & Gvaramadze (2002) as originating from the eastern half of
the expanding SNR shell, propagating into a low-density region.
Similar to the potential association with the PWN of PSR B1706−44, again both,
leptonic and hadronic scenarios for VHE γ-ray production have to be considered. The
leptonic scenario suffers from the same difficulties mentioned in the discussion of the PWN
association: the non-detection of the SNR at X-ray energies implies a low energy cut-off in
the injected electron spectrum below roughly 7TeV for a magnetic field strength of 5µG,
which is difficult to reconcile with the hard γ-ray spectrum reaching up to at least 20TeV
(see Figure 5.21, black solid curve). A free fit of a simple leptonic model to the available
multi-wavelength data results in a cut-off in the electron spectrum at ∼50TeV, but with
an unreasonably low magnetic field of ∼1µG. Even this optimized scenario does not fully
describe the hard VHE γ-ray spectrum (Figure 5.21, black dashed curve).
In the hadronic scenario, where synchrotron radiation is expected only from secondary
electrons, the lack of X-ray detection can easily be accounted for. In this scenario, the total
energy in accelerated protons Wp in the energy range 10-100 TeV necessary to produce the
observed γ-ray luminosity Lγ can be estimated from Relation 1.28:
Wp(10 − 100TeV) ≈ τγ × Lγ(1− 10TeV) (5.8)





s is the characteristic cooling time of protons through the
π0 production channel. The total energy within the whole proton population WP(tot) ≈





is then estimated by extrapolating the proton spectrum
down to 1GeV assuming the same spectral shape as the γ-ray spectrum. For a total
energy of 1051 erg released in the supernova explosion, an acceleration efficiency of ǫ=0.15
and a distance of 2.5 kpc, the necessary average proton density is n≈3.5 cm−3, only slightly
larger than the average Galactic ambient density.
The measured VHE γ-ray spectrum reaches up to at least 20TeV. The spectral en-
ergy distribution of γ-rays produced in the decay of mono-energetic protons drops sharply
beyond roughly 15% of the original proton energy (see e.g. Kelner et al., 2006). There-
fore, the parent proton population giving rise to the detected VHE γ-ray emission has
to extend up to at least 130 TeV, a limit which is increasingly difficult to explain as
the age of the system becomes larger. An association of SNR G 343.1−2.3 with the
pulsar PSR B1706−44, a scenario controversely discussed in the community, (see e.g.
Bock & Gvaramadze, 2002; Romani et al., 2005), would make the SNR rather old (∼
17,000 years) and place it in the late Sedov-Taylor, or more likely, in the radiative
phase (Section 1.3.1). However, the γ-ray emitting SNR shells unambiguously identified
so far, such as RXJ1713.7−3946 (Aharonian et al. (H.E.S.S. collaboration), 2007d) and
RXJ0852.0−4622 (Aharonian et al. (H.E.S.S. collaboration), 2007c), are much younger
(∼2000 years). In case of an old SNR, a rather low ambient density is necessary to main-
tain the high shock velocity required for proton acceleration beyond 100TeV. Following
the approach of Truelove & McKee (1999) presented in Section 1.3.1 and assuming a very
low ambient density of n≈0.001 cm−3, a 10 solar mass progenitor star, and an energy re-



























Figure 5.19: HI line emission intensity in units of K km s−1, as measured by the Parkes tele-
scope during the Southern Galactic Plane Survey (SGPS) (McClure-Griffiths et al., 2005).
The intensities are integrated in the velocity range from -13.79 kms−1 to -21.21 km s−1,
corresponding to a distance of 1.6-2.3 kpc or 13.7-13.0 kpc. Contours of the Gaussian
(σsmooth = 0.075
◦) smoothed VHE γ-ray excess are shown in blue. The red contours depict
the intensity of the radio emission measured by the VLA instrument at 330MHz, see also
Figure 5.15 (by courtesy of Gloria Dubner and Elisabeth Giacani). The radio data has
been smoothed with the same Gaussian brightness profile as the HESS data. The white
circle illustrates the integration region for the velocity profile shown on the right.
1800 km/s. Following Ptuskin & Zirakashvili (2005), the maximally reached proton energy
is then as high as 92TeV (using Equation 1.44). However, to explain the observed γ-ray
flux, the average density must exceed 3.5 cm−3. A constant ambient density of 3.5 cm−3
would result in a shock velocity of ∼200 km/s and a maximum proton energy of a few TeV.
To reconcile both requirements the SNR shell had to enter a higher density region in the
recent past. Such a scenario was used by Bock & Gvaramadze (2002) to explain the diffuse
radio emission outside the bright radio arc.
If the SNR is in the radiative phase, the ambient material swept up by the SNR should
be visible in CO or HI data. Unfortunately, no high resolution CO data are available
at the moment, but a ring-like structure is visible in the HI line emission survey of the
Parkes telescope, as shown in Figure 5.19. The structure is best visible in the velocity
range −13.79 km/s to −21.21 km/s corresponding to a distance of either 1.6-2.3 kpc or
13.7-13.0 kpc, seen in Figure 5.20. The closer distance is compatible with the distance
estimate of 2.3 kpc for the SNR extracted from dispersion measurements (Romani et al.,
2005, and references therein). A rough estimate of the mass of the HI structure extracted
from the radial region illustrated by the white dashed circle in Figure 5.19 is of the order
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Figure 5.20: Velocity profile of HI line emission intensity, integrated within the dashed
circle shown on the left. The velocity resolution is 0.08 km s−1. The distance/velocity
correspondence from the Galactic rotation model from Fich et al. (1989) is also shown.
of 6,000 solar masses. Assuming radial symmetry, this corresponds to an original density
of the swept up mass of a few protons per cm3, comparable to the density requirements
inflected by the observed γ-ray flux. The bright radio arc and the VHE γ-ray emission
coincide spatially with only one half of the HI shell-like structure. This situation can
be explained by the additional dependence of the radio and γ-ray emission on the target
density which is probably higher closer to the parent molecular cloud. It should be noted
that since the shell-like structure is nearly complete and the pulsar lies close to its center,
the scenario of an off-center cavity explosion as suggested by Bock & Gvaramadze (2002)
would be disfavored.
So far, the discussion of a putative association of HESS J1708−443 with the SNR
G 343.1−2.3 was based on the assumption that the SNR and the pulsar PSR B1706−44
were created at the same time. If this assumption proves to be wrong, very little is
known about the SNR. The age estimate using a Sedov-Taylor model is about 5,000 years
(McAdam et al., 1993; Nicastro et al., 1996). The younger age would further ease the
proton acceleration to energies beyond 100TeV.
5.3.5 Summary
H.E.S.S. observations have led to the discovery of a new extended VHE γ-ray source
HESS J1708−443. The possible associations of HESS J1708−443 with the energetic pulsar
PSR B1706−44 and the SNR G 343.1−2.3 have been discussed using radio and HI line
data. No γ-ray emission was detected at the position of the pulsar, in clear disagreement
with the measurement reported by other Cherenkov instruments. The depletion of γ-rays
in its vicinity renders the association of the pulsar to the H.E.S.S. source less likely even
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though offset TeV PWN have been observed before. The diffuse broad scale radio emission,
proposed to originate from the interaction of the SNR with an ambient molecular cloud,
is positionally coincident with HESS J1708−443, suggesting an association. However, the
possible connection of the SNR to PSR B1706−44 or to a shell-like structure discovered in
HI line emission data suggests the SNR is in a later evolutionary stage than other previously
detected VHE SNRs.
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Figure 5.21: Spectral energy distribution of the PWN of PSR B1706−44 (red data points)
and of the broad scale emission around G 343.1−2.3 (black data points). At very high
energies the differential H.E.S.S. upper limits from region A (red) and the H.E.S.S. spec-
trum extracted from region C (black) are shown. At γ-ray energies, the time averaged flux
detected by the EGRET satelite (Thompson et al., 1992) from the vicinity of the pulsar is
shown as an upper limit to the unpulsed emission from the PWN. At X-ray energies the flux
measured from the equatorial PWN by Romani et al. (2005) using the Chandra satelite
(red) and the upper limit from the bright radio arc measured by Becker et al. (1995) with
the ROSAT satelite (black) are depicted. At radio energies the flux points measured by
Frail et al. (1994b) for the broad scale radio emission (black) and by Giacani et al. (2001)
for the pulsar (red) are given. A simple Synchrotron/Inverse Compton model was fit to the
data. Only Inverse Compton scattering in the Thompson regime on the Cosmic Microwave
Background Radiation and on photons from dust and starlight is considered. Following
Aharonian et al. (1997), the energy density of the dust far-infrared radiation is fixed to
0.5 eV/cm3. The local star light density is set to 1 eV/cm3. The red curve is the best fit
to the pulsar region emission data points assuming a magnetic field of 140µG as suggested
by Romani et al. (2005). The black dashed curve represents a free fit to the broad scale
emission, resulting in a magnetic field of ∼ 1µG, the black solid curve marks the best fit
with a fixed magnetic field of 5µG. Parameters labeled with a (*) have been fixed in the
corresponding fit.
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Eighteen years after the discovery of the Crab nebula by the Whipple collaboration,
Imaging Atmospheric Cherenkov telescopes have detected 52 VHE γ-ray sources within
our Galaxy. When H.E.S.S. started operation in the year 2003, only ∼10 such sources
were known including some false detection claimed by the Cangaroo collaboration such
as PSR B1706-44 and SN 1006. The H.E.S.S. Galactic plane survey, the results of which
have been presented within this work, was remarkably successful in detecting new sources,
adding further ∼35 previously unknown VHE γ-ray emitters to the Galactic γ-ray club.
The increasing number of these sources allows one now – for the first time – to look for
common properties among them: most cluster closely along the Galactic plane hinting at
large distances on the order of kilo parsecs rather than local objects; their energy spectra
follow power laws, with a rather hard spectral indices < Γ >≈ 2.3, well compatible with
the predictions of diffusive and/or relativistic shock acceleration.
Extensive multi-wavelength studies have been performed to identify the individual as-
trophysical objects giving rise to the observed VHE γ-ray emission. So far three distinct
classes of counterparts have been established with confidence: supernova remnants, pul-
sar wind nebulae and binary systems. Up to now, shell-like VHE morphology has been
unambiguously resolved in only two shell-type supernova remnants: RX J1713.7-3946 and
Vela Jr. Hopefully, RCW 86 will join them in the near future when more data is taken
on this source. The nature of the energetic particles within the expanding shocks of these
objects is still not settled. A hadronic origin could be established by a spatial correlation
of the γ-ray emission with available target material. Such a correlation might have already
been found with the detection of HESS J1800-240 and HESS J1801-233 in the old SNR
W 28.
Pulsar wind nebulae provide the largest population of identified VHE γ-ray emitters.
HESS J1912+101 and HESS J1708-442, the discovery of which was presented in this work,
might also belong to this class. Given the large number of extended VHE γ-ray sources
within the Galaxy, the probability of a chance coincidence with a pulsar is not negligible.
Carrigan et al. (2007) performed a statistical study of PWN associations and found a
clear excess of positional coincidences with high spin-down luminosity pulsars beyond the
expectations for chance coincidences. The implied conversion efficiencies from rotational
energy to VHE γ-rays is of the order of 1%.
Binary systems of a compact object and a massive star constitute the third class of
well established Galactic VHE γ-ray sources. Three of them have been identified so far:
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Figure 6.1: Simulated view of the Galactic plane with an Imaging Cherenkov instrument
with 10 times the effective area of the H.E.S.S.-I experiment; assumed was an angular
resolution and a background rejection improved by a factor 2 with respect to H.E.S.S.-I,
the resultant sensitivity improvement is approximately by a factor of 9. By courtesy of
German Herman.
PSR B1259−63, LS 5039 and LSI+61 303, which was discovered by the MAGIC collabo-
ration. They appear to be either microquasars or binary PWN. The association with the
later seems certain only for PSR B1259−63, in the other two cases the orbiting compact
objects could be black holes. Beyond these established source classes, indications of a new
emerging class have been found through the detection of HESS J1023-575, which is posi-
tionally coincident with a cluster of massive stars. The proposed association of the VHE
emission to their collective winds, however, needs to be strengthened by further discoveries
of such kind. Despite the ongoing effort, many of the currently known Galactic sources re-
main unidentified, paying tribute to the difficulties involved in identifying extended sources
without clear substructure in a region as crowded as the Galactic plane.
The first phase of the H.E.S.S. Galactic plane survey is now complete, the survey region
spans from l=280◦ to l=60◦ covering a strip of ∼6◦ width centered along the Galactic Plane.
A further extension of the survey region is hardly possible due to the disadvantageous zenith
angles and the rainy season in Namibia. Future observations with the H.E.S.S. phase-I
array will most likely concentrate on individual sources and on deep surveys of selected
regions within the Galactic plane. This will naturally change when the second stage of
extension of the H.E.S.S. experiment becomes operative. HESS phase-II consists of the
original HESS-I array upgraded by a fifth telescope which is considerably larger (600m2)
than any of the other four telescopes and will be placed in the center of the array. The
additional telescope will decrease the energy threshold down to ∼20GeV and additionally
improve its sensitivity in the current HESS-I energy range. The improved performance of
the HESS-II experiment will probably lead to the detection of even more Galactic VHE γ-
ray sources. Furthermore, the reconstruction of a wider spectrum in energy can give useful
information on the γ-ray production mechanisms in SNRs and will help to distinguish
leptonic and hadronic scenarios. In the case of pulsars, low-energy measurements might
allow to distinguish between the two basic model classes, the pulsar cap and the outer gap
model.
The construction of the large H.E.S.S.-II telescope has already begun and will be fin-
ished in the year 2009. A project a bit further in future is the Cherenkov Telescope Array
(CTA), which is being designed as the next generation ground-based γ-ray instrument.
CTA is supposed to serve as an open observatory in contrast to the current instruments
which are operated by collaborations. The aim of this project is to improve the sensitivity
by a factor of 5-10 in the current HESS-I energy range and extend the accessible energy
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domain to well below 100GeV and to above 100TeV. The project is currently in the stage
of design studies and simulations. Figure 6.1 shows a possible view of the Galactic plane
observed with a CTA-like instrument, suggesting a bright future for VHE γ-ray astronomy.
149
CHAPTER 6. CONCLUSIONS AND OUTLOOK
150
Appendix A
The H.E.S.S. Galactic Plane
Survey: More Details
In this section additional information will be given on the H.E.S.S. Galactic plane survey.
The two additional significance maps which are used in the blind search for unknown VHE
γ-ray sources within the Galactic plane are shown. The maps are equivalent to Figure 4.5
but are produced with different correlation radii. Furthermore, additional flux maps of the
Galactic plane will be presented. At the end a table is given summarizing all publications
concerning Galactic VHE γ-ray sources observed with the H.E.S.S. experiment.
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A.1 Additional Significance and Flux Maps
Figure A.1: Additional significance map of the H.E.S.S. Galactic plane survey region used
to search for new VHE γ-ray sources. The maps was created using the parameter set 1
summarized in Table 4.2. All VHE γ-ray source from Table 4.4 and 4.5 are labeled. The
color scale is truncated at 15 σ for visibility.
152
A.1. ADDITIONAL SIGNIFICANCE AND FLUX MAPS
Figure A.2: Third significance map of the H.E.S.S. Galactic plane survey region produced
using parameter set 3 given in Table 4.2. The color scale is truncated at 15 σ for visibility.
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Figure A.3: Flux map of the H.E.S.S. Galactic plane survey region in units of cm−2 s−1.
The map is equivalent to Figure 4.7 with the exception that no requirement on the signif-
icance of signal is made. Only regions with a point-source sensitivity of better then 2.5%
of the Crab nebula flux are shown.
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Figure A.4: Flux map of the H.E.S.S. Galactic plane survey region in units of cm−2 s−1.
The map is equivalent to Figure 4.7, only the correlation radius has been changed to 0.1◦.
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A.2 Sources and their References
Source Reference
HESS J1023-575 Aharonian et al. (H.E.S.S. collaboration) (2007a)
HESS J1303-638 Aharonian et al. (H.E.S.S. collaboration) (2005f)
HESS J1303-631 Aharonian et al. (H.E.S.S. collaboration) (2005f)
HESS J1356-645 Aharonian et al. (H.E.S.S. collaboration) (2008e)
HESS J1418-609 Aharonian et al. (H.E.S.S. collaboration) (2006d)
HESS J1420-607 Aharonian et al. (H.E.S.S. collaboration) (2006d)
HESS J1427-608 Aharonian et al. (H.E.S.S. collaboration) (2008g)
HESS J1442-623 Hoppe et al. (2007b)
HESS J1507-622 not published
HESS J1514-591 Aharonian et al. (H.E.S.S. collaboration) (2005c)
HESS J1614-518 Aharonian et al. (H.E.S.S. collaboration) (2005a)
HESS J1616-508 Aharonian et al. (H.E.S.S. collaboration) (2005a)
HESS J1626-491 Aharonian et al. (H.E.S.S. collaboration) (2008g)
HESS J1632-478 Aharonian et al. (H.E.S.S. collaboration) (2006h)
HESS J1634-472 Aharonian et al. (H.E.S.S. collaboration) (2006h)
HESS J1640-465 Aharonian et al. (H.E.S.S. collaboration) (2005a)
HESS J1708-442 not published
HESS J1702-420 Aharonian et al. (H.E.S.S. collaboration) (2006h, 2008g)
HESS J1708-410 Aharonian et al. (H.E.S.S. collaboration) (2006h, 2008g)
HESS J1713-397 Aharonian et al. (H.E.S.S. collaboration) (2004b, 2006b, 2007d)
HESS J1714-385 Aharonian et al. (H.E.S.S. collaboration) (2008b)
HESS J1713-381 Aharonian et al. (H.E.S.S. collaboration) (2006h, 2008a)
HESS J1718-385 Aharonian et al. (H.E.S.S. collaboration) (2007b)
HESS J1731-347 Aharonian et al. (H.E.S.S. collaboration) (2008g)
HESS J1745-303 Aharonian et al. (H.E.S.S. collaboration) (2006h, 2008f)
HESS J1745-290 Aharonian et al. (H.E.S.S. collaboration) (2004c)
HESS J1747-281 Aharonian et al. (H.E.S.S. collaboration) (2005g)
HESS J1800-240 Aharonian et al. (H.E.S.S. collaboration) (2008c)
HESS J1801-233 Aharonian et al. (H.E.S.S. collaboration) (2008c)
HESS J1804-216 Aharonian et al. (H.E.S.S. collaboration) (2005a, 2006h)
HESS J1809-193 Aharonian et al. (H.E.S.S. collaboration) (2007b)
HESS J1813-178 Aharonian et al. (H.E.S.S. collaboration) (2005a, 2006h)
HESS J1826-148 Aharonian et al. (H.E.S.S. collaboration) (2005d, 2006a)
HESS J1825-137 Aharonian et al. (H.E.S.S. collaboration) (2005a,b, 2006e)
HESS J1833-105 Djannati-Atai et al. (2007a)
HESS J1834-087 Aharonian et al. (H.E.S.S. collaboration) (2005a, 2006h)
HESS J1837-069 Aharonian et al. (H.E.S.S. collaboration) (2005a, 2006h)
HESS J1841-055 Aharonian et al. (H.E.S.S. collaboration) (2008g)
HESS J1843-033 Hoppe et al. (2007a)
HESS J1846-029 Djannati-Atai et al. (2007a)
HESS J1848-018 not published
HESS J1858+020 Aharonian et al. (H.E.S.S. collaboration) (2008g)
HESS J1857+026 Aharonian et al. (H.E.S.S. collaboration) (2008g)
HESS J1908+062 Djannati-Atai et al. (2007b)
HESS J1912+101 Aharonian et al. (H.E.S.S. collaboration) (2008d)
Table A.1: Table of references for all Galactic VHE γ-ray sources
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